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Chapter 1

Introduction

The Sun makes life on Earth possible and enjoyable and it is clear that the heat we
receive from the Sun has an important influence on the evolution of life on our planet.
At first sight, the Sun seems a rather boring, static object on the sky. However, when
during a solar eclipse the Moon occults the solar disk and blocks most of the solar
light, the helmet streamers surrounding the Sun become visible. Looking at the Sun
in different wavelengths shows the different faces of the Sun. The outer layer of the
solar atmosphere, the corona, has a temperature in excess of a million Kelvin. This
hot outer layer is the origin of the solar wind – a continuous stream of highly ener-
getic particles escaping from the Sun. Images of the Sun in X-rays reveal a highly
dynamic atmosphere, structured by the Sun’s magnetic field. Shearing and rotating
motions of the magnetic foot points, magnetic flux emergence and cancellation are
processes that can energise the solar corona. When a certain threshold is exceeded,
the magnetic field might reconnect and cause transient events like solar flares. One
of the most spectacular transient events are Coronal Mass Ejections (CMEs). Dur-
ing these dramatic eruptions closed magnetic field lines are opened and enormous
amounts of solar material (in the range of 1013 − 1016 g) are ejected into interplan-
etary space on a timescale of only a few hours. Typical CME velocities are in the
range of 400–500 km s−1, but can amount to more than 2500 km s−1. These events
involve large-scale changes in the coronal structure and significant disturbances in the
solar wind. Especially the massive, fast CMEs are interesting to study as they cause
shock waves that propagate through the heliosphere, which can accelerate energetic
particles and give rise to so-called gradual Solar Energetic Particle (SEP) events. The
interplanetary (IP) shocks, energetic particles, and magnetic clouds created by CMEs
can interact with the magnetosphere of the Earth, causing geo-magnetic storms which
can have harmful consequences for communication and navigation systems, power
supplies, etc. The various perturbations of the Earth’s magnetosphere and outer at-
mosphere caused by the solar activity is what is called space weather. In our modern
high-tech society, the importance of reliable predictions of the space weather and its
effects on technological systems, human life and health gains more and more impor-
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tance. Consequently, a careful study of the origin, the structure, and the propagation
characteristics of those violent solar phenomena is essential for a deeper insight into
space weather physics. This, in turn, is required for more accurate and reliable pre-
dictions and long-term forecasts of the space weather.

Since the beginning of the space age, the knowledge about the Sun has tremen-
dously increased. Still, many questions remain unanswered. In general, it is agreed
that CMEs are the result of a catastrophic loss of mechanical equilibrium, though,
the exact trigger mechanism(s) is still unknown. A possible tool to get a better un-
derstanding of these phenomena are numerical simulations. The solar corona is a
medium consisting mainly out of ionised particles and electrons, and is penetrated
with magnetic field. To model such a medium a set of partial differential equations
is solved, combining the equations for fluid dynamics with the Maxwell equations
for the electro-magnetic field. Due to the different physical regimes involved and due
to the largely varying spatial and temporal scales, numerical modelling of solar tran-
sients and prediction of space weather is a very challenging task, which requires a
large amount of computational power and the continuous improvement of numerical
techniques and physical models.

This thesis summarises the work done over the last four years in the framework of
the doctoral study. This research tries to contribute to a better understanding of CME
initiation and evolution. In order to achieve this goal, several numerical simulations
were carried out, in which the equations for ideal magnetohydrodynamics (MHD)
were solved. Over the last four years, the computer facilities at the K.U.Leuven have
changed considerably. While at the start of this research every simulation had to be
done on a single desktop PC, right now a high-performance cluster with more than
800 computational cores is available. This allows to simulate events from the Sun to
the Earth, using massive parallel computations.

1.1 Outline

Since the Sun takes a central place in this work, the next chapter contains an overview
of the most important facts and figures of this star. The phenomena solar wind, CME,
and space weather will be explained in some detail. An overview of the recent progress
in the modelling of the Sun–Earth system will be given. Chapter 3 gives a description
of the mathematical model used to describe the heliosphere and solar transients and the
numerical technique used to solve the equations. Within this mathematical framework
several models for the solar wind were constructed, which served as a background for
the CME initiation and propagation simulations. Chapter 4 is devoted to the different
solar wind models used throughout this work. The influence of the model used for
the background solar wind on the initiation of CMEs is investigated in Chap. 5, where
shearing of the magnetic foot points is used to trigger the CME. The effect of the
background wind on the evolution and propagation of CMEs is studied in Chap. 6. In
this study, the CMEs were created by launching high density blobs in the solar wind,
whether or not having a magnetic flux rope included in the blob. The effect of the
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polarity of the flux rope on the CME evolution was investigated as well. The studies
presented in Chap. 5 and Chap. 6 were carried out under the assumption of axial
symmetry. However, this is a serious simplification of the reality. Therefore, similar
simulations were performed in a full three-dimensional configuration, and the result
was compared with the axisymmetric simulations. The outcome of this comparative
study is summarised in Chap. 7. Finally, a three-dimensional simulation was carried
out, where the evolution of a CME and its associated magnetic cloud between the Sun
and the Earth were investigated. The results are presented in Chap. 8. In a concluding
Chap. 9 the main results of this thesis are summarised.
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Chapter 2

The Sun-Earth connection

2.1 The Sun: interior and atmosphere

The Sun is our nearest star and the most important element in the solar system. More
than 99% of all mass in the solar system is contained in the Sun. Without the Sun, any
form of life on our planet would be impossible. The Sun is a huge ball of hot ionised
gas, or plasma, with a radius 110 times the radius of the Earth, kept together by its
gravity. Because of its proximity, it is the most studied star in the universe and the
closest laboratory for studying how other stars evolve. However, many of its secrets
still have to be revealed. In comparison with some other stars at the stellar firmament,
the Sun is a rather dull object. It is a main sequence star of spectral type G2V with an
age of about 4.5 billion years. The Sun will eventually evolve into a red giant and end
its life as a white dwarf in another 5 billion years or so.

The primary source of energy in the Sun is a series of nuclear fusion reactions
in which four hydrogen nuclei are fused (in a three-step process) to form one helium
nucleus. The tremendous pressure in the interior of the Sun pushes protons close
enough together for hydrogen fusion to take place. Only near the centre of the Sun
are the temperature ( ≈ 15 × 106 K) and the density (≈ 1.5 × 102 g cm−3) of hydrogen
great enough to support fusion. The solar core, where nuclear fusion takes place,
extends to perhaps 25 % of the radius of the Sun. The energy produced in the core is
radiated outwards. Inside the Sun, radiation is the principal means of energy transport.
During its journey to the solar surface, the radiation emitted by the core is absorbed
and re-emitted in random directions and this numerous times. The travel time for a
photon to reach the surface is about 106 years. As a result of the many absorptions and
re-emissions, any information about the Sun’s core carried by the photons produced
there is lost to us. Approximately 200 000 km below the solar surface the opacity of
the matter becomes too high and radiation is no longer an efficient mechanism for the
transport of the energy. This is where convection sets in and becomes the main means
of energy transport. The inner structure of the Sun is illustrated in Fig. 2.1.

At the top of the convection zone, which extends down to approximately 70 % of
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Figure 2.1: Illustration of the Sun’s inner structure and atmosphere.

the solar radius, the gas becomes optically thin, allowing the photons to escape from
the Sun. The energy of the Sun is released primarily as ultraviolet, visible, and infrared
radiation. The thin layer of about 400 km thick from which most of the observed op-
tical photons originate, is called the photosphere. Intuitively, one would expect the
temperature to decrease when moving away from the heat source. Initially, this is
indeed the case. The temperature in the photosphere varies from about 6500 K at the
bottom to about 4400 K at the outer edge. However, from this point on, the tempera-
ture starts rising again. The layer of the solar atmosphere that stretches out for about
2000 km above the photosphere is named the chromosphere. At the top of the chro-
mosphere the temperature amounts to about 30 000 K. Above the chromosphere the
temperature continues to increase reaching values of 2×106 K in the outer layer of the
solar atmosphere, the corona. This change in temperature occurs rapidly in a transi-
tion region of about 300 km thick between the chromosphere and the corona. The hot
corona was discovered in the late 1930’s, when it was realised that the unusual lines
in the solar spectrum seen during a solar eclipse where not caused by a new element
dubbed “coronium”, but were in fact emitted by iron, calcium, and nickel in states
of high ionisation. Most of the radiation coming from this region is located in the
extreme ultraviolet and X-ray part of the electromagnetic spectrum. The first images
of the solar corona in X-rays became available in the early 1970’s with the OSO (Or-
biting Solar Observatories) and Skylab missions. Although the coronal plasma is at
very high temperatures, it does not look bright in white light, since the density in the
corona is extremely low (about 10−12 times the density of air at sea level on Earth).
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Observing the solar corona with the naked eye from the Earth is only possible dur-
ing a solar eclipse, when the direct light coming from the photosphere is blocked by
the Moon. Eclipse and X-ray images of the corona show that the coronal plasma is
highly structured. The most common coronal structures seen on eclipse photographs
are bright helmet streamers. Streamers appear brighter than the rest of the corona be-
cause the gas density within them is larger than their surroundings, which increases
scattering of sunlight and thus leads to enhanced brightness.

When looking at the photosphere, dark spots of cooler material, sunspots, can be
observed. Sunspots are temporary phenomena, lasting from a few hours to a few
months. By following the motion of these features, it became clear that the Sun
shows a differential rotation, with the equator region rotating faster than the polar re-
gions. The sunspots are a manifestation of the Sun’s magnetic field. Inside a sunspot
the magnetic field can be up to a 1000 times stronger than in the surrounding pho-
tosphere. Sunspots are often observed in pairs of opposite polarity.The number of
sunspots varies with a period of about 11 years, and from one sunspot cycle to the
next the magnetic polarities of sunspot pairs undergo a reversal in each hemisphere.
The sunspot field is one part of the overall large-scale solar field; the other is the polar
field, which also reverses every 11 years, but is out of phase with the sunspot field
and reverses at sunspot maximum. Overall, the solar magnetic field follows a 22 year
cycle.

Comparison of X-ray and white light images of the Sun taken simultaneously re-
veal that the brightest X-ray emitting regions are almost always overlying sunspots or
active regions, i.e. regions of high magnetic activity. This observational fact strongly
suggests that the magnetic field plays an important role in the heating of the coronal
plasma to its million degree temperature, although its mode of operation is not fully
understood. The coronal heating problem remains one of the most important problems
in solar physics (Walsh & Ireland 2003; Klimchuk 2006). The dark regions appearing
in X-ray images of the solar corona, are regions with a lower density and are called
coronal holes. Coronal holes are regions of “open” magnetic field lines, along which
coronal gas can flow outward into interplanetary space. Within helmet streamers,
on the other hand, the coronal material is effectively trapped by the closed magnetic
field lines. The streamers are large scale coronal structures that evolve slowly, and
extend in general to much higher latitudes as the active regions, sometimes even as
high as the poles. This indicates that the global large scale coronal structure of the
Sun evolves in a manner that is at least partially decoupled from the evolution of the
active regions. During sunspot minimum the streamers are positioned around the so-
lar equator, while at sunspot maximum the corona looks more spherically symmetric
with streamers appearing at all latitudes. Figure 2.2 shows the Sun at four different
stages of the latest solar cycle, as imaged by the Extreme ultraviolet Imaging Tele-
scope (EIT) on board of the SOlar and Heliospheric Observatory (SOHO) – a joint
ESA/NASA project launched in 1995 and still operational.
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Figure 2.2: EIT images of the Sun at 195Å showing the corona at a temperature
of about 106 K, demonstrating the increase in activity as the solar cycle attains its
maximum in the year 2000. Source: http://sohowww.nascom.nasa.gov/gallery/images/.

2.2 The solar wind

The Sun’s outer atmosphere is so hot that gravity cannot prevent it from continually
expanding. The continuous stream of high energetic particles emanating from the
Sun is known as the solar wind. Parker (1958) was the first to realise that the solar
corona has to expand and he predicted a transonic outflow from the hot corona into
interplanetary space. A few years later, the first detections of a supersonic flow in
interplanetary space were made by a group of Russian scientists. Another piece of
evidence for the existence of a particle stream escaping from the Sun is the deflection
of comet tails. At all heliographic latitudes and during all phases of the solar cycle,
comet tails point away from the Sun, implying that the solar wind is omnipresent in
interplanetary space.

The bulk of the solar wind consists of electrons and protons. The next most abun-
dant ion is He++. Also traces of heavier ions in different ionisation stages are present.
In fact, the composition of the solar wind reflects the chemical composition of the
solar atmosphere. Since the solar wind plasma is highly electrically conductive, the
solar magnetic field lines are dragged away by the flow, and wound into spirals due to
the solar rotation. At 1 AU the magnetic field makes on average an angle of 45◦ with
the solar radial direction.

Space missions have revealed the existence of two major types of solar wind: a
fast, tenuous, and almost uniform stream, and a slow, dense, and more turbulent com-
ponent. The sources of the fast solar wind are the regions in the corona of “open”
magnetic field or coronal holes. In interplanetary space the fast wind has speeds ex-
ceeding 700 km s−1. The slow wind is more turbulent than the fast wind and origi-
nates from the tips and edges of temporarily open streamers or from opening loops
and active regions. Whereas the proton density is rather stable in the fast streams,
it drastically varies in the slow wind, indicating the strongly variable conditions in
the solar sources. Similarly, the temperature varies substantially in the slow wind,
but is on average constant and higher in the fast component. The α-particle to pro-
ton ratio is nearly constant in the fast wind with a ratio of around 4.3%, while the



2.3 Coronal mass ejections 15

helium abundance is typically less and highly variable in the slow wind. Spacecrafts
like the Advanced Composition Explorer (ACE) are continuously measuring the so-
lar wind properties near the Earth. From satellite observations it is known that at the
Earth the solar wind is highly variable. It can be as slow as 250 km s−1 and faster than
750 km s−1, but typically it has a velocity of about 400 km s−1. The density in the so-
lar wind is more variable than the velocity, ranging from about 0.1 cm−3 to 100 cm−3.
The Ulysses spacecraft, launched in 1990 and flying in a solar polar orbit, has pro-
vided scientists for the first time with direct measurements of the solar wind plasma
and magnetic field at high-latitude positions. A full solar cycle of measurements is
available, learning us that the variation in solar wind properties changes with latitude
during the course of the solar cycle, in close correspondence with the changes in the
source regions of the solar wind in the lower corona (McComas et al. 2003). During
solar minimum the fast wind dominates the heliosphere from about 20◦ above and
below the equatorial plane, whereas during solar maximum a more complex pattern
of alternating slow and fast wind is observed. Only near the polar region, due to the
small coronal hole still existing around maximum, always a source of fast solar wind
was found. This is illustrated in Fig. 2.3 showing the variation of the solar wind speed
with latitude as measured by the Ulysses spacecraft during its two full orbits.

2.3 Coronal mass ejections
As mentioned before, the helmet streamers in the corona are stable structures that
can be present for several months. Their existence often comes to an end abruptly
through one of the larger-scale and perhaps most spectacular manifestations of solar
activity: Coronal Mass Ejections (CMEs). A CME is defined as “. . . an observable
change in coronal structure that (1) occurs on a time scale of a few minutes to sev-
eral hours and (2) involves the appearance and outward motion of a new, discrete,
bright, white light feature in the coronagraph field of view” (Hundhausen et al. 1984;
Schwenn 1996). These dynamic events were discovered less than four decades ago
by the white light coronagraph1 on board of OSO-7 on December 14, 1971 (Tou-
sey 1973). Most of the knowledge about the statistical properties of CMEs is de-
rived from the data of the Large Angle and Spectrometric Coronagraph experiment
(LASCO) on board of SOHO. The LASCO instrument has at present two working
coronagraphs, C2 and C3, each with a different field of view, covering in total the
range from 2 to 32 solar radii. Between 1996 and 2006, LASCO observed over 11 500
CMEs (http://cdaw.gsfc.nasa.gov/CME list/).

Several authors have discussed the measured properties of CMEs (e.g. Howard
et al. 1985; Hundhausen et al. 1994; St. Cyr et al. 2000; Yashiro et al. 2004; Webb
et al. 2006). The speed of a CME can range from less than 100 km s−1 to more than
2000 km s−1, with an average of ∼ 450 km s−1. Most of the slow CMEs, with veloc-
ities below 250 km s−1, accelerate when propagating outward, while most of the fast

1A coronagraph is an instrument that creates an artificial solar eclipse by occulting the solar disk. In this
way, most of the light coming from the photosphere is blocked and the corona becomes visible.
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Figure 2.3: Polar plots of solar wind speed as measured by the Ulysses spacecraft.
The figure on the left coincides with the decline and minimum of solar activity. The
plot on the right is for a period of enhanced and maximum activity. The bottom panel
shows the average monthly and smoothed sunspot number throughout the two orbits
(after McComas et al. 2003).

CMEs (V > 950 km s−1) show a decelerating velocity profile. The apparent width of
CMEs ranges from a few degrees to more than 120 degrees. CMEs occurring near the
centre of the solar disk fill the full field of view and are called halo CMEs. These are
CMEs heading towards or away from the observer. For CMEs occurring away from
the limb, the projection effects are large and caution is advised in the interpretation
of the measured velocities and angular span. The amount of solar material ejected
into interplanetary space during a CME event is in the range 1013 − 1016 g, with an
average of ∼ 1015 g. The total amount of energy released varies from 1027 to 1033 erg.
CMEs are very common phenomena. Their occurrence rate varies with the solar cycle
from less than one per day during solar minimum to more than six per day during
solar maximum. Also the latitude at which CMEs occur seems to vary with the solar
cycle. During the rising phase of the cycle, CME latitudes are generally close to the
equator and subsequently spread to all latitudes. During solar maximum CMEs even
are observed at the poles.
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The dependency of the CME properties on the solar cycle, points to the relation of
CMEs with the solar magnetic field. Active regions with sunspots of opposite polarity
seem to produce the most energetic CMEs. The mechanism that actually leads to the
eruption, however, is still unknown. Closed magnetic structures seem to play a key
role in CME initiation, which means that the energy needed to drive the eruptions
must be provided through the magnetic field. The estimated amount of magnetic flux
ejected into space by the CME is in the range 1021 − 1023 Mx (Gosling 1990).

About 30% of the CMEs show a three-part structure (Gopalswamy et al. 2006): a
bright frontal structure, a dark void, and a bright core. The bright core is often thought
to be an eruptive filament. Filaments are lanes of cool (7000 K) plasma embedded
in the corona that lie over magnetic neutral lines in a highly sheared fashion. They
appear as dark structures in Hα images. When viewed above the limb they are referred
to as prominences. Filaments are rather long-lived structures that often can be seen
moving across the disk. The three-part structure is well observed only in CMEs that
are associated with prominences erupting from quiet regions. Moreover, not all CMEs
are associated with filament eruptions. The circular pattern observed in the cavity
of many CMEs suggest the existence of helical magnetic structures or flux ropes. A
classical example of a three-part CME is shown in Fig. 2.4.

Figure 2.4: Lasco C2 (left) and C3 (right) image of the CME occuring on
February 27, 2000. This CME is also known as the ‘lightbulb’ CME. Source:
http://sohowww.nascom.nasa.gov/gallery/images/las02.html

How the plasma is actually energised and what finally triggers the onset of the
CME is still an active topic of research. The current models for CME initiation can be
considered as storage and release models (Klimchuk 2001). Processes like shearing
motions or sunspot rotations, or the emergence and cancellation of magnetic flux, can
add additional free energy to the corona. When a certain threshold is exceeded, an
instability might occur resulting in the opening of magnetic field lines and a release of
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solar plasma and energy. According to Roussev & Sokolov (2006) the CME initiation
models can be organised into two large groups depending on the state of the coronal
magnetic field prior to the eruption. The first class of models assumes that a flux
rope exists prior to the eruption. The second group of models relies on the existence
of sheared magnetic arcades, which become unstable and erupt once some critical
state is reached. Contrary to the previous class of models, here a flux rope does not
exist prior to the eruption, but is formed in the course of the eruption by magnetic
reconnection. Reviews of possible CME initiation mechanisms are provided in the
literature by several authors like, for example, Low (2001); Moore & Sterling (2006);
Forbes et al. (2006).

2.4 Space weather

Apart from the heat we are receiving, the Sun influences life on planet Earth also in
another fashion. The major terrestrial results of solar variations are aurorae, proton
events, and geo-magnetic storms. The term space weather refers to the conditions on
the Sun and in the solar wind, the magnetosphere, ionosphere, and thermosphere that
can influence the performance and reliability of space-born and ground-based tech-
nological systems and that can affect human life and health (definition used by the
U.S. National Space Weather Plan, http://www.ofcm.gov/nswp-sp/text/a-cover.htm).
The main drivers of the space weather are solar flares, CMEs, and solar energetic
particle (SEP) events (Schwenn 2006). Solar flares are intense, transient releases of
energy. They are driven by reconnections of strong magnetic fields, and often accom-
pany CME events, but flares may also occur without associated CME event and vice
versa. Flares radiate throughout the electromagnetic spectrum, from kilometric radio
waves to gamma-rays. The SEP events find their origin in flare sites and shock waves
propagating in the corona and interplanetary space. During major solar storms, par-
ticles might be accelerated to near-relativistic energies and they can reach the Earth
within minutes. The Earth is protected from the charged particles emanating from the
Sun by its magnetic field. The interaction of the solar wind with the magnetic field of
the Earth creates a bow shock, diverting the solar wind around the Earth. Solar wind
particles cannot enter, unless magnetic reconnection occurs between the interplanetary
magnetic field and the Earth’s magnetic field. This might happen during the passage
of a CME or when a Co-rotating Interaction Region (CIR) passes the Earth. CIRs are
regions of interacting fast and slow solar wind streams, getting compressed and steep-
ening into shocks, and they co-rotate with the Sun. During a geo-magnetic storm,
portions of the solar wind’s energy are transferred into the magnetosphere, causing
the Earth’s magnetic field to change rapidly in direction and intensity and energise the
particle population within it. Solar particles will enter the Earth’s atmosphere through
the magnetic poles, where they will interact with the ions and molecules in the Earth’s
atmosphere, exciting them to higher energy levels. When the excited particles fall back
to their normal energy levels, electromagnetic radiation is emitted, causing beautiful
aurorae. Usually aurorae are only visible near the magnetic poles, but during the large
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solar storms of October-November 2003, aurorae were reported even in Belgium!
The graphic in Fig. 2.5 summarises the possible terrestrial effects of solar varia-

tions. Many communication systems use the ionosphere to reflect radio signals over
long distances. Ionospheric storms can affect radio communications at all latitudes.
Also navigation systems (GPS) can be disturbed when solar activity causes sudden
variations in the density of the ionosphere. The EUV and X-ray radiation emitted by
flares is absorbed in the Earth’s atmosphere, causing it to heat up and expand. Because
of this, Earth-orbiting satellites at altitudes to around 1000 km sense a sudden drag and
lose orbital energy. Skylab, for example, was a spacecraft re-entering the Earth’s atmo-
sphere because of higher than expected solar activity. The high-energy proton fluxes
can lead to dangerous radiation doses for astronauts in space and can cause physical
damage to microchips and software in satellite-born computers, especially in those
satellites orbiting outside the magnetosphere. SEP events can even produce elevated
radiation aboard aircrafts flying at high altitudes. During geo-magnetic storms the
number of electrons and ions increases, which might lead to charging and discharging
effects on satellites, a potentially hazardous effect for the satellite’s electronic system.
At the ground geo-magnetic storms can induce electric currents in electricity trans-
mission lines and sometimes even cause power breakdowns. On March 13, 1989, in
Montreal, Quebec, 6 million people were without electricity for 9 hours as a result of
a huge magnetic storm. Rapidly fluctuating geo-magnetic fields can induce currents
into pipelines, increasing the corrosion rate of the pipeline drastically. Proton events
might cause molecular ionisation in the Earth’s atmosphere, creating chemicals that
destroy atmospheric ozone and allow increased amounts of solar ultraviolet radiation
to reach the Earth’s surface.

In 1859 a big solar event caused aurorae sighted in Honolulu, and fires were set in
telegraph wires by ground induced currents, both in Europe and the U.S. (Tsurutani
et al. 2003). It is clear that if such an extreme event would happen nowadays, the
consequences for our high-tech society might be disastrous. Therefore, prediction of
space weather gains more and more attention. It is important to be able to predict the
possible consequences of a major solar storm and to take adequate measures in order
to protect technological systems and humans.

2.5 Modelling the Sun-Earth system

In this section a limited overview is given of the latest efforts regarding the numeri-
cal modelling of the Sun-Earth system. Numerical simulations are complementary to
observations and allow us to gain a deeper insight into space weather physics, which
is required in order to make better predictions. The main focus is on the simulation
of CMEs as those events are considered to be the most important drivers of the space
weather. The modelling of CMEs can be divided into a number of sub-problems. One
sub-problem, e.g., is the observational study of and modelling of the fast and slow
solar wind where questions regarding the heating source(s) and acceleration mecha-
nism(s) of the fast wind component need to be answered. Another sub-problem is the
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Figure 2.5: Summary of the possible effects of solar variances on the Earth.

initiation of CMEs: why do CMEs occur and how are they triggered? Next, there
is the sub-problem of the propagation of the CMEs and, in particular, the observed
time-height curves and arrival times at 1 AU need to be explained. Also, the evolution
and the structure of the CMEs and the leading shock fronts during their propagation
through the IP medium need to be studied. The modification(s) of the CME shock
structure may contain important clues to understanding the propagation properties of
CMEs. The impact of CMEs or magnetic clouds on the Earth’s magnetosphere is an-
other crucial sub-problem. The interaction of the CME’s leading shock front with the
bow shock of the Earth’s magnetosphere drastically affects the characteristics of the
magnetic field lines. Clearly, this affects the geo-effectiveness of the magnetic storms.

Due to the complexity of the problem, numerical modelling of solar transients and
prediction of the space weather is a challenging task and asks for a large amount of
computational power and the continuous improvement of numerical techniques and
physical models. The ultimate goal is the modelling of solar eruptions from their on-
set, up to the interaction with the Earth, and this on realistic timescales. The coronal
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plasma is often regarded as a macroscopically neutral fluid, shaped by the interaction
with the magnetic field. The governing equations are the equations for magnetohydro-
dynamics (MHD): a combination of the equations for fluid dynamics with the Maxwell
equations for the electro-magnetic field. The next chapter discusses in more detail the
MHD equations and how they can be solved.

Modelling the background Since the first attempt to numerically model the so-
lar corona by Pneuman & Kopp (1971), increasing progress has been made in the
field of computational magneto-fluid-dynamics. Nowadays, thanks to the increment
in computational power, the usage of 3D MHD models for reconstructing the solar
corona and solar wind becomes more common. The availability of more detailed ob-
servations makes it possible to produce more realistic models by the inclusion of the
observational data through the boundary conditions. Linker et al. (1999) performed a
3D MHD simulation of the solar corona during the Whole Sun Month campaign, in
which they used measurements of line-of-sight magnetic field as a boundary condi-
tion for the model. Riley et al. (2002a) have developed an empirically driven MHD
model for the solar corona and the inner heliosphere and investigated the evolution
of the heliospheric current sheet during the course of the solar cycle. Their model is
an extension of the previously mentioned model, and is still employing a polytropic
energy equation. The physics in the algorithm was improved by incorporating ther-
mal conduction along the magnetic field, radiation losses, and heating into the energy
equation (Lionello et al. 2001). A combination of an empirical and physical based
representation of the quasi steady global solar wind is the Wang-Sheeley-Arge model
(Arge et al. 2004), which is an improved version of the Wang and Sheeley model
(Wang & Sheeley 1990), relating the magnetic field expansion factor to the solar wind
speed. The model has been comprehensively validated with observations spanning
nearly a full solar cycle (Owens et al. 2005) and is used as a boundary condition in
several other models. One of them is the Hybrid Heliospheric Modeling System (Det-
man et al. 2006). It combines a source surface (potential field) current sheet model
for the solar corona and a time dependent 3D MHD solar wind model to predict the
solar wind conditions at the Earth. The empirical relationship of Wang & Sheeley
(1990) is a crucial element in the model. Also Odstrcil et al. (2005) use the WSA
model to derive the boundary conditions for their 3D MHD model calculating the so-
lar wind parameters in the heliosphere. Roussev et al. (2003b) as well constructed a
three-dimensional model for the solar wind incorporating solar magnetogram obser-
vations. In this model, the solar wind is powered by the energy interchange between
the coronal plasma and large-scale MHD turbulence. In order to reproduce the ob-
served bimodal structure of the solar wind, they impose a temperature variation on the
solar surface depending on the strength of the magnetic field. Cohen et al. (2007) use
the WSA model as an input for a 3D MHD code, in which the processes of turbulent
heating in the solar wind are parametrised using a phenomenological, thermodynam-
ical model with a varied polytropic index, as introduced by Roussev et al. (2003b).
They employ the Bernoulli integral to bridge the observed solar wind speed at 1 AU
with the assumed distribution of the polytropic index on the solar surface. Usmanov &
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Goldstein (2006) have developed a 3D steady state MHD model of the solar wind that
covers the region from the coronal base to 100 AU and that accounts for the effect of
pickup protons in the distant heliosphere. As initial condition for integrating the MHD
equations from 1 AU to 100 AU, they use the 1 AU output from the tilted-dipole model
of Usmanov & Goldstein (2003), which is appropriate for solar minimum conditions.

CME initiation The analytical flux rope model of Titov & Démoulin (1999), which
had been proposed to explain flares and CMEs, was numerically studied in the context
of CME initiation by Roussev et al. (2003a). These authors concluded that a highly
twisted field at the surface of the flux rope was needed in order to produce the eruption.
In the previously described simulation, the initial flux rope is suspended in the corona
by a balance between magnetic compression and tension forces. The evolution of a
twisted magnetic flux rope from below the photosphere into the corona, was numeri-
cally simulated by several authors (e.g. Manchester et al. 2004c; Amari et al. 2004).
The evolution of the flux rope is at first quasi static, and then undergoes a dynamic
transition driven by reconnection processes. All these models assumed the existence
of a flux rope prior to the eruption.

In a second class of initiation models, the flux rope is formed during the erup-
tion. Two main sub-classes can be distinguished here: flux-cancellation models and
breakout-models. The differences between the models are mainly in the location of
the reconnection site driving the eruption. In the flux-cancellation models (e.g. Amari
et al. 2000, 2003; Linker et al. 2003; Roussev et al. 2004; Riley et al. 2006b) the
magnetic field is first energised by some shearing motions, and afterwards converging
motions towards the polarity inversion line are applied. The flux cancellation pro-
cess causes reconnections between the opposite polarity feet of the sheared magnetic
arcade and leads to the formation of a flux rope. In these models, the reconnection
takes place at the photosphere or near the base of the solar corona. In the breakout
model (Antiochos et al. 1999; Lynch et al. 2005) the eruption is as well triggered by
magnetic reconnection, but in this scenario the reconnection site is located above the
sheared arcade. This model asks for a specific multipolar magnetic topology to enable
the eruption. Li & Luhmann (2006) have done an observational study of the magnetic
field topology of CME source regions and found both bipolar and quadrupolar topol-
ogy at the source regions, but the bipolar topology is more common overall and in
each year. As of today, the observations are not detailed enough to either approve or
disprove any of the proposed initiation scenario’s.

CME propagation and evolution In the past, heliospheric disturbances were of-
ten modelled by driving the inner boundary conditions placed upstream of the critical
point of the solar wind (at > 20 R¯) (e.g. Vandas et al. 2002). These models pro-
vide basic physical insight into how a large solar disturbance propagates and interacts
with the large-scale solar wind. However, there are little or no observable parame-
ters at these distances to constrain the boundary conditions. Only recently has the
propagation of a CME from the inner corona to 1 AU been modelled in two- and
three-dimensional geometries. An example of a 3D CME propagation model is the
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theoretical model of Gibson & Low (1998). This analytical model was used as a CME
generation mechanism in numerical simulations (e.g. Manchester et al. 2004b; Lugaz
et al. 2005b), in which the dynamics of the CME are followed as it interacts with a
bimodal background solar wind. The 12 May 1997 CME event was numerically simu-
lated by, among others, Odstrcil et al. (2004, 2005), who tried to reproduce the plasma
parameters near Earth. The inner boundary in their model is placed at 0.14 AU. The
ambient solar wind is derived from coronal models utilising photospheric magnetic
field data and the transient disturbances are derived from geometrical and kinematic
fitting of coronagraph observations of CMEs. Wu et al. (2006a) have studied the na-
ture of interacting CME shocks with a 1-dimensional adaptive grid MHD code. An
event study of three interacting CMEs was done by Lugaz et al. (2007). As model
for the background solar wind the varying polytropic index model of Roussev et al.
(2003b) was used. The CMEs are initiated using an out-of-equilibrium semicircular
flux rope (Roussev et al. 2003a). The shocks generated by CMEs are important in the
production of Solar Energetic Particles (SEPs). Sokolov et al. (2004) simulated the
time-dependent transport and diffusive acceleration of particles at shock waves driven
by CMEs. Aran et al. (2006) have developed SOLPENCO, a tool for rapid predic-
tions of proton flux and fluence profiles observed during gradual SEP events. The
geo-effectiveness of a CME event was simulated by Ridley et al. (2006), who inves-
tigated the magnetospheric and ionospheric response to a very strong interplanetary
shock and associated CME.

Despite the shortcomings of the models, these simulations were able to reproduce
many generic features of CMEs seen in observations. However, many of the CME
models used in event studies suffer from a large amount of free parameters and a long
process of trial and error often precedes obtaining satisfactory results.
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Chapter 3

Governing equations and
numerics

The material in the solar corona is in the plasma state: a gas consisting mainly out of
ionised particles and electrons. The behaviour of a plasma is considerably different
from that of an ordinary gas consisting of neutrals. The charged particles of the plasma
interact with each other through the Coulomb force – a relatively weak, but long-range
force. A particle interacts with many other particles at the same time, giving rise to
a collective behaviour. The presence of charged particles means that the system can
support electrical currents and that it interacts with electric and magnetic fields. When
a plasma is embedded into a magnetic field, the magnetic field governs the plasma
motion and creates anisotropy.

For matter to be called a plasma, several criteria must be fullfilled (Goossens
2003). First of all, the typical length scale of the system should be much larger than
the Debye length, λD. This is a measure for the length over which the potential field
of a charged particle will be effectively screened by a cloud of other charged parti-
cles. For length scales λ À λD the matter can be considered as quasi-neutral. Typical
values for the Debye length in the solar corona and in the solar wind near 1 AU are
10−1 m and 10 m, respectively. This is several orders of magnitude smaller than the
typical length scales we are interested in. Secondly, a large number of particles have
to be present in a Debye sphere, such that many collisions occur and there is effective
screening. And thirdly, the long-range Coulomb interaction between charged parti-
cles should dominate over the short-range binary collisions with neutrals to establish
collective behaviour.

In the next section, the set of partial differential equations used to describe global,
macroscopic phenomena in magnetised plasmas is presented. This set of equations
is solved numerically in order to model the solar corona and CMEs. The numeri-
cal technique used to obtain solutions of the equations is discussed in more detail in
Sect. 3.2.
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3.1 The MHD equations
To model the macroscopic behaviour of magnetised plasmas the theory of Magneto-
HydroDynamics (MHD) can be used. MHD can be seen as classical fluid dynamics
with the additional complication that the fluid is electrically conducting. For the MHD
model to be applicable some conditions have to be satisfied. First of all, the plasma
is assumed to be fully ionised. Secondly, a sufficient amount of collisions between
the charged particles has to be present such that the distribution function is isotropic.
Hence, both electrons and ions have isotropic pressures. The two particle species are
considered to behave as one fluid. This means that electrons and ions have to be in
thermal equilibrium. Next, the typical length and time scales of the system have to be
much larger than the cyclotron radii Ri,e and inverse cyclotron frequencies Ω−1

i,e of the
electrons e and the ions i, respectively. These conditions on the time and length scales
mean that the charged particles are effectively glued to the magnetic field. Further,
it is assumed that the plasma is non-relativistic. A detailed derivation of the MHD
equations can be found in the textbooks of e.g. Goossens (2003) and Goedbloed &
Poedts (2004). Under these assumptions, the following equations can be obtained:

∂ρ

∂t
+ ∇ · (ρv) = 0 (3.1)

ρ

(

∂v
∂t
+ (v · ∇)v

)

+ ∇p − j × B = ρg (3.2)

∂p
∂t
+ (v · ∇)p + γp∇ · v = (γ − 1)ηµ|j|2 (3.3)

∂B
∂t
+ ∇ × E = 0 (3.4)

where ρ denotes the density, v is the velocity vector, B is the magnetic field, p is the
plasma pressure, E is the electric field, j is the electric current density, γ is the ratio
of the specific heats, g is the gravitational acceleration, η is the magnetic diffusivity,
and µ is the magnetic permeability. Equations (3.1) to (3.4) are called, respectively,
the continuity equation, the momentum equation, the equation for the internal energy,
and the induction equation. To obtain this formulation the plasma was considered to
obey the ideal gas law.

Note that j and E reduced to secondary quantities during the mathematical deriva-
tion of the above set of partial differential equations (PDEs). As a matter of fact, both j
and E can easily be eliminated from these equations using Maxwell’s relations. Under
the assumption that the particles are effectively glued to the plasma, the generalised
Ohm’s law for the electric field E reduces to:

E = −v × B + µηj. (3.5)

A relation between the electric current density j and the magnetic field B is obtained
through Ampère’s law, which reads

j =
1
µ
∇ × B, (3.6)
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in the case of non-relativistic flow. Additionally, Gauss’ law for magnetic fields

∇ · B = 0,

has to be satisfied, meaning that magnetic monopoles do not exist.

It is important to keep in mind that MHD theory yields only an approximation of
the real plasma behaviour. In the solar wind, for example, the mean free path is much
larger than the typical spatial scale. This means that the plasma hardly undergoes any
collisions and that the distribution function is far from Maxwellian. However, it turns
out that the MHD model often gives a good description of macroscopic phenomena,
even for collisionless plasmas such as the solar wind. Moreover, the mathematical
structure of the MHD equations makes them more attractive over multi-fluid or ki-
netic models, especially when the underlying goal is to study the macroscopic plasma
behaviour.

3.1.1 Ideal MHD
When combining Eqs. (3.5) and (3.6), the induction equation (3.4) can be written as:

∂B
∂t
= ∇ × v × B − ∇ × (η∇ × B). (3.7)

The first term in the right hand side of Eq. (3.7) is the magnetic convection term, while
the second term expresses magnetic diffusion. The magnetic diffusion term compares
to the convective term as:

|∇ × (η∇ × B)|
|∇ × v × B| ≈

ηB
L2

L
vB
=

η

vL
=

1
Rm

,

with L being the typical length scale for spatial variations and Rm being the magnetic
Reynolds number. The latter is large when the magnetic diffusivity η is small, or
equivalently, when the electric conductivity is large. For astrophysical plasmas, Rm is
in general a very large number due to the large spatial scales of the system. Dissipative
effects only become important when the gradients in the magnetic field become large
like, for example, in current sheets. When Rm À 1, the convective term in Eq. (3.7)
dominates over the diffusion term and the terms containing η can be dropped from the
MHD equations, and that is how the ideal MHD limit is obtained.

The ideal MHD equations can be made non dimensional. The variables w in the
system can be written as w = w0w̃, where w̃ is the dimensionless variable and w0 is
some reference physical value. By choosing reference values for the length scale l0,
the density ρ0, and the velocity v0, the reference values for the other variables are fixed
as well, namely:

t0 = l0/v0,

p0 = ρ0v2
0,

B0 =

√

µ0ρ0v2
0,

g0 = v2
0/l0.
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The advantage of the non-dimensionality property of the MHD equations is that they
are applicable to a very broad range of problems, with very extreme differences in
length scales, velocities, and magnetic field strengths. In what follows, we will al-
ways use the non dimensional variables w̃, but for convenience and to simplify, the
notation the tilde-symbol above of the variables will be dropped.

In ideal MHD the magnetic flux is conserved. This means that plasma elements
initially in a magnetic flux tube remain in the flux tube, and so magnetic reconnections
are not allowed. However, magnetic reconnections seem to play an important role in
the onset of CMEs. Still, ideal MHD is a good mathemathical model to describe
the solar corona and CME initiation/evolution. Since the MHD equations will be
solved numerically, some additional numerical dissipation is unavoidably introduced
by the numerical scheme, playing then the role of the magnetic diffusion and allowing
the presence of magnetic reconnenctions. The numerical dissipation, however, is in
general much larger than the physical dissipation which is extremely small in the
plasmas studied in this thesis (Rm ≈ 1012), and it depends on the numerical scheme
and on the mesh, as will become more clear in Sect. 3.2. In this respect, it is decided
not to solve the resistive MHD equations, but only to consider ideal MHD.

3.1.2 Ideal MHD waves and shocks
Perturbations in a plasma or a gas can create waves. In an ordinary gas, pressure
changes will create isotropic and compressive waves driven by the gas pressure and
transporting energy through the system at the speed of sound. In a magnetised plasma
the presence of a magnetic field complicates the dynamics considerably, introducing
three new waves. More details about the derivation of the typical plasma frequencies
can be found in the textbooks of Goossens (2003) and Goedbloed & Poedts (2004).

A first wave mode, the Alfvén wave, is a transversal wave that is polarised per-
pendicular to the magnetic field lines. Alfvén waves do not cause any compression or
expansion of the plasma and leave the plasma density and pressure unchanged. Their
phase velocity is given by

vph,A = cA cos θ1k,

where 1k is the unity vector in the direction of the wave vector k, θ denotes the angle
between the equilibrium magnetic field B and the wave vector k, and cA is the Alfvén
speed which is given by

cA = B/
√
ρ.

The Alfvén wave is a purely magnetic wave driven by the magnetic tension force that
does not propagate perpendicular to the magnetic field lines and propagates the fastest
along the magnetic field. This wave is highly anisotropic. The group velocity of the
Alfvén wave is given by

vgr,A = B/
√
ρ,

and is in the same direction as the magnetic field. Hence, this wave can only transport
energy along the magnetic field lines.
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The other two important wave modes are called magneto-acoustic waves. They are
called acoustic since they are associated with compression of the plasma. For these
waves, the associated displacement vector has a component parallel with the magnetic
field line, in contrast to the Alfvén wave. Their phase velocity is given by

vph = c f ,s1k,

with

c f ,s =
1
√

2

[

c2 + c2
A ±

(

c2 + c2
A)2 − 4c2c2

A cos2 θ
)1/2

]1/2
,

where c2 = γp/ρ corresponds to the square of the sound speed. The wave associated
with the positive sign in the above expression is called the fast magneto-sonic wave,
and the one associated with the negative sign is the slow magneto-sonic wave. Like
Alfvén waves, slow magneto-acoustic waves do not propagate perpendicular to the
magnetic field lines, and they propagate the fastest in the direction parallel to the field
lines. They only transport energy in a small cone around the magnetic field lines. Fast
magnetosonic waves, on the other hand, propagate in all directions, but the fastest in
the direction perpendicular to the magnetic field, and they behave fairly isotropically.
The wave speeds satisfy the relation

c f ≥ cA ≥ cs.

Due to non-linear effects, MHD waves can steepen into shocks. The presence of
the magnetic field results in a much more complex shock topology than in the classic
hydrodynamic case. Depending on the magnitude of the flow velocity v with respect
to the various MHD wave speeds, four different flow regimes can occur:

1. c f < v: superfast, super-Alfvénic, and superslow flow;

2. cA < v < c f : subfast but super-Alfvénic and superslow flow;

3. cs < v < cA: subfast and sub-Alfvénic but superslow flow;

4. v < cs: subfast, sub-Alfvénic, and subslow flow.

In a fast shock a discontinuity connects flow in regime 1 with flow in regime 2. A slow
shock occurs when the flow switches from regime 3 to regime 4. All the other pos-
sibilities yield a change from a super-Alfvénic to a sub-Alfvénic state and are named
intermediate shocks. The three types of MHD shocks show a different behaviour of the
magnetic field with respect to the shock normal. Typical for fast shocks is an increase
of the angle between the shock normal and the magnetic field in the downstream re-
gion of the shock, i.e. the magnetic field is refracted away from the shock normal,
while in a slow shock this angle decreases, i.e. the magnetic field is bent towards the
shock normal. In an intermediate shock on the other hand, the tangential component
of the magnetic field changes sign, i.e. the magnetic field flips over the shock normal.
A detailed description of the different types of MHD shocks can be found in De Sterck
(1999).
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3.1.3 The ideal MHD equations in conservative form
The ideal MHD equations are a set of quasi-linear partial differential equations and
can be written in the form

∂W
∂t
+ Ax

∂W
∂x
+ Ay

∂W
∂y
+ Az

∂W
∂z
= S,

where W = (ρ, vx, vy, vz, p, Bx, By, Bz)T is the vector of primitive variables and S is a
vector containing the source terms. The coefficient matrices Ax, Ay, and Az depend
on the variables in W. A system of PDEs is called hyperbolic when for an arbitrary
directed unit vector 1n the m eigenvalues of the matrix An = (Ax,Ay,Az) · 1n are real
and the corresponding eigenvectors are real and form a set of m linearly independent
vectors, where m is the number of equations. When the vector 1n coincides with the
unit vector in the x-direction 1x, then the eigenvalues of the MHD system are:

λ1 = vx,

λ2 = 0,
λ3,4 = vx ± cA,x,

λ5,6 = vx ± c f ,x,

λ7,8 = vx ± cs,x.

Results for an arbitrary direction can always be obtained by applying a simple rotation.
Discontinuous solutions for the state variables cannot be a solution of the PDEs,

because derivatives are not defined at the discontinuity. In such a case, it is preferred
to use the conservation form of the equations, if it exists. Conservation laws in physics
are written in integral form

∂

∂t

∫

V
UdV +

∮

∂V
F · ndS = 0,

expressing that the rate of change of the quantity U over a volume V is balanced
by the net flux F passing through the surface ∂V of the volume. The vector n is
the outward pointing unit vector normal to the surface element dS. When applying
Gauss’ theorem, it is easy to see that, for continuous solutions, the integral form of the
equations is equivalent to

∂U
∂t
+ ∇ · F = 0,

and discretising the divergence form of the equation is equivalent to discretising the
integral form. The integral form of the equations allows indifferentiable or even dis-
continuous solutions and these are called weak solutions of the PDE. The solutions on
both sides of the discontinuity can be connected via jump relations derived from the
integral form. These jump relations are referred to as the Rankine-Hugoniot condi-
tions and they take the form

S (UR − UL) = [F(UR) − F(UL)] · n,
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where S is the speed of propagation of the discontinuity, n is the unit vector normal
to the discontinuity, and UR and UL denote the states on the right and the left of the
discontinuity, respectively.

The ideal MHD equations can be written in conservative form. This yields:

∂ρ

∂t
+ ∇ · (ρv) = 0, (3.8a)

∂ρv
∂t
+ ∇ ·

[

ρvv + (p +
B2

2
)I − BB

]

= ρg, (3.8b)

∂e
∂t
+ ∇ ·

[

(e + p +
B2

2
)v − (v · B)B

]

= ρv · g, (3.8c)

∂B
∂t
+ ∇ · [vB − Bv] = 0, (3.8d)

with U = (ρ, ρvx, ρvy, ρvz, e, Bx, By, Bz)T being the vector of conservative variables. To
obtain the conservative formulation of the momentum equation the constraint ∇·B = 0
was used. The variable e is the total energy density and is equal to:

e =
p

γ − 1
+ ρ

v2

2
+

B2

2
,

this is the sum of the internal, kinetic, and magnetic energy. Here, I is the unity matrix.

3.2 Finite volume methods
The set of PDEs presented in the previous section are a complicated system of non-
linear equations. Only in some simple cases, analytical solutions can be found, and
therefore, another approach has to be used to find a solution of the problem. Com-
putational Magneto-Fluid-Dynamics (CMFD) unifies the methods and techniques for
obtaining an approximation of the solution of the MHD equations in a numerical man-
ner. The numerical solution can only be an approximation of the real solution, since it
only depends on a finite number of parameters, while the true solution depends on an
infinite number of parameters, namely the function value at every point in space. In
the work presented in this thesis, solutions of PDEs containing shocks take a central
place, and so it is appropriate to work with the conservative form of the equations.
A conservative discretisation of the governing equations is obtained naturally from a
Finite-Volume (FV) formulation. In a FV approach, the method of flux balances is
used to obtain information about the average flow variables in each of the many con-
trol volumes which cover the domain of interest. The starting point for a FV method
is the integral form of the equations, which is repeated here for convenience:

∂

∂t

∫

V
UdV +

∮

∂V
~F · ndS =

∫

V
SdV,

where the volumeV of a control volume is considered fixed in time. The conservative
variables are contained in the vector U and ~F represents the set of flux vectors for all
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the variables. The vector S in the RHS contains the possible sink and source terms.
The shape of the cells might be arbitrary, but in general simple polygons in 2D or
polyhedra in 3D are chosen. One of the advantages of FV methods is that they are
applicable on irregular, unstructured meshes, contrary to finite difference methods. In
a FV method one works with the cell averaged flow quantities rather then with the cell
centred values. The average of the flow variables U over the volume is given by:

Ū ≡ 1
V

∫

V
UdV,

and the integral form can then be written as:

V d
dt

Ū +
∮

∂V
~F · ndS =

∫

V
SdV.

When the fluxes at the boundaries are known, the cell-averaged quantities Ū can be
updated after applying a time-marching method. Since FV methods consist of the
set of average cell values, there is no direct information about the values of the flow
variables at the cell faces. In order to evaluate the fluxes ~F(U), the vector of flow vari-
ables U can be represented in the cell by some piecewise approximation. This is what
is called the reconstruction. Each cell has a different piecewise approximation of U.
When the reconstructed values of U are used to evaluate ~F(U) at the cell faces, they
in general produce different approximations to the flux at the boundary between two
control volumes, that is, the flux is discontinuous at the boundary. Therefore, some in-
terpolation formula, also named numerical flux function, must be used to evaluate the
fluxes across the cell faces. There exists a wealth of different schemes, most of them
developed for the purpose of solving problems in fluid dynamics. Excellent textbooks
exists on numerical methods (e.g. Toro (1999); LeVeque (2002)) and it is not the pur-
pose of this thesis to give an overview of all the different numerical schemes existing
in the literature. However, it is not evident to extend the numerical schemes used in
Computational Fluid Dynamics (CFD) directly to CMFD, since the MHD equations
are far more complex compared to the equations for hydrodynamics. One must en-
sure that the numerical algorithm is able to capture all the different, highly anisotropic
MHD wave modes. Another reason why it is harder to deal with numerical MHD is
that Gauss’ law for the magnetic field has to be satisfied everywhere at all times. The
presence of a non-zero ∇ · B might introduce an erroneous force into the momentum
equation, causing the scheme to converge to an unphysical solution of the equations
or even to blow up the computation. In Sect. 3.3 this topic will be handled in some
more detail. Therefore, it is necessary to have a stable and robust scheme. The sim-
ulations presented in the following chapters of this manuscript were all obtained with
a Lax-Friedrichs type scheme, namely TVDLF (Tóth & Odstrčil 1996). In the next
paragraphs, the numerical scheme will be discussed in more detail and the choice for
this particular scheme will be motivated. The discussion is started by considering a
linear scalar advection equation in one space dimension, since the techniques for dis-
cretising scalar conservation laws are well developed and the analysis of the behaviour
of the scheme is more transparent.



3.2 Finite volume methods 33

The numerical flux function Consider the linear scalar equation in one space di-
mension

∂U
∂t
+
∂F(U)
∂x

= 0,

with F(U) = aU, where a is the constant characteristic speed1. For simplicity, con-
sider a mesh with uniform grid spacing ∆x and a uniform time step ∆t. The discretised
value of the conservative variable U at mesh point x = i∆x and time level t = n∆t is in-
dicated with the notation Un

i . In this case, the finite volume approach looks similar to
the finite difference method, and in the remainder of this paragraph the overbar to in-
dicate the averaged state variable will be dropped. A possible manner for discretising
the equation is:

Un+1
i = Un

i − a
∆t
∆x

(Un
i − Un

i−1) if a > 0,

Un+1
i = Un

i − a
∆t
∆x

(Un
i+1 − Un

i ) if a < 0,

where a simple first-order forward Euler method is used for the time integration. By
letting the spatial discretisation depend on the sign of a, the discretisation takes into ac-
count the propagation direction of the flow. Such schemes are called upwind schemes.
With the notation

a+ =
a + |a|

2
; a− =

a − |a|
2

, (3.9)

this scheme can be written as:

Un+1
i = Un

i − [a+
∆t
∆x

(Un
i − Un

i−1) + a− ∆t
∆x

(Un
i+1 − Un

i )],

or by using the relations in (3.9):

Un+1
i = Un

i − a
∆t

2∆x
(Un

i+1 − Un
i−1) + |a| ∆t

2∆x
(Un

i+1 − 2Un
i + Un

i−1). (3.10)

This scheme is also known as the Courant-Isaacson-Rees (CIR) scheme. It can be
regarded as a combination of a second-order approximation for a first and second-
order spatial derivative, i.e. the second-order discretisation of the modified equation
expressing the combination of an advection and a diffusion problem

∂U
∂t
+ a

∂U
∂x
= η

∂2U
∂x2 ,

where the dissipation coefficient η = |a|∆x/2. A spatially centred scheme is the classi-
cal Lax-Friedrichs scheme and it can be written in a form similar to the CIR scheme:

Un+1
i = Un

i − a
∆t

2∆x
(Un

i+1 − Un
i−1) +

1
2

(Un
i+1 − 2Un

i + Un
i−1), (3.11)

1The linear scalar equation has a trivial solution, namely U(x, t) = f (x − at), i.e. the information propa-
gates along a set of straight lines dx

dt = a, which are the characteristics for this case. A general description
of characteristic theory of hyperbolic PDEs can be found in Deconinck (1992).
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where the knowledge of the flow direction is not used. Both the CIR and the Lax-
Friedrichs schemes are diffusive and dispersive, with the dissipation coefficient for the
Lax-Friedrichs scheme given by η = ∆x2/2∆t.

It is well known that the second-order approximation of the first-order spatial
derivative is numerically unstable and allows the existence of spurious modes. The
addition of some numerical viscosity to the scheme suppresses spurious oscillations.
Another problem occurs at steep gradients where under- or overshoots might occur,
since the discretisation is unable to capture the high frequency modes at the disconti-
nuities as the largest wave mode which can be resolved depends upon the mesh size.
The latter problem can be mitigated by using a scheme that preserves boundedness of
the solution at the discrete level, i.e. a scheme that prevents the growth in time of the
absolute value of local minima or maxima. This property is possessed by monotone
schemes. Both equations (3.10) and (3.11) can be expressed in the form

Un+1
i = G(Un

i−1,U
n
i ,U

n
i+1).

A scheme is called monotone if the function G is a monotonic increasing function of
each of its arguments, i.e.

∂G
∂un

j
≥ 0. (3.12)

Monotone schemes produce smooth transitions near discontinuities. It has been proved
by Crandall & Majda (1980) that monotone schemes for scalar conservation laws al-
ways converge and that they converge to the physically relevant weak solution satisfy-
ing the entropy condition2. However, Harten et al. (1976) have proved that monotone
schemes are only first-order accurate and rather diffusive. Both the CIR scheme and
the Lax-Friedrichs scheme are monotonic schemes under the condition:

|a| ∆t
∆x

< 1.

This condition puts a limitation on the time step and is consistent with the Courant-
Friedrichs-Lewy (CFL) condition, that states that for stability the physical domain of
dependence must be fully contained in the numerical domain of dependence. With
this restriction it can also be seen that the dissipation coefficient is larger for the Lax-
Friedrichs scheme than for the CIR scheme.

In general, the numerical schemes for solving conservation laws can be expressed
as:

Un+1
i = Un

i −
∆t
∆x

(Hn
i− 1

2
− Hn

i+ 1
2
),

where Hn
i+ 1

2
= H(Un

i ,U
n
i+1) is the numerical flux function, evaluated at the cell inter-

face xi+ 1
2
= (i+ 1

2 )∆x. The numerical flux functions for schemes (3.10) and (3.11) then

2The second law of thermodynamics states that the entropy should not decrease as the gas passes the
shock. Therefore, it is important that the numerical scheme converges to the physical relevant solution,
not violating the entropy condition. However, many numerical schemes do not automatically satisfy this
condition.
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correspond to:

Hn
i+ 1

2
=

1
2

[

a(Un
i+1 + Un

i ) − |a|(Un
i+1 − Un

i )
]

,

and

Hn
i+ 1

2
=

1
2

[

a(Un
i+1 + Un

i ) − ∆x
∆t

(Un
i+1 − Un

i )
]

,

respectively.

In a non-linear scalar conservation law the characteristic speed a(U) = ∂F/∂U is
no longer a constant, but a function of U. The numerical flux function of the CIR
scheme can be generalised to non-linear scalar conservation laws

Hn
i+ 1

2
=

1
2

[

Fn
i+1 + Fn

i−1 − |an
i+ 1

2
|(Un

i+1 − Un
i )

]

, (3.13)

with Fn
i = F(Un

i ). This scheme is also known as Roe’s first-order upwind scheme
(Roe 1981) where Roe approximated the characteristic speed at the cell interface as

ai+ 1
2
=

{

(Fi+1 − Fi)/∆Ui+ 1
2

when ∆Ui+ 1
2
, 0,

a(Ui) when ∆Ui+ 1
2
= 0, (3.14)

with ∆Ui+ 1
2
= Ui+1 −Ui. The Roe scheme is no longer a monotone scheme and needs

an entropy fix (Harten 1983) in order to ensure convergence to the physically relevant
solution.

The two above schemes (3.10) and (3.11) for linear scalar equations can be easily
extended to linear hyperbolic systems

∂U
∂t
+
∂F
∂x
= 0, (3.15)

with the flux vector given by F = AU, and where U is a vector of m elements and A and
m×m matrix with constant coefficients and real eigenvalues. For a hyperbolic system
the matrix A is diagonisable, with Λ = R−1AR being the diagonal matrix having on
the diagonal the eigenvalues λl, l = 1 . . .m of the matrix A and R is the matrix with the
right eigenvectors. The system (3.15) can be transformed to

∂W
∂t
+ Λ

∂W
∂x

= 0,

which is a system of m linear equations. The vector W = R−1U contains the char-
acteristic variables. The upwind (3.10) or centred (3.11) scheme can then be applied
to each of the characteristic wave components and afterwards the discrete system is
recomposed into conservation form. For a linear system, the flux function of the CIR
scheme reads

Hn
i+ 1

2
=

1
2

[

A(Un
i+1 + Un

i−1) − |A|(Un
i+1 − Un

i )
]

, (3.16)
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where |A| = R|Λ|R−1 and |Λ| = diag(|λl|). The CFL condition now applies to the max-
imum eigenvalue in the system.

The idea behind the generalisation of Eq. (3.16) to non-linear systems of con-
servation laws, with Jacobian matrix A(U) = ∂F/∂U, is to approximate the original
conservation law locally by a linear hyperbolic system. The system is decomposed
into characteristic form via the transformation ∂W = R−1∂U, where R is the matrix
of the right eigenvectors of the matrix Ã approximating the Jacobian matrix A. The
upwind scheme is applied to each of the characteristic variables and afterwards trans-
formed back into conservation form. The corresponding numerical flux function can
be written as

Hn
i+ 1

2
=

1
2

(

Fn
i+1 + Fn

i − Ri+ 1
2
|Λi+ 1

2
|R−1

i+ 1
2
(Un

i+1 − Un
i )
)

, (3.17)

where the matrices R and Λ are evaluated at some average of Ui+1 and Ui. The flux
function looks similar to that of the scalar case, except there is coupling between the
characteristic variables through the eigenvectors in R. Just as in the scalar case, this
type of schemes needs an additional entropy correction (Harten et al. 1983). These
type of schemes based on a local characteristic approach (also refered to as approx-
imate Riemann solvers) are fairly popular in CFD, since they can be designed in an
accurate and robust way with excellent shock capturing capabilities. Similar type of
schemes are developed for the MHD equations (e.g. Cargo & Gallice 1997). However,
the conservative MHD equations are actually a non-strictly hyperbolic system. There
are cases in which some of the eigenvectors may become degenerate, making it more
difficult to apply a Roe-type scheme to the MHD equations. The generalisation of
the Lax-Friedrichs scheme to systems of non-linear conservation laws avoids depen-
dence upon a characteristic decomposition and thus does not need the computation of
the eigenvectors, making it very well applicable to non-strict hyperbolic systems like
the MHD equations. In the Lax-Friedrichs scheme for hyperbolic conservation laws
suggested in Yee (1989), the diagonal matrix |Λi+ 1

2
| in Eq. (3.17) is replaced with the

matrix ∆x
∆t I, where I is the unity matrix. However, this leads to a very diffusive scheme.

Since under the CFL condition the largest eigenvalue in the system is always smaller
than ∆x/∆t, a less dissipative scheme is obtained when the flux function

Hn
i+ 1

2
=

1
2

[

Fn
i+1 + Fn

i − |ΛLF |(Un
i+1 − Un

i )
]

, (3.18)

is used, where ΛLF =

(

maxl |λl
i+ 1

2
|
)

I, l = 1 . . .m, i.e. a diagonal matrix with on the
diagonal the largest wave speed of the system, evaluated at some average of Ui+1 and
Ui. For the MHD equations this becomes

ΛLF = (|vx| + c f ,x)I,

where c f ,x denotes the fast wave speed in the x-direction.
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The increased diffusion of the Lax-Friedrichs scheme compared to the Roe-type
scheme also makes it more stable. Contrary to the Roe-type schemes, the Lax-Fried-
richs scheme does not need an additional entropy fix (Yee 1989). Another advantage
of the scheme is that it is easy to implement, and especially for multidimensional
problems the computational cost is less than for the Roe-type schemes.

Construction of a spatial higher-order scheme It is important to have a stable
scheme that does not produce oscillatory solutions in regions with steep gradients.
This can be achieved by using a scheme that guarantees bounded behaviour of the
solution, like monotonicity preserving schemes. Such kind of schemes assure that
a monotone mesh function at timestep n will be kept monotone at time level n + 1.
In a monotonicity preserving scheme, the values of local maxima are non-increasing
in time, while the values of local minima are non-decreasing. In case the scheme is
monotone (condition (3.12)), it is also monotonicity preserving. However, this condi-
tion of monotonicity might be too strong since monotone schemes can only be first-
order accurate. Harten (1983) introduced the concept of Total Variation Diminishing
(TVD) schemes. The Total Variation (TV) of a mesh function u is defined as

TV(un) =
∞
∑

−∞
|un

i+1 − un
i |,

and the scheme is called TVD in case for all mesh functions u of bounded total varia-
tion holds:

TV(un+1) ≤ TV(un).

It was proved by Harten (1983) that any monotone scheme for a one-dimensional
scalar conservation law is TVD, and that a TVD scheme is monotonicity preserving.
From Godunov’s theorem (Godunov 1959) it is known that a linear scheme, having the
property of not generating new extrema, can be at most first-order accurate. Hence,
only non-linear schemes can be higher-order and TVD. For complex flow fields, first-
order schemes are too diffusive and do not produce accurate solutions, unless a high
grid resolution is used. It was noticed by Van Leer (1979) that second-order spatial
accuracy could be obtained in Godunov’s scheme3 by replacing the piecewise constant
initial data for the Riemann problem with a piecewise linear approximation. A spa-
tially higher-order accurate method might be obtained by replacing in the flux function
Hi+ 1

2
of Eq. (3.18) the states Ui+1 and Ui by some slope corrected values UR

i+ 1
2

and UL
i+ 1

2

of the form:

UR
i+ 1

2
= Ui+1 −

1
2

B(∆i+ 1
2
,∆i+ 3

2
), (3.19a)

UL
i+ 1

2
= Ui +

1
2

B(∆i+ 1
2
,∆i− 1

2
), (3.19b)

3In Godunov’s method the initial data are replaced by an approximate distribution in which the state
variables are considered uniform in each interval. For each cell interface a Riemann problem can be solved.
This solution is then used to update the state variables to the next time level.
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with B(p, q) being a non-linear averaging function, which is homogeneous in its argu-
ments. Denote the ratio of the gradients with

ri =
Un

i+1 − Un
i

Un
i − Un

i−1
=
∆i+ 1

2

∆i− 1
2

,

and withΨ the limiter function satisfyingΨ(r) = B(r, 1), then the expressions in (3.19)
can be rewritten as

UR
i+ 1

2
= Ui+1 −

1
2
Ψ(

1
ri+1

)∆i+ 3
2
,

UL
i+ 1

2
= Ui +

1
2
Ψ(ri)∆i− 1

2
.

A limiter function of Ψ(r) = r returns a second-order centred scheme, while Ψ(r) = 1
represents a second-order scheme using linear-upwind interpolation to calculate the
state variables on the cell faces. In order to assure boundedness, the limiter function
Ψ has to satisfy certain properties, among which are:

Ψ(r) ≥ 0 ∀r; Ψ(r) = 0 ∀r ≤ 0; Ψ(r) = 1 if r = 1. (3.20)

The conditions in (3.20) then guarantee that higher-order accuracy is obtained in re-
gions of smooth flow (r = 1). At extrema (r < 0) the scheme switches to first-order
accuracy to suppress the under- and over-shoots. Some examples of limiter functions
are:

Minmod limiter Ψ(r) = max [0,min(1, r)];

Woodward limiter Ψ(r) = max
[

0,min(2, 2r, 1
2 (r + 1))

]

;

Superbee limiter Ψ(r) = max [0,min(2r, 1),min(r, 2)].

Of the three limiters listed above, the Minmod limiter is the most diffusive one,
whereas the Superbee is the most compressive. They all possess the symmetry prop-
erty

Ψ(r) = rΨ(
1
r

),

yielding a unique reconstruction over a cell. An overview of different limiters and their
properties can be found in Waterson & Deconinck (2007). The type of limiter is very
often chosen in function of the type of problem that one wants to solve. According to
Yee (1989), for complex flow fields containing strong shocks it is more appropriate to
work with the more diffusive limiters, since they behave better in terms of stability and
convergence. The presence of strong gradients and shock structures cannot be avoided
when attempting to numerically simulate the solar wind and the propagation of CMEs.
Therefore, it was opted to use the Minmod limiter (or occasionally the Woodward lim-
iter) in combination with the Lax-Friedrichs scheme for the computations presented
in the subsequent chapters of this thesis. However, the combination of the Minmod
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limiter with the Lax-Friedrichs method makes the scheme rather diffusive. The price
to be payed for this choice is the need for higher grid resolution in regions with sharp
gradients and discontinuities in order to resolve the same sharpness of the solution as
obtained by some other, less dissipative, scheme. Numerical test cases in which the
behaviour of the TVD Lax-Friedrichs scheme is compared with that of other popular
schemes can be found in Tóth & Odstrčil (1996).

Time integration Second-order accurate time integration is obtained by applying
a simple second-order Runge-Kutta method or by using the Hancock predictor step
(Yee 1989). In the Hancock method a value for the left and right states used in the
calculation of the numerical flux function Hi+ 1

2
is estimated as

UL
i+ 1

2
= Un+ 1

2
i +

1
2
Ψ(ri)∆i− 1

2
; UR

i+ 1
2
= Un+ 1

2
i+1 −

1
2
Ψ(

1
ri+1

)∆i+ 3
2
,

where the limiter function applies to the gradient defined at time level n. The quantity

Un+ 1
2

i is defined by

Un+ 1
2

i = Un
i −

1
2
∆t
∆x

[

F(UL∗
i+ 1

2
) − F(UR∗

i− 1
2
)
]

,

with

UL∗
i+ 1

2
= Un

i +
1
2
Ψ(ri)∆i− 1

2
; UR∗

i− 1
2
= Un

i −
1
2
Ψ(

1
ri

)∆i+ 1
2
.

Multidimensional finite volume scheme The one-dimensional scheme outlined a-
bove can be generalised to two or three dimensions by applying the one-dimensional
scheme in each of the space directions separately. The general formulation of a finite
volume scheme reads:

dŪi

dt
= − 1
Vi

Ns
∑

k=1

[~H · nk]i,kSi,k + Si.

Here, Vi is the volume of cell i, Ns is the number of cell faces of cell i, nk is the
outward pointing normal vector to cell face k , [~H · nk]i,k denotes the numerical flux
function evaluated at the kth cell face of cell i, Si,k is the surface of cell face k, and Si

contains the possible source terms. The source terms can represent sinks and sources,
as well as geometrical terms when the equations are discretised in non-cartesian ge-
ometry. For the time integration the method mentioned aboved can then be used. The
CFL condition for stability is more severe than for one-dimensional problems. In
multidimensions the CFL condition takes the form

∆t ≤ Cmin
i

















Vi
∑Ns

k=1 max(0, λmax
i,k )Si,k

















,
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with C < 1 being a positive constant and λmax
i,k being the maximum eigenvalue of the

system in the direction nk. For the ideal MHD equations this becomes

λmax
i,k = v · nk + c f ,k,

with c f ,k the fast magnetosonic speed in the direction nk.

The author realises that the Lax-Friedrichs flux function in combination with the
Minmod limiter is a rather primitive numerical technique for solving partial differen-
tial equations4. However, as mentioned earlier on, the MHD equations significantly
differ in complexity from the Euler equations and ask for a stable numerical scheme.
Schemes that do not need the explicit calculation of the eigenvectors remain very at-
tractive for MHD (e.g. Edwards 2006). However, most of these schemes suffer from
a rather large amount of diffusion, compared to numerical techniques using approxi-
mate Riemann solvers. Research to fast, stable, and accurate algorithms for the MHD
equations (e.g. Yee & Sjögreen 2007) is then also of major importance.

3.3 The solenoidal constraint
The fact that the divergence of the magnetic field should remain zero at all times is a
serious issue to be dealt with when numerically solving the MHD equations. Taking
the divergence of the induction equation (3.4) results in ∂∇·B/∂t = 0, meaning that an
initial divergence-free solution for the magnetic field will remain divergence-free. The
numerical scheme, however, introduces a discretisation error which might produce a
non-zero ∇·B as the equations are progressed in time. A non-divergence-free magnetic
field can introduce large errors in the solution of the MHD equations. To obtain the
conservative form of the equations, a term B∇·B was explicitly dropped in the RHS of
the momentum equation, which does not modify the equations since analytically this
term is zero. Even a small error in the ∇ ·B = 0 constraint can introduce an erroneous
force parallel to the magnetic field, creating unphysical acceleration and heating of
the flow. Different strategies have been worked out to limit and reduce the error in
the divergence of B. Below, a brief description is given of three of the most popular
methods. Those methods are as well implemented in the solver used to advance the
ideal MHD equations.

Eight-wave formulation It was pointed out by Godunov (1972) that by the inclu-
sion of a source term of the form

S = −∇ · B
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,

4Especially for hydrodynamic applications this method is not recommended and more sophisticated
techniques yielding better results exist.
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to the RHS of Eqs. (3.8), the equations become symmetrisable and Gallilean invariant,
which was not the case for the original conservative system. Moreover, the quasi-
linear system associated with this modified form of the MHD equations is strictly
hyperbolic, making it more suitable to be used with Roe-type solvers (Powell et al.
1999). Taking the divergence of the modified induction equation and combining it
with the continuity equation, results in the expression

∂

∂t

(

∇ · B
ρ

)

+ v · ∇
(

∇ · B
ρ

)

= 0.

The quantity ∇ · B/ρ is advected away by the flow, preventing accumulation of ∇ · B
at a fixed point. Important for this approach is that the magnetic field should be
divergence-free to second-order accuracy in the initial and boundary conditions. The
drawback of this formulation of the MHD equations is that the conservative form gets
lost, which might lead to incorrect results for problems containing strong shocks. In
regions with no flow, like stagnation points, this method will fail as well, since no
advection can take place.

Projection scheme In this approach, proposed by Brackbill & Barnes (1980), the
magnetic field B∗ obtained after the time integration, which is not necessarilly di-
vergence-free, is projected on a new divergence-free magnetic field B. An arbitrary
vector field can always be written in the form

B∗ = ∇ × A + ∇φ.

Taking the divergence of B∗ yields a Poisson equation ∇ · B∗ = ∇2φ, which can be
solved for the scalar function φ. The corrected magnetic field is then obtained as

B = B∗ − ∇φ.

The projection scheme requires the solving of an elliptic problem, which makes the
method rather time-consuming.

Constraint transport Evans & Hawley (1988) realised that by discretising the in-
tegral form of the induction equation

∂

∂t

∫

S
B · ndS =

∮

∂S
(v × B) · dl,

the constraint ∇ · B = 0 is automatically satisfied in a discrete sense. This approach
requires the magnetic field components to lie on the cell faces, and the calculation
of the electric field on the cell edges. This procedure is only applicable on structured
meshes. The electric field on the cell edges can be computed by recognising the duality
between the fluxes needed in the finite volume method and the electric fields needed on
the cell edges (Balsara & Spicer 1999). An alternative formulation is obtained when
using the vector potential A on the cell edges to obtain the face-centred magnetic field
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from the relation
∫

S B · ndS =
∮

∂S A · dl. The vector potential A can be advanced in
time, by recognising the relation

∂A
∂t
= −E.

This approach guarantees a divergence-free solution in the ghost cells as well. Since
the finite volume method needs the cell centred variables, interpolations have to be
made to bring the face centred magnetic field to the cell centres. Caution has to be
taken in the interpolations, to assure that the interpolated magnetic field is divergence-
free as well and that the accuracy of the numerical scheme is not affected. The con-
strained transport method is more memory demanding, since variables have to be
stored at different locations of the grid.

3.4 The Versatile Advection Code
The Versatile Advection Code (VAC), originally developed by Tóth (1996), is de-
signed to advance the Navier-Stokes and MHD equations in time. This thesis contains
the results of the author’s exploration of the VAC code as an eligible tool for simulat-
ing the solar wind and propagation of CMEs. It is a finite volume code working on
structured grids. Since it is a shock capturing code, it as well suited for resolving shock
phenomena in fluids or plasmas. The code uses the Loop Annotation Syntax (LASY),
making it flexible and easy to use for one-, two-, and three-dimensional problems
(Tóth 1997). Various temporal discretisations and shock capturing schemes are im-
plemented, among which the TVD Lax-Friedrichs method, and it is easy to switch
between methods. Different limiters are available for the TVD schemes. The conser-
vation laws can be solved in cartesian, cylindrical or spherical coordinates, and slab
or axial symmetry are available when solving the equations in one or two dimensions.
The code supports parallel computations on distributed memory machines, using the
Message Passing Interface (MPI). During the course of this research, the computer
facilities at the K.U.Leuven were enlarged considerably. By now, a high performance
cluster with more than 800 processors is available. Scale tests show an almost linear
speed-up of the VAC code when ran on more than two processors. In Fig. 3.1 the
results of a weak and strong speed-up test are presented, where up to 90 processors
were used.

Also the code itself has undergone many changes, introduced by Dr. B. van der
Holst (CPA). The original code could only solve one dimensional problems in spher-
ical coordinates and for the treatment of ∇ · B only Powell’s method or the projec-
tion scheme were available for non-cartesian coordinates. The major change with the
original code is the implementation of the constrained transport method in spherical
geometry, where the vector potential A is used in order to guarantee a divergence-free
magnetic field at all time. In the mean time, a version with Adaptive Mesh Refine-
ment (AMR) technique was developed. The philosophy of AMR technique is to refine
the grid in regions with strong gradients and to have a coarser grid in the parts with
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(a) weak speed-up (b) strong speed-up

Figure 3.1: Performance of the VAC code when used in parallel for a) a problem
of fixed grid size distributed over ever more processors, and for b) a case where the
problem size per processor remains constant.

smooth flow. A recent change in the implementation of the AMR code (van der Holst
& Keppens 2007) makes it possible to handle general curvilinear coordinates, turn-
ing the code more suitable for solar wind and CME simulations. The AMR-code was
extensively tested and validated on analytical known solutions. Figure 3.2 shows a
comparison between a simulation with and without AMR. The simulation represents
the propagation of a shock in the solar wind, where the ideal MHD equations were
solved in spherical coordinates. The background medium shows strong gradients in
density and velocity and, as can be seen from the figure, the shock front is much better
resolved with the AMR technique than when using a fixed grid. In the AMR simula-
tion 5 levels of refinement were used and the radial grid size varied from ∆r = 0.01 to
∆r = 0.19 and from ∆θ = 0.5◦ to ∆θ = 7.5◦ in the angular direction. The fixed grid of
the VAC simulation has an accumulation of grid points towards the inner boundary and
towards θ = π/2 and for this mesh the cell size varies from ∆r = 0.0013 to ∆r = 0.24
and from ∆θ = 0.7◦ to ∆θ = 3.6◦. Only very recently the AMR code was equiped with
an MPI implementation. Before it was only able to work on shared memory systems,
making the code less attractive for large computations. With this new upgrade, the
AMR-VAC code becomes an attractive tool for future three-dimensional simulations.
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(a) VAC (b) AMRVAC

(c) AMR grid

Figure 3.2: A simulation of a shock propagating in the solar wind for a) without AMR
technique and b) with AMR. The color scale indicates velocity and the white lines
represent magnetic field lines. In c) the AMR grid is shown.



Chapter 4

Solar wind models

This chapter describes in detail the different solar wind models used throughout this
work. The solar wind models are used as background in the numerical simulations of
CME initiation and propagation. It turns out that the dynamics of CMEs is consider-
ably influenced by the medium in which they propagate. The density and the velocity
of the solar wind affect the initiation and evolution of the CME, as will become clear
in the next chapters.

Parker (1958) was the first to predict a transonic outflow from the Sun. His analyt-
ical solution for a stationary, spherical symmetric, isothermal flow is well known and
reads:

v2
r

c2 − ln
v2

r

c2 = −3 − ln
r4

s

r4 + 4
rs

r
,

where c denotes the speed of sound, and rs = GM¯/2c2 is the location of the sonic
point, i.e. the radial distance at which vr = c. Here, G is the gravitational constant and
M¯ denotes the solar mass. From this transcendental equation a unique solution for the
velocity can be obtained, that starts subsonically at the solar surface and monotonically
increases to supersonic speeds for larger distances. Parker’s solution will serve as an
initial condition for the solar wind simulations presented in this chapter.

Different solar wind models often used in the literature have been reconstructed
with the Versatile Advection Code. A first series of simple models is based on the
assumption of an ignorable azimuthal direction and a bipolar magnetic field struc-
ture. These models yield a good approximation for the solar wind under solar min-
imum conditions. Since these models assume axial symmetry, they are solved on a
two-dimensional mesh, thus significantly reducing the computational cost. Full three-
dimensional (3D) reconstructions of these axisymmetric wind models have been per-
formed as well, viz. to be used in combination with 3D CME evolution models. Next,
a 3D model with a more complicated magnetic field structure is presented. For this
model, input from magnetogram data was used as a boundary condition on the mag-
netic field.
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4.1 Axisymmetric solar wind models
Pneuman & Kopp (1971) constructed the first two-dimensional (axisymmetric) MHD
model of the solar corona by solving directly the steady state equations. This model
included both a helmet streamer and open field regions. Sakurai (1985) derived an
analytical 2D generalisation of the wind model of Weber & Davis (1967), an exten-
sion of the Parker model including the magnetic field and the solar rotation. Most
axisymmetric wind models, however, are numerical solutions obtained by integrating
the time-dependent MHD equations using a time-asymptotic approach. The energy
equation is often simplified by considering a polytropic relation between pressure and
density. Such simplified polytropic models yield surprisingly good approximations
and can reproduce many qualitative features of the observed solar corona. However,
the plasma density and temperature in these models are not in quantitative agreement
with the observations. Improvement of the models is obtained by the inclusion of
heating and momentum source terms, an ad hoc solution for the heating of the corona
and the acceleration of the solar wind, respectively.

The three axisymmetric models presented here, are reconstructions of solar wind
models often encountered in the literature. At first instance, the simulation domain is
restricted to 30 solar radii (30 R¯), but simulations up to 1 AU (215 R¯) were carried
out as well.

Polytropic wind model A first model is the classical polytropic wind model, where
a relation p ∼ ργ is assumed, with ρ being the mass density, p being the pressure,
and γ being the polytropic index. In this way, the energy equation can be omitted,
simplifying the equations to be solved. Since the plasma in the corona is assumed to
be nearly isothermal, a polytropic index of γ = 1.05 was chosen. When extending
the polytropic wind model to 1 AU or beyond, it is recommended to use a varying
polytropic index. Typically, the value of γ is varied from near unity to γ = 1.46.
The value of γ = 1.46 was derived by Totten et al. (1995), who used Helios 1 data to
obtain an average value for the polytropic index of the solar wind. This type of wind
model was used in many numerical studies, e.g. Linker & Mikić (1995); Mikić et al.
(1999); Linker et al. (2003); Riley et al. (2006a), but also Wang et al. (1995); Wu et al.
(1999); Keppens & Goedbloed (1999, 2000). Because of its simplicity, the polytropic
wind model is still fairly popular, in spite of its clear shortcomings. This kind of wind
model is for example not able to reproduce the fast solar wind speed in regions of open
magnetic field.

Wind model with additional heating source term An improved solar wind model
is obtained by leaving the polytropic assumption behind, and solving the full set of
MHD equations, with an extra source term added to the energy equation. The ad-
ditional heating term has to mimic the combined effect of radiative losses, thermal
conduction, and the absorption of energy above the transition region. The idea of
adding a volumetric heating term to the energy equation was already introduced by
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Steinolfson (1988), who used a term of the form

Q = Ce−0.1(r−R¯)/R¯ ,

where C is an arbitrary constant. Groth et al. (2000) used a similar approach as
Steinolfson (1988). In their model the volumetric heating/cooling term is given by

Q = ρq0

(

T0 − γ
p
ρ

)

e−
(r−R¯ )2

σ2 ,

where the parameters T0 and σ depend both on the radial coordinate and the latitude,
and where q0 is a constant.

The second wind model that we have reconstructed is similar to the model of Groth
et al. (2000). The target temperature T0 was chosen to be T0 = 4.375×106 K poleward
of a critical co-latitude θ0(r) and T0 = 2.5 × 106 K equatorwards of this angle. The
heating scale height σ takes a value of σ = 9 polewards of the angle θ0, and σ = 4.5
equatorwards of θ0. The critical angle varies with the radial distance as

θ0(r) = arctan
[(

1 + log(r)
)

tan θch
]

,

where θch = 28.8◦. The latitudinal dependent heating term will determine the regions
of open and closed field lines and the corresponding fast and slow wind speeds in these
regions. The formulation of the heating function will create sharp gradients at the
transition between the fast and slow wind regions. The constant q0 was set to a value
of q0 = 1.2 × 106 erg g−1 K−1 s−1. For the ratio of the specific heats a value of γ = 5/3
was taken. This wind model has proved its use in several numerical simulations of
CME evolution, e.g. Manchester et al. (2004a,b); Lugaz et al. (2005b,a).

Polytropic wind model with additional Alfvén wave pressure In a third axisym-
metric wind model, the effect of Alfvén waves is included in order to account for the
acceleration of the solar wind in the regions of open magnetic field. The presence of
Alfvén waves gives rise to an extra pressure force in the momentum equation, causing
additional acceleration of the wind (Hollweg 1973; Jacques 1978). The Alfvén wave
pressure is modeled as

pw =
ε+ + ε−

2
,

where ε± is the Alfvén wave energy density for the waves propagating parallel and
anti-parallel with the magnetic field, respectively. The Alfvén wave energy density is
obtained from the equation

∂ε±
∂t
+ ∇ · [(v ± vA)ε±] = −1

2
ε±∇ · v,

where vA is the directional dependent Alfvén velocity. This means that two additional
equations have to be solved. In the Alfvén wave wind model, the energy equation
was again simplified by assuming a polytropic relation, where the same value for the
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polytropic index was used as in our first model, i.e. γ = 1.05. The additional pressure
gradient accelerates the wind in the open field line regions to velocities typical for the
fast solar wind. Axisymmetric wind models including Alfvén waves were constructed
and studied by, e.g., Usmanov et al. (2000) and Hu et al. (2003).

The three different wind models described above were all reconstructed with the
same numerical scheme and on the same mesh, with the same initial and boundary
conditions. Thus, the differences between the models are entirely due to the different
physics included in the equations. The inner boundary of the simulation domain was
taken at the coronal base, just outside the transition region. The wind models were all
parametrised in the same way, viz. by taking at the reference position r∗ the tempera-
ture T∗ = 1.5 × 106 K, the proton number density N∗ = 108 cm−3, the angular velocity
Ω ≈ 2.8 × 10−6 rad s−1, and the radial component of the magnetic field Br∗ = 2.2 G at
the poles. Initially, in the numerical set-up, the magnetic field has a bipolar configu-
ration, but as the simulation progresses towards the steady state, the polar field opens
up and an equatorial helmet streamer is automatically formed. Differential rotation is
included in the models in the same way as described in Keppens & Goedbloed (2000),
viz. Ω(θ) = Ω0 + Ω2 cos2 θ + Ω4 cos4 θ, where θ is the co-latitude and the constants
Ω0,Ω2,Ω4 are chosen in order to fit the observations as good as possible. The state
variables are normalised with respect to the density ρ, the (isothermal) speed of sound
c (both taken at the reference position), and r∗. At the outer boundary, the flow is
continuous and superfast and all the variables can simply be extrapolated, since all
information is propagating outward. At the inner boundary r = 1 the flow is subslow,
putting a restriction on the implementation of the boundary conditions. At least three
of the eight (seven for polytropic) variables have to be free, since three characteris-
tics are pointing outward the simulation domain. The density ρ, the temperature T ,
and the angular velocity Ω are kept fixed at the inner boundary, as well as the radial
magnetic flux r2Br. The radial mass flux r2ρvr is extrapolated at the inner boundary
and vθ is determined such that the poloidal velocity component perpendicular to the
poloidal magnetic field vanishes. Hence, the only variables left free at the boundary
are the parallel component of the poloidal velocity and the zenithal Bθ and azimuthal
Bϕ components of the magnetic field.

The three wind models are illustrated in Fig. 4.1 showing the density (grey scale),
the velocity vectors, the magnetic field lines, the direction dependent Alfvénic, slow,
and fast magnetosonic points, and the corresponding total Angular Momentum Fluxes
(AMF)

AMF = 2π
∫ π

0
r3 sin2 θ(ρvrvϕ − BrBϕ)dθ,

for all three winds. Near the solar base the AMF is almost entirely due to the magnetic
tension. Away from the Sun, the contribution of the AMF due to advection differs
significantly for the different wind models. The sum of both contributions should
be independent of the radius for steady state solutions. For clearness of the figure,
the plotting domain in Fig. 4.1 is restricted to 15 R¯. To have a better notion of the
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differences between the three winds, Fig. 4.2 shows the variation of density and radial
velocity on a constant radius of 30 R¯. From these plots it is clear that for the first
wind model, the contrast in density and velocity between the open and closed field
line regions is rather weak, a well known artifact of polytropic wind models. Table 4.1
gives an overview of the polar and equatorial wind density, velocity and temperature
at 30 R¯ and of the total mass flux for the three different models.

Table 4.1: Wind characteristics at 30 R¯.

Model 1 Model 2 Model 3
p+ density [m−3]

pole 6.1 × 108 1.46 × 109 3.05 × 109

equator 7.4 × 108 2.93 × 109 2.86 × 109

ratio 0.82 0.50 1.07
velocity [km/s]

pole 330 720 685
equator 295 335 370
ratio 1.12 2.15 1.85

temperature [K]
pole 0.82 × 106 1.18 × 106 0.89 × 106

equator 0.83 × 106 0.36 × 106 0.89 × 106

ratio 0.99 3.28 1.00
total mass
flux [M¯/yr] 0.30 × 10−13 1.54 × 10−13 2.24 × 10−13
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Figure 4.1: The three stationary wind
solutions (upper row) and the corre-
sponding total angular momentum fluxes
(lower row). Top left: the (standard)
polytropic model with γ = 1.05; top
right: MHD wind model with energy
source term; bottom left: polytropic
MHD wind model with Alfvén wave heat-
ing term. The grey scale represents the
density (log-scale), black lines are the
magnetic field lines, and arrows denote
the radial velocity. Also shown on these
plots are the direction dependent Alfvénic
(solid line), slow (dotted line), and fast
(dashed line) magnetosonic points.
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Figure 4.2: The pro-
ton density (left) and ra-
dial velocity (right) pro-
files for the three wind
models at 30 R¯. Solid
line: Model 1, dotted
line: Model 2, dashed
line: Model 3. The x-
axis indicates the latitude
θ (θ = 0◦ is the equator).

4.2 Axisymmetric wind model in 3D
Many numerical CME initiation and evolution studies were, and still are, performed
in an axisymmetric set-up. This is justified by the fact that a full 3D evolution study
is much more time consuming, and the axisymmetric simulations yield often quite
satisfying results. Moreover, the 2.5D results are easier to analyse and are useful to
gain insight in the major physical processes governing the evolution. Nonetheless,
the assumption of axial symmetry is a severe simplification of the reality for CME
simulations. Therefore, the wind models described in Sect. 4.1 were also reconstructed
on a three-dimensional mesh. Contrary to the 2.5D simulations, the 3D computations
were carried out in a reference frame attached to the Sun. This means that additional
source terms due to the centrifugal and the Coriolis force have to be taken into account.
More specifically, the terms

Srot =





























0
−ρΩ × (Ω × r) − 2ρΩ × v
−ρv · [Ω × (Ω × r)]

0





























are added to the RHS of Eqs. (3.8).

4.3 3D solar wind model with magnetogram input
Even at solar minimum, the global magnetic field of the Sun is not exactly a bipole,
and variation in the azimuthal direction is clearly present. A more realistic model for
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the coronal magnetic field is obtained by including in the model information on the
photospheric magnetic field from magnetograms. The Potential Field Source Surface
(PFSS) method (Schatten et al. 1969; Altschuler & Newkirk 1969) is often used to
reconstruct the coronal magnetic field. In the PFSS model, the coronal magnetic field
is assumed to be current free (∇ × B = 0), so that it is potential (B = −∇Φ). The
solenoidal constraint then leads to the condition

∇2Φ = 0.

At the photospheric boundary, the reconstructed magnetic field should match the ob-
served line-of-sight magnetic field. Further, the PFSS model assumes the coronal
magnetic field to become purely radial from a height r = rSS onwards. The shell at
r = rSS is referred to as the source surface. The general solution for Φ can be written
in terms of Legendre polynomials

Φ(r, θ, ϕ) =
∑

l,m

[

Am
l rl + Bm

l r−(l+1)
]

Ym
l (θ, ϕ),

where θ and ϕ denote respectively the co-latitude and the longitude, and where

Ym
l (θ, ϕ) = Cm

l Pm
l (cos θ)eimϕ,

Cm
l = (−1)m

[

2l + 1
4π

(l − m)!
(l + m)!

]
1
2

.

The coefficients Am
l and Bm

l are determined from the imposed radial boundary condi-
tions, namely:

∂Φ

∂r

∣

∣

∣

∣

∣

r=R¯
= −Br(r = R¯, θ, ϕ) and Φ = 0|r=rSS

.

Schrijver & DeRosa (2003) developed a method to predict the evolving photo-
spheric field over the whole surface of the Sun. Their model uses input from the
Michelson Doppler Imager (MDI) on board of SOHO and the model output is up-
dated with a temporal resolution of 6 hours. The reconstructed photospheric field is
then extrapolated into the solar corona by using the PFSS model, where the location
of the source surface is placed at rSS = 2.5 R¯. The magnetic field of the wind model
presented in this section was initialised with a PFSS reconstruction of the March 29,
2006 coronal field. The coefficients Am

l and Bm
l needed for the reconstruction were

provided by the algorithms of Schrijver & DeRosa (2003). Since the magnetic field
above sunspots can be rather strong, a high spatial resolution is needed to resolve
the gradients in the magnetic field. However, the small scales and the strong mag-
netic fields put serious limitations on the numerical time step taken by the code. For
this reason, the lower boundary was located at 1.03 R¯ and the order of the spheri-
cal harmonics in the potential field reconstruction was limited to l = 3,m = 3. For
simplicity, again a polytropic relation between density and pressure is assumed. As
the initial configuration relaxes to the steady state, the solar wind flow modifies the



4.3 3D solar wind model with magnetogram input 53

initial magnetic field and the potential structure of the solar corona is lost. In order to
have optimal resolution where needed, the calculations were performed with the AMR
version of the VAC code. In Fig. 4.3 the simulated coronal magnetic field structure is
shown. Three levels of refinement were used to obtain this result. The first level had
a resolution of 480 × 32 × 32 cells, giving an effective resolution at the third level of
1920× 128× 128 cells. Figure 4.4 shows the longitude versus latitude maps of the ra-
dial magnetic field, the particle density, and the radial velocity at a distance of 2.5 R¯,
i.e. the position at which initially the source surface was located. The location of the
current sheet is clearly visible in these plots. These results are in qualitative agreement
with the results of similar simulations done by Linker et al. (1999). Since a polytropic
pressure-density relation was assumed, the density and velocity contrast between the
fast and slow wind is again too flat. The results can be improved by including heating
and momentum source terms (see above) and by using more spherical harmonics in
the initial magnetic field and more levels of refinement in the grid. However, at the
time these computations were performed, the AMR code was equipped solely with
a parallelisation suitable for shared memory machines, making the computation still
very time consuming. The upgraded AMR-code with MPI implementation will make
superior simulations possible in the near future.

Figure 4.3: Coronal magnetic field reconstruction for March 29, 2006. Red: ingoing
field lines; green: outgoing or closed field lines.
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Figure 4.4: Coronal field
reconstruction for March
29, 2006. From top to
bottom: longitude-latitude
maps of the radial mag-
netic field, the density,
and the radial velocity at
2.5 R¯.



Chapter 5

The effect of the solar wind on
CME triggering by magnetic
foot point shearing

The contents of this chapter was published in Jacobs et al. (2006).

5.1 Introduction

The present chapter focuses on the initiation of CMEs, in particular on CME initiation
by magnetic foot point shearing. From observations it is established that CMEs are
often associated with flares and prominence eruptions, and that they always originate
from closed magnetic field regions on the Sun. It is well known that prominences
are associated with highly sheared magnetic features (Priest et al. 1996). Moreover,
shearing motions along the neutral line are often observed before eruptive events and
seem to play an important role in these events. Examples of such shear flows can be
found in e.g. Yang et al. (2004), who reported on the existence of shear flows prior
to an X10 flare, or in Romano et al. (2005), who observed a case where a filament
eruption was preceded by horizontal, counterclockwise motions in both areas of the
filament foot points. From this point of view it was decided to investigate which
parameters influence the behaviour of sheared arcades. The simulations presented
in this chapter are based on the work of Linker & Mikić (1995), who simulated the
disruption of a helmet streamer by photospheric shear. We extended their study to
different models for the background wind and also performed a parameter study in
order to investigate the effect of the initiation parameters, such as the shear velocity
and the extent of the sheared region, on the evolution of the helmet streamer and the
associated CME.
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5.2 Simulation set-up
The computations were done in spherical, axisymmetric (2.5D) geometry described
in spherical coordinates (r, θ, ϕ), where ϕ is the coordinate in the toroidal direction
(in which symmetry is assumed). All simulations were performed with exactly the
same grid in the meridional plane, with 324 cells in the r-direction and 104 cells in
the θ-direction, including 2 ghost cells at each end. The computational domain is
restricted to 1 − 30 R¯ in the radial direction and covers the region between the north
and south pole of the Sun, i.e. 0 ≤ θ ≤ π. The computational grid shows a logarithmic
accumulation of grid points towards the solar surface, with a grid size varying from
∆r = 0.0026 R¯ at the solar base to ∆r = 0.47 R¯ at the outer boundary (stretch factor
≈ 180), and towards the equator with a grid size varying from ∆θ = 0.0126 rad at
the equator to ∆θ = 0.0629 rad at the pole (stretch factor ≈ 5). The solution is kept
divergence-free using an approach similar to that of Balsara & Spicer (1999). Instead
of storing (Br, Bθ, Bϕ), the magnetic field is stored as vector potential component Aϕ on
the nodal points and Bϕ on the cell centres, thereby reducing the number of unknowns
in the MHD equations by one. By applying the boundary conditions on Aϕ and Bϕ, it is
therefore also guaranteed that the ghostcell values are divergence-free. Furthermore,
the description in terms of the vector potential Aϕ facilitates the computation of the
magnetic helicity in Sect. 5.4.4.

For the background wind, the three axisymmetric models described in Chap. 4
were used (i.e. wind model 1: the polytropic model; model 2: the model with a heat-
ing source term; model 3: the polytropic model in combination with Alfvén waves).
The second wind model was slightly modified with respect to the model presented in
Chap. 4. Here, the latitudinal dependence in the heating term is taken the same as in
Manchester et al. (2004a). Between 1 R¯ and 7 R¯ the critical angle θ0(r) is defined as

sin2 θ0 = sin2 θch +
r − R¯
8 R¯

cos2 θch,

where θch = 18◦ is the value of the critical angle at r = R¯. The value of θ0 increases
with radial distance to a value of θ∗ = 61.6◦ at r = 7 R¯. Beyond this radius, θ0
increases more slowly as

sin2 θ0 = sin2 θ∗ +
r − 7 R¯
40 R¯

cos2 θ∗.

As before, the heating scale height is kept fixed at a value of σ = 4.5 in the streamer
belt, but it increases inside the coronal hole to a value of σ = 9 according to the
function

σ(r, θ) = 4.5
(

2 − sin2 θ

sin2 θ0

)

.

The value for the target temperature T0 is still the same as described earlier, but instead
of defining it discontinuous, the target temperature changes smoothly over a width of
5◦. The consequences of these modifications are smoother profiles for the density and
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the velocity than those shown in Fig. 4.2. Plots of the density and velocity profiles at
30 R¯ and along the equator are shown in Fig. 5.1.

Also the boundary conditions at r = 1 have undergone a small modification. At
the solar surface, the density, temperature, and Aϕ are fixed, while the mass flux
r2ρvr, ρvθ, and Bϕ are left free. The azimuthal component of the momentum is set

to ρvϕ = ρΩr sin θ ± ρBϕ

√

v2
r+v2

θ

B2
r+B2

θ

, in that sense we followed the approach of Keppens

& Goedbloed (1999) that includes the effect of solar rotation and a coupling with the
magnetic field.

(a) at r = 30 R¯ (b) along the equator (θ = π/2)

Figure 5.1: The profiles for the density and the radial velocity at a) 30R¯ and b) along
the equator. Solid line: wind model 1, dotted line: wind model 2, dashed line: wind
model 3.

5.3 Shear flow
The magnetic field in the three axisymmetric solar wind models is up-down symmetric
and contains a large helmet streamer across the equator and regions of open magnetic
field near the poles. In order to make the helmet streamer unstable, an additional
longitudinal velocity is added as a driving source term on the solar surface, in the
form of a time-dependent boundary condition. This driving force results in a shearing
motion in the magnetic field, causing a swelling of the helmet streamer. The extra
longitudinal velocity profile is taken the same as in Mikić & Linker (1994), viz.

v0
ϕ(θ; t) = v0(t)Θ exp

[

(1 − Θ4)/4
]

,
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Figure 5.2: Shear profile applied at the so-
lar surface.

where Θ = (θ − 90)/∆θm, with θ the
co-latitude in degrees, while ∆θm de-
notes the width of the shearing profile.
This flow profile is illustrated in Fig. 5.2.
In the northern hemisphere the added
flow is going in the negative ϕ-direction,
while in the southern hemisphere the ex-
tra flow is directed along the positive ϕ-
direction, giving rise to a strong, positive
longitudinal component of the magnetic
field.

The time dependency of the shearing
profile is controlled by the factor v0(t) in
the above formula. The time profile is
chosen as follows:

v0(t) =























0 if t ≤ t0
vmax
ϕ

1
2

[

1 − cos
(

π t−t0
t1−t0

)]

if t0 < t < t1
vmax
ϕ if t1 ≤ t.

The shearing start time t0 was taken ≈ 12 hours and at t1 ≈18 hours the constant shear
profile is reached. The simulation was stopped after approximately 180 hours. As
maximum shear velocities values of vmax

ϕ = 3 − 6 − 9 km s−1 were considered. These
values are only a fraction (< 5%) of the Alfvén speed at the inner boundary. The value
for ∆θm is at first taken to be 20◦, which means that the shearing is maximal at 20
degrees above and below the equator. Simulations where ∆θm is set equal to 10 and
30 degrees were carried out as well.

5.4 Results
In response to the imposed shearing of the magnetic foot points, the helmet streamer
starts rising into the corona and also starts to swell. The shearing generates a growth in
the azimuthal component of the magnetic field and thus increases the outward point-
ing magnetic pressure force. As a consequence, this force is no longer in balance
with the inward pointing magnetic tension force of the overlying magnetic field and,
as a result, an outward expansion occurs. Hence, this process brings plasma from
the lower corona in the closed field line region upward, while other plasma is pushed
aside by the expanding magnetic field. When the plasma rises into the upper corona
it is accelerated by the solar wind and eventually the helmet streamer becomes more
and more elongated. At a certain point the evolution becomes catastrophic. A current
sheet is formed along the equator and when the current sheet becomes narrow enough,
the numerical diffusion becomes important and magnetic reconnection occurs. This
magnetic reconnection process causes the formation of a flux rope. The flux rope prop-
agates out of the domain while the reconnection process causes the helmet streamer
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Figure 5.3: Three snapshots of the simulation on wind model 1 and vmax
ϕ = 6 km s−1,

showing the relative density (colour scale) and the magnetic field lines (white). On
the left: the stationary wind, in the middle: just before the flux rope is formed, right:
propagation of the flux rope.

Figure 5.4: Representation of the 3D configuration of the magnetic field for the same
simulation as in Fig. 2. The snapshots are taken after respectively 0h, 75h 34min and
88h 45min.

to be re-built and to evolve back to its original state. Because the shearing of the
foot points is continued, the whole process repeats itself and successive flux ropes are
created. In Fig. 5.3 three snapshots of the simulation with background wind Model 1
and vmax

ϕ = 6 km s−1 are presented. The other simulations behave in a similar way,
although there are some exceptions as will be discussed in Sect. 5.5. On the figure,
the magnetic field lines are shown together with the relative density ρ̄, defined as

ρ̄ =
ρtot − ρw

ρw
,
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and expressing the relative amount of extra density with respect to the background
wind, where ρw denotes the density in the stationary wind and ρtot is the density of
the sheared wind. The plot of the relative density ρ̄ shows the development of a three-
part structure as is often seen in observations: a frontal part with a dense structure,
followed by a less dense part (‘cavity’) that contains the top of the flux rope and then
the dense core of the three-part structure.

In Fig. 5.4 a three-dimensional representation of the magnetic field line configura-
tion is given. The snapshots shown in Fig. 5.4 correspond to those given in Fig. 5.3.

5.4.1 Energetics

A good indication for the formation of the flux rope is the evolution of the magnetic
energy WB of the system. Sheared magnetic fields are stressed and contain an excess
of magnetic energy in comparison with the original non-sheared field. Figure 5.5
shows the evolution of the contribution of the three components of the magnetic field
to the magnetic energy for the case of the full MHD wind model (model 2) and a
maximum shear velocity of vmax

ϕ = 6 km s−1. In the other simulations performed, the
evolution of the magnetic energy looks similar. The radial magnetic field component
clearly provides the largest contribution to the magnetic energy. In the original non-
sheared field, there exists only a minor Bϕ-component due to the effect of differential
rotation, but this component becomes increasingly important to the magnetic energy
once the shearing is started. The maximum in WBϕ corresponds to the start of the
rapid rise of the streamer, marking the onset of the catastrophic behaviour. When
the shearing motions are stopped well before this point, the magnetic field will relax
to a new equilibrium, while stopping the shearing motions after this point will result
unavoidably in the formation of a flux rope. The vertical lines in Fig. 5.5 indicate the
time of formation of the flux rope, corresponding to a maximum in WB.

From the moment the magnetic reconnections start, the magnetic energy in the
system decreases dramatically and part of the released magnetic energy is converted
into internal and kinetic energy (see Fig. 5.6). The kinetic energy is used to acceler-
ate the newly formed plasmoid, as will be discussed in Sect. 5.4.2. The amount of
magnetic energy released in the first 6 hours after the flux rope formation is for all
simulations of the order 1031 erg, which is a realistic value of energy release in CMEs.

In Fig. 5.7 the evolution in time of the total magnetic energy is shown and this for
different background winds and different values for vmax

ϕ . In order to have a uniform
normalisation, in this figure the magnetic energy is normalised with the amount of
magnetic energy in a dipole field Wpot with the same flux distribution at the boundary,
which is known to be the minimum energy state. As the magnetic field in the stationary
background field is partly opened, and thus no longer potential, the magnetic energy
of the wind is slightly higher than the energy in the original dipole. Figure 5.7 demon-
strates that the faster the foot points are sheared, the sooner the flux rope is formed
and the higher the peak in magnetic energy is. The chosen model for the background
wind also seems to influence the timing and the height of the peak in magnetic energy
and, thus, the amount of stored magnetic energy and the time of formation of the flux
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Figure 5.5: Evolution of
the magnetic energy in time.
Solid line: total magnetic
energy, dotted line: Br-
contribution, dashed line: Bθ-
contribution, dash-dot line:
Bϕ-contribution. Background
wind model 2 and vmax

ϕ =

6 km s−1. The vertical lines
denote when the successive
flux ropes are formed.

Figure 5.6: Evolution of the
magnetic (solid), kinetic (dot-
ted) and internal (dashed) en-
ergy in time, for the case of
background wind model 2 and
vmax
ϕ = 6 km s−1. The vertical

lines denote when the succes-
sive flux ropes are formed.

rope. Also the amount of released magnetic energy is affected by the background wind
model. However, the differences are small and when the energy is expressed in phys-
ical units these differences in stored and released magnetic energy seem to fade out
and the maximum in magnetic energy is around 2× 1032 erg. Values for the maximum
magnetic energy are listed in Table 5.1 on page 68.

From observations it appears that CMEs involve the transition from a closed or
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partly closed configuration to the open state. According to Aly (1984), there is an
upper limit for the free magnetic energy that can be stored in the system. Sturrock
(1991) claimed that this maximum-energy state of a force-free field is the fully-open
field configuration. Mikić & Linker (1994) calculated the energy of the fully opened
field and found Wopen = 1.662Wpot. Our results are in agreement with the findings
of Linker & Mikić (1995), who came to the conclusion that the magnetic energy al-
ways remains below Wopen, indicating that this type of simulations do not yield a total
opening of the magnetic field. The issue whether or not all the magnetic field opens,
still has to be resolved observationally and can be a constraint for theoretical CME
models.

(a) (b)

Figure 5.7: Evolution of the magnetic energy in time. a) Evolution of the magnetic en-
ergy in the three different background wind models with vmax

ϕ = 6 km s−1. b) Evolution
of the magnetic energy for different shearing velocities, but with the same background
wind model (Model 1).

From the energy equation the amount of dissipated energy can be computed. As
the gradients in the second wind model are the steepest, the simulations on this wind
model suffer the highest numerical dissipation. This is because the finite volume
method reduces from second to first order there where the gradients are too steep.
This gives an upper boundary for the global dissipation of −1030 erg h−1, or when ex-
pressed in terms of the total energy in the background wind: 0.5% of the background
wind energy is dissipated per hour as a result of numerical dissipation.
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5.4.2 Velocity
The velocity at which the centre of the flux rope propagates through the interplanetary
space also depends on the shear velocity and as well on the background wind model.
The effect on the velocity is demonstrated in Fig. 5.8. As the three different wind
models have different velocities along the equator (see Fig. 5.1(b)), the differences
in flux rope speed for the different winds are an expected result. For the same wind
model, but different values of vmax

ϕ , however, the different velocities are obtained due
to a more or less effective transformation of magnetic to kinetic energy. For example,
for the first wind model and vmax

ϕ = 9 km s−1, 85% of the magnetic energy is converted
to kinetic energy during the first 6 hours after the flux rope formation, while this is
only 50% in the case of vmax

ϕ = 3 km s−1. The average velocity is estimated as the
slope of the straight line fitted through the curve giving the position of centre of the
flux rope in time and the values can be found in Table 5.1. The velocity of the flux
rope lies within the range of 300-400 km s−1 and can be classified as a slow CME
event. The flux rope is first accelerated and will finally propagate with the same speed
as the background wind. The velocity curves show the typical shape of the velocity
profiles measured for slow CMEs (Sheeley et al. 1999). As average acceleration we
find values of 2-3 m s−2, which is comparable to the observations (Yashiro et al. 2004;
Vršnak et al. 2004).

(a) (b)

Figure 5.8: The velocity of the centre of the flux rope. a) vmax
ϕ = 6 km s−1, three differ-

ent models for the background wind. b) Three different shear velocities, background
wind model is Model 1.

5.4.3 Width of the shearing region
Broadening or narrowing the width of the shearing profile has also a substantial in-
fluence on the behaviour of the flux rope formation. When the width of the shearing
region is lowered to a value of 10◦, e.g., no flux rope is formed at all, not even when
the simulation is extended until a time tmax ≈ 360h. The helmet streamer does elon-
gate in this case, but it does not swell like in the simulations with ∆θm = 20◦. For
the case of the polytropic wind model (model 1) and vmax

ϕ = 6 km s−1 the magnetic
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energy reached its maximum value (2.09 × 1032 erg) at time t ≈ 315h, followed by
a sudden decrease in magnetic energy, indicating that the reconnection process has
started. However, this does not result in the formation of a flux rope like the one
shown in Fig. 5.3. Broadening the profile to 30◦, on the other hand, does still yield the
formation of a flux rope. However, it is formed at ≈ 67h, which is earlier than for the
∆θm = 20◦ case. The maximum in magnetic energy now amounts to 2.08 × 1032 erg.

These differences with the case of ∆θm = 20◦ are to be expected and are due to
the extent of the closed field line region. The first wind model has the largest helmet
streamer with the closed field line region starting at a latitude of 50◦, while the second
wind model has the smallest streamer. In this wind model, the magnetic field lines
are closed below a latitude of 44◦. In the case of the narrower profile, there are more
closed field lines lying above the sheared arcade, preventing the arcade to erupt, while
for the broader profile the complete helmet streamer is sheared and the plasmoid is
formed faster.

5.4.4 Magnetic helicity
The magnetic helicity is a measure for the amount of twist and writhe of the magnetic
field lines. Helical structures or helical-like patterns are often observed during filament
eruptions and CMEs. Therefore, a general opinion is that the helicity of the involved
magnetic fields appears to hold an important key to the onset of solar eruptions such
as flares and CMEs. Observational studies of the helicity budget of active regions
and the amount of helicity carried away by CMEs is reported by many authors (e.g.
DeVore 2000; Chae 2001; Démoulin et al. 2002; Démoulin & Berger 2003; Nindos
& Zhang 2002; Nindos et al. 2003) and the possible relation between the helicity
injection rate and the occurrence of eruptive events is also a popular research subject
(e.g. Moon et al. 2002; Chae et al. 2004; Nindos & Andrews 2004; Romano et al.
2003, 2005). In the numerical simulations we have the advantage of knowing the
magnetic field components and the longitudinal component of the vector potential on
the entire computational domain. Hence, it may be interesting to compute the helicity
budget in the different simulations we performed.

The formula for the relative magnetic helicity, which is a gauge invariant expres-
sion, is given by (Berger 1988):

Hr =

∫

V
(A + Ap) · (B − Bp)dV,

where B is the magnetic field, A is the magnetic vector potential, Bp denotes the
potential magnetic field that has the same flux distribution as B on the boundary
(Bp.n|S = B · n|S), and Ap is the vector potential corresponding to Bp. In the case
of axial symmetry, the vector potential Ap can be chosen such that Ap = (0, 0, Ap) and
on the boundary the relation Aϕ|S = Ap|S is satisfied. According to Antiochos et al.
(2002), the formula for relative helicity then simplifies to:

Hr = 2
∫

V
AϕBϕdV, (5.1)
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where the longitudinal component of the magnetic vector potential Aϕ is a known
value because of the chosen numerical method (it is one of the dependent variables in
our modified version of the VAC code). A plot of the evolution in time of the total
amount of relative helicity in the simulation volume is given in Fig. 5.9. Values for
the total amount of relative helicity at the moment of the beginning of the dramatic
rise of the streamer (maximum in WBϕ ) and at the moment of flux rope formation are
listed in Table 5.2 on page 69, and are indicated on Fig. 5.9 with +-signs and ×-signs,
respectively.

(a) (b)

Figure 5.9: Evolution in time of the total helicity in the simulation volume. a) Three
different wind models, vmax

ϕ = 6 km s−1. b) Three different shear velocities (wind
model 1). The +-signs indicate the beginning of the dramatic rise of the streamer.
The formation of the flux rope is marked by the ×-symbol.

However, the amount of coronal helicity is difficult to determine from observa-
tional data. A more common, observationally reported quantity is the ‘helicity injec-
tion rate’. As our simulation is axisymmetric, Ap satisfies the conditions ∇ · Ap = 0
and Ap · n|S = 0. The total time derivative of the relative helicity, in case of ideal
MHD, can then be expressed as (Berger 1999):

dHr

dt
= 2

∮

S

[

(Ap · v)B − (Ap · B)v
]

· ndS,

which simplifies, in our specific case, to:

dHr

dt
= 2

∮

S

[

(Aϕvϕ)B − (AϕBϕ)v
]

· ndS. (5.2)

The two terms on the right-hand side express the change of helicity by shearing mo-
tions and magnetic flux emergence, respectively. It is clear that for the kind of sim-
ulations reported on here, the first term in equation (5.2) is the most important one
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at the inner boundary of the computational domain, while at the outer boundary the
largest contribution will come from the second term because of the presence of the
background wind. The amount of helicity in the stationary wind equals zero, so there
is no contribution of the differential rotation. This is because for the generation of
the wind models we initially started from a dipole configuration for the magnetic field
(which has zero helicity), and during the evolution towards the steady wind there is
no helicity injected through the boundaries, as at the boundaries the profiles for Aϕ,vϕ
and vr are symmetric and Br and Bϕ are anti-symmetric so that both terms in the RHS
of equation (5.2) will be zero. In Fig. 5.10 the amount of helicity injected through the
lower boundary (during the application of the shearing boundary condition) is plotted
versus time. The beginning of the dramatic rise and the moment of flux rope formation
are again indicated with +-signs and ×-signs. More information about the values of
the injected helicity can be found in Table 5.2.

(a) (b)

Figure 5.10: Evolution in time of the amount of injected helicity through the lower
boundary. a) Three different wind models, vmax

ϕ = 6 km s−1. b) Three different shear
velocities (wind model 1). The +-signs indicate the beginning of the dramatic rise of
the streamer. The formation of the flux rope is marked by the ×-symbol.

As the shearing starts only after t = t0 ≈ 12 hours, during the first 12 hours of
the simulation there is no helicity injected (see Figs. 5.9 and 5.10) through the lower
boundary. Because the shearing is a continuous process, after t = t0 helicity is un-
interruptedly injected in the coronal volume. When looking at the positions of the
symbols indicating the onset of the instability and the formation of the flux rope in
Fig. 5.10 it seems that the amount of helicity to be injected into the corona to create
the flux rope does depend on the used model for the background wind (Fig. 5.10(a)),
but that within the same wind model it is more or less independent of the applied
shear velocity (Fig. 5.10(b)). This can also be derived from the values mentioned in
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Table 5.2. Figure 5.9(b) shows that at the start of the dramatic rise of the streamer the
helicity in the coronal volume is approximately the same for the three different shear-
ing velocities, but that this is not the case at the moment when the flux rope is formed.
This is because the rise of the field lines that precedes the flux rope formation takes
longer when the shearing is slower, and so more closed field lines are able to reach
the outer boundary, before the flux rope arrives. The sudden decrease in helicity in
Figs. 5.9(a) and 5.9(b) corresponds with the passage of the flux rope through the outer
boundary, and so the CME carries away part of the helicity in the simulation volume.
The passing of the flux rope is marked by a sudden rise in poloidal flux ψ = r sin θAϕ.
This enables us to estimate the amount of magnetic helicity carried away by the CME.
The values are summarised in Table 5.2 and are of the order 1044 Mx2, which is rather
high in comparison with the observations of the amount of helicity in magnetic clouds.
However, this is due to the fact that the present simulations are performed in an ax-
isymmetric model, which means that the shearing region goes all the way around the
solar surface instead of just a few degrees, yielding an over-estimation by at least one
order of magnitude. The simulations show that the amount of helicity in the flux rope
depends on the applied background wind model as well as on the shearing velocity.

5.5 Discussion

Table 5.1 gives an overview of the characteristics of the different simulations, such as
the moment when the first flux rope appeared in the domain during the simulation, the
time interval between the successive flux ropes, and the propagation velocity of the
flux rope. In Table 5.2 some values concerning the helicity budget are listed for the
different simulations.

After the formation of the first flux rope, the newly created helmet streamer starts
swelling again due to the constant shear flow at the boundary and the process of flux
rope formation repeats on and on till the end of the simulation. The time interval
between the successive flux ropes formed in one simulation stays constant and scales
more or less inversely proportional to the maximum shear velocity: the faster the
shearing, the faster the flux ropes follow each other. Values for these time intervals
are listed in Table 5.1. Under the assumption that the magnetic foot points follow the
shear flow exactly, the part of the solar surface that has to be sheared before a flux rope
forms can be computed (see Table 5.1). This leads us to the conclusion that the process
of flux rope formation does depend on the chosen model for the background wind.
Moreover, we can conclude that it is the accumulative amount of shear and not the
shearing velocity that is important for the formation of the plasmoid, as also reported
by Mikić & Linker (1994). However, there are some exceptions as gathered from
Table 5.1, namely the simulations with vmax

ϕ = 3 km s−1 and background wind model 2
and model 3. In the case of model 3 there was no flux rope formed during the first
180 hours of the simulation. When extending the shearing time until tmax ≈ 300h, the
simulation indeed showed the expected dramatic rise of the streamer and the formation
of a plasmoid, but the amount of shear necessary to get this effect is much larger in
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Table 5.1: Overview of some results for the different simulations (∆θm = 20◦). The ta-
ble contains information about the moment when for the first time a flux rope appears
in the simulation, the time interval between the successive flux ropes, the maximum
amount of shear of the solar surface when the flux rope is formed, the average velocity
of the centre of the propagating flux rope and the maximum value in magnetic energy.
Bold numbers indicate values that are not in the expected range.

vmax
φ Model 1 Model 2 Model 3

Approximate time formation 1st flux rope (FR)
3 147 h - 238 h
6 77 h 70 h 87 h
9 58 h 53 h 62 h

Time interval between FR’s
3 - - -
6 58 h 50 h 64 h
9 36 h 34 h 37 h

Amount of sheared solar surface
3 65% - 110%
6 62% 55% 71%
9 64% 57% 69%

Average velocity FR [km s−1]
3 301 - 301
6 327 368 334
9 339 374 350

Maximum in magnetic energy [1032 erg]
3 2.09 2.03 2.16
6 2.13 2.12 2.21
9 2.16 2.15 2.24

this case than in the other simulations with wind model 3. In the case of solar wind
model 2, the catastrophic behaviour never occurred for vmax

ϕ = 3 km s−1, not even
when extending the simulation until more than tmax ≈ 300h. The helmet streamer
does elongate in this case, just like in the other simulations, but it does not swell
that much. A reconnection event does occur, but it is much less violent than in the
other simulations. Hence, the magnetic reconnection event does not create a flux rope
in this case, and the reconnection site is situated higher up in the corona, indicating
that this reconnection may be a numerical artifact due to the relatively high numerical
dissipation as mentioned in Sect. 5.4.1. The numerical dissipation causes a slippage
of the field lines (Steinolfson 1991; Mikić et al. 1988; Mikić & Linker 1994), such
that the field lines do not follow the longitudinal flow exactly. This makes us conclude
that in the case of background wind model 1, the minimum driving velocity of vmax

ϕ =
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Table 5.2: Values concerning the helicity budget for the different simulations (∆θm =

20◦). Shown are the values for the amount of helicity in the total simulation volume
and the amount of helicity injected through the solar surface, both at the moment when
the instability sets in and when the flux rope is formed. Also listed is the amount of
helicity transported by the flux rope through the outer boundary. The numbers in bold
indicate values that are not in the expected range.

vmax
φ Model 1 Model 2 Model 3

Amount of relative helicity in the volume [H/Φ2]
At time of onset instability

3 0.18 - 0.20
6 0.19 0.16 0.21
9 0.19 0.16 0.20

At time of FR formation
3 0.22 - 0.22
6 0.25 0.21 0.26
9 0.27 0.24 0.28

Amount of helicity injected [H/Φ2]
At time of onset instability

3 0.21 - 0.30
6 0.20 0.16 0.23
9 0.19 0.16 0.21

At time of FR formation
3 0.28 - 0.48
6 0.27 0.24 0.31
9 0.28 0.25 0.31
Amount of helicity carried away by plasmoid [1044 Mx2]
3 -1.49 - -1.20
6 -2.03 -1.57 -1.54
9 -2.44 -2.11 -2.07

3 km s−1 is sufficiently far above the slippage velocity, as the formation of the plasmoid
only seems to depend on the amount of shear and not on the shearing velocity. In
case of the third wind model the minimum shear velocity is approximately equal to
the slippage velocity, while for the second wind model it is lower than the slippage
velocity. This also means that decreasing the numerical dissipation, so decreasing the
slippage velocity, should solve the problem. As a matter of fact, the same simulation
on a grid with double resolution in both r− and θ−direction (i.e., with 644 × 204 grid
cells) results in the formation of a flux rope in the second wind model for vmax

ϕ =

3 km s−1. The flux rope is then formed after ≈ 110h, which is somewhat earlier than
the expected ≈ 122h, when analysing the results for vmax

ϕ = 6 and 9 km s−1 on the
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low resolution wind. The reason is that the slippage velocity is now smaller, and so
the amount of critical shear is reached sooner. We thus also repeated the simulation
with wind model 1 and vmax

ϕ = 6 km s−1 on the same higher resolution grid. This
simulation shows a similar effect, but it is less pronounced in this case. The flux rope
is now formed after ≈ 75h, which is slightly faster than the 77h obtained with the
lower resolution grid. When the numerical dissipation is reduced, the magnetic field
can build up more energy before it starts to reconnect, and so the resulting flux rope
propagates at a slightly higher velocity. We found average velocities of 363 km s−1

(model 1, vmax
ϕ = 6 km s−1) and 368 km s−1 (model 2, vmax

ϕ = 3 km s−1), which is
higher, but still in the range of the velocities obtained with the lower resolution grid.

Table 5.1 also lists numbers for the maximum value of the magnetic energy. The
evolution of the magnetic energy was discussed in Sect. 5.4.1. Within the simulations
on the same wind model, the most pronounced difference in magnetic energy occurs
for wind model 2. In the case of vmax

ϕ = 3 km s−1 the maximum in magnetic energy is
rather low compared to the other values. Increasing the resolution yields a higher
peak in magnetic energy: in the case of wind model 2 and vmax

ϕ = 3 km s−1 it is
shifted to 2.13×1032 erg and for wind model 1 and vmax

ϕ = 6 km s−1 it is changed
to 2.17×1032 erg.

The fact that it is the amount of shearing of the magnetic field lines and not the
shear velocity that is the driving factor for the instability can also be derived from Ta-
ble 5.2. Here we listed the amount of helicity in the total volume of the computational
domain and the amount of helicity injected through the photosphere, expressed as the
square of the amount of total magnetic flux (Φ2) through the lower boundary, in order
to be able to compare our results with the ones reported in the related literature. As we
keep the magnetic flux fixed, it is the same for all simulations, viz.Φ = 3.36×1022 Mx.
The expression for the total helicity (equation (5.1)) is independent of the shear veloc-
ity, in contrast to expression (5.2), and so equation (5.1) only takes into account the
shear in the magnetic field. We conclude from the values listed in Table 5.2 that the
total amount of helicity in the coronal volume is a more important criterion for the on-
set of the instability than the amount of injected helicity. For example in wind model 3
and vmax

ϕ = 3 km s−1, the flux rope is formed much later, as explained earlier, and so
the amount of injected helicity will be much larger than for the other simulations on
wind model 3. However, at the moment of the onset of the instability, the amount
of helicity in the coronal volume has approximately the same value as for the other
two cases. In the case of the simulation with wind model 2 and vmax

ϕ = 3 km s−1, the
total amount of helicity reached a maximum value of H/Φ2 = 0.16 over the complete
duration of the simulation (tmax ≈ 180h). By looking at Table 5.2, this seems to be the
value for the onset of the instability, but this value was never exceeded and it was not
reached at the moment WBϕ obtained a maximum, and no flux rope was formed for
this simulation. The same is experienced for the simulation with wind model 1 where
the extent of the shearing region was reduced to ∆θm = 10◦. The coronal helicity mea-
sured a maximum value of H/Φ2 = 0.18, and, again, there was no flux rope formed in
this simulation. The conclusion from these observations is that, in order for the flux
rope to form, the value of the coronal magnetic helicity should sufficiently exceed the
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critical value.
The values we obtained for the coronal helicity and the helicity carried away by the

plasmoid are much higher than the values reported from observations. Typical values
for helicity found in literature are of the order 1042 Mx2, while the amount of helicity
we calculated is two orders of magnitude larger. This can be explained by the fact
that we integrated over the entire solar surface, while observational reports only con-
sider one active region. Moreover, it should be mentioned that helicity computations
from observations are susceptible to many assumptions and probably underestimate
the amount of helicity (van Driel-Gesztelyi et al. 2003). When we express the helicity
in the more “natural” units ofΦ2, our results are better comparable with those reported
in the related literature. Démoulin et al. (2002) mention that for the case they investi-
gated, the maximum coronal helicity is in the interval ≈ [0.2, 0.3]. van Driel-Gesztelyi
et al. (2003) listed an overview of the amount of injected helicity by photospheric shear
for different active regions and they mention values in the range [0.003, 0.2] where the
maximum observing time never exceeded 120h. Nindos & Zhang (2002) believe that
horizontal motions cannot produce enough helicity to provide the helicity ejected into
the interplanetary medium. This may also be an explanation for the high helicity in
our simulations, because we had to give the magnetic foot points an unrealistic amount
of shear before the flux rope was formed, and so we added more helicity by shearing
motions compared to what is occuring on the real Sun.

5.6 Remarks and conclusions

Shearing of the magnetic field lines is indeed a valid mechanism to make the helmet
streamer magnetic field unstable and to trigger a CME, like already shown by Linker
& Mikić (1995). The extensive parameter study that we performed showed that the
applied model for the background wind in these simulations does influence the results.
The differences in density and velocity of the background wind affect the instability
threshold and make it different for the three different solar winds. It also influences the
resulting velocity of the propagating flux rope. Also the maximum velocity at which
the magnetic foot points are sheared and the width of the shear region have affected
the results. The faster the shearing, the faster the instability in the magnetic field will
occur, but also the more efficient the conversion of magnetic to kinetic energy and, as
a consequence, the faster the flux rope propagates. The wider the shearing region, the
easier the flux rope can be formed, while for a too narrow shearing region, the tension
force of the overlying field prohibits the formation of a flux rope. Another important
conclusion is that the total relative helicity seems to play an important role in the
onset of the instability. However, it cannot be concluded from this parameter study
that this is the only factor that determines whether a CME will occur or not, as the
helicity threshold is different for the different wind models. Phillips et al. (2005) did
a numerical simulation of CME triggering using the “break-out-model” (Antiochos
et al. 1999), where they showed that the eruption occurred at a fixed magnitude of
free energy in the corona, independent of the value of the helicity, and so that helicity
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does not play a determining role in CME initiation. We believe that both helicity
and magnetic energy are important players in the CME triggering mechanism. From
the results presented in Sect. 5.4 it can be concluded that the magnetic energy at the
moment of eruption depends on the shear velocity and the wind model as well as on the
width of the shear region, but the differences are small. When there is no reconnection
event, the magnetic energy is indeed less than for the simulations resulting in the
formation of a flux rope.

The drawback of these kind of simulations is that it turns out to be impossible to
create fast CMEs. The amount of shear to be added in the simulations in order to
make the magnetic field unstable is unrealistically high, and so is the required shear
velocity. The minimum peak velocity we considered was 3 km s−1, while in literature
velocities of one order less are mentioned for the photospheric motions (e.g. Romano
et al. 2005). The high numerical dissipation of the Lax-Friedrichs scheme does not
allow us to consider lower values for the driving velocity, unless the grid resolution is
driven up. The question has to be addressed how important shearing motions actually
are in the initiation mechanism of CMEs. The observed shear flows are photospheric
flows. In the photosphere, however, the degree of ionisation is less then 0.01 % (Priest
1984) and the resistivity is higher than in the corona because of the lower temperature.
As such, the plasma description is no longer valid and the magnetic field lines might
not follow the flow motions at all. The inner boundary in our simulation was located at
the lower corona. However, the current observations are unable to answer the question
whether or not shearing motions are present in this part of the solar atmosphere.



Chapter 6

The effect of the background
wind and the initial magnetic
polarity on the CME evolution

This chapter is based on Jacobs et al. (2005) and Chané et al. (2005).

6.1 Introduction
In this chapter the emphasis is on fast CME events producing strong shocks, since
those events play a prominent role in the space weather. The shape and structure of
these MHD shocks depend critically on their velocity and on the magnetic field, the
pressure, etc. of the background plasma. Steinolfson & Hundhausen (1990) predicted
that, when these shocks are in the so-called switch-on regime, the shock front must
be dimpled in order to avoid a discontinuity at the top. Later, De Sterck & Poedts
(1999) showed that, in the case of a ‘magnetically dominated’ upstream plasma, such
a dimpled (steady) shock front is indeed found in numerical simulations, together with
several secondary shock fronts. Moreover, the resulting shock topology turned out to
be rather complex involving almost all different MHD shock types simultaneously,
including fast shocks, fast switch-on shocks, intermediate shocks, slow shocks, hy-
drodynamic shocks, tangential discontinuities, etc. As the topology of these MHD
shocks depends critically on e.g. the velocity of the CME itself and the plasma beta of
the background wind, this complexity may help to derive some of the values of these
parameters provided these shocks can be observed in detail. In the mean time, Tera-
sawa et al. (2001) investigated the very large solar event of July 14, 2000 (Bastille day
event). Their multi-satellite triangulation of data from 5 different spacecraft suggests
a concave shaped shock surface. For the very fast interplanetary shock observed at
October 29, 2003 Terasawa et al. (2005) insinuate also a rippled shock front in or-
der to explain their observations. The question rises whether this dimpled structure is
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a pure MHD effect, or if it is solely due to the inhomogeneity of the solar wind plasma.

While the previous chapter focused on the effect of the background solar wind on
the initiation process of a CME, in the present chapter the influence of the background
medium on the CME propagation will be investigated. The fact that the structure of
the background wind has an influence on the CME evolution was already pointed out
in a numerical study by Wang et al. (1995). By combining both constant and latitude-
dependent boundary conditions for the density, these authors constructed four wind
models and they concluded that the pre-event corona is an important factor in dictating
the structure of the CME superposed on it. Here, the study of Wang et al. (1995) is
extended by considering the three axisymmetric wind models presented in Chap. 4.
Recall that those three wind models were reconstructed with the same code, the same
numerical technique, the same initial and boundary conditions, and using the same
mesh such that the only difference between the models lies in the physics included in
the equations. This is important for an objective comparison. In a first step (Sect. 6.3),
a simple ‘density’-driven CME model is used to investigate the effect of the solar wind
on the CME evolution. Simple pressure-density pulses were used in many numerical
CME studies (e.g. Wang et al. 1995; Groth et al. 2000; Keppens & Goedbloed 2000).
However, the helical patterns often observed in white light images of CMEs suggest
the association of CMEs with twisted magnetic structures. Therefore, in the second
part of the study, a magnetic flux rope is added to the CME model and the effect of its
initial magnetic polarity on the evolution of the CME is investigated (Sect. 6.4).

6.2 Simulation set-up

The computational mesh covers the region between the north and south poles of the
Sun over a distance 1 − 30 R¯. The grid has a resolution of 305 cells in the radial
direction and 94 in the angular direction, including 2 ghostcells at each end. The
grid shows an accumulation of grid points towards the solar surface and towards the
equator with ∆rmax/∆rmin = 180 and ∆θmax/∆θmin = 5. The ideal MHD equations
were solved in cylindrical coordinates (R,Z, ϕ) and axial symmetry was assumed in
the third direction. The magnetic field was kept divergence-free by using the projec-
tion scheme suggested by Brackbill & Barnes (1980). In the remainder of this chapter
wind model 1 refers to the classical polytropic wind model, wind model 2 is the full
MHD model with additional heating term, and wind model 3 corresponds to the poly-
tropic model with the extra Alfvén wave pressure.

In this study, the main interest goes to the evolution of the MHD shocks gener-
ated by CMEs in the solar wind rather than in the evolution of the three-part CME
structure itself. Therefore, a simple ‘density(+pressure)-driven’ model was used to
create the CMEs, that was superposed on the three different wind models. Hence, in
these simulations the shocks were generated by launching a high-density and high-
pressure plasma ‘blob’ on the wind at a certain velocity vcme in a prescribed radial
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direction θcme. The velocity and density profile in the initial disturbance are both of
the form:

f =
fcme

2

(

1 − cos π
dcme − d

dcme

)

,

where f indicates either the density ρ or the radial velocity vr, fcme is the maximum
density or radial velocity in the plasma blob, dcme is the radius of the bubble and d the
distance to the centre of the blob. By choosing the profile like this, there is a smooth
transition between the perturbed region and the background wind. The centre of the
initially superposed plasma blob is located at a certain radial distance rcme and latitude
θcme. For all simulations shown in this chapter, rcme has a value of 1.5 R¯, θcme equals
a latitude of 0◦ or 60◦, and dcme equals 0.29 R¯. When the blob centre is placed on the
solar equator (θcme = 0◦), the perturbation falls completely inside the closed field line
region. Figure 6.1 shows a surface plot of the initial density profile for the case when
the blob is launched along the solar equator.

Figure 6.1: The initial (normalised) density profile used for the shock generation.
Background wind: model 1.

Every simulation discussed in this chapter has a value of ρcme = 5 N∗ for the max-
imum density ρcme in the bubble, i.e. five times the density at the reference position
r∗ (being the lower corona), and the peak in additional initial radial velocity vcme is
1000 km s−1, in order to create a fast MHD shock. For the polytropic wind models
the extra enhancement in pressure is directly related to the density profile by the poly-
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tropic relation p ∼ ργ. The extra pressure added to wind model 2 is taken exactly
equal to the pressure in the disrupting plasma bubble on top of the polytropic winds
in order to have exactly the same initial disturbance superposed on each of the three
different winds.

For reasons of numerical stability, back flow is not allowed through the inner
boundary. Except from this, the boundary conditions used for the CME simulations
are exactly the same as the ones to generate the background wind, and so the wind
re-achieves its original stationary configuration when the simulation is ran over a suf-
ficiently long time interval.

6.3 Effect of the background wind

6.3.1 CME propagation
Figures 6.2 and 6.3 visualise the results of the simulations at 4h12min after the onset
of the CME. Snapshots of the total (i.e. wind + CME) density, the relative density ρ̄,
the total radial velocity, and difference between the total radial velocity and the radial
velocity of the background wind, i.e. ∆vr = vrt − vrw , are shown, where the subscripts
t and w denote, respectively, total and background wind. From these figures it can
be noticed that the density and the velocity structure of the solar wind influence the
evolution of the shock. Because of the extra heating term in the second wind model,
strong gradients in the density, the velocity, and the temperature are present in this
wind model (see Fig. 4.2), causing a bumped shape of the front of the disturbance
when θcme = 0◦. This in contrast with the two polytropic wind models, which have
much smoother profiles of the density and the velocity, leading to a more oval shape
to the shock front. In Figs. 6.4 and 6.5 the profiles of the density, the velocity and
the temperature are shown along a cut in the launch direction (also 4h12min after
onset). These plots demonstrate not only the contrast with the stationary background
wind (indicated on the plots by a dashed line), but also the different behaviour of the
disturbance in the various wind models. Because both the density and the velocity in
the first wind model are lower than in the other two wind models, the impact of the
disturbance is stronger and the discontinuity turns out to be steeper.

Shock speed

The effect of the background wind on the shape and the propagation speed of the
leading shock is clearly visible when a time sequence of the shock position is plotted
(Fig. 6.6). Due to the faster polar wind profile in the second wind model, the dis-
turbance propagates faster in this wind, which is particularly clear when the CME is
launched at θcme = 60◦. For the simulations with θcme = 0◦, the higher density in
the equatorial plane in wind models 2 and 3, compared to wind model 1, acts like an
obstacle making the CME to move slower, although the background wind velocity is
slightly higher for these two wind models. Height-time plots for the position of the
shock front in the direction of the launch angle are shown in Fig. 6.7. By applying
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Figure 6.2: Snapshots at t = 4h12min of (from left to right) the total density, the
relative density, the radial velocity and the difference in radial velocity with the back-
ground wind. Magnetic field lines are shown in black or white. Above: wind model 1;
middle: wind model 2; below: wind model 3. θcme = 0◦.

a linear fit through the height-time curves a value for the average propagation speed
of the shock front (in the launch direction) is obtained. These average speeds are
summarised in Table 6.1.
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Figure 6.3: Snapshots at t = 4h12min of (from left to right) the total density, the
relative density, the radial velocity and the difference in radial velocity with the back-
ground wind. Magnetic field lines are shown in black or white. Above: wind model 1;
middle: wind model 2; below: wind model 3. θcme = 60◦.

Interaction with the magnetic field

When launching the CME along the equator, the magnetic field of the background
wind plays an important role in the evolution of the plasma blob. In this case, the
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Figure 6.4: Cuts along the equator of (from left to right) the density, the radial velocity
and the temperature. The dashed line corresponds to the unperturbed background
wind. Above: wind model 1, middle: wind model 2, below: wind model 3. θcme = 0◦.
t = 4h12min.

initial perturbation is located completely inside the region with closed magnetic field
lines and the magnetic tension force slows down the speed of the plasma blob. This in
contrast to the case θcme = 60◦, where the bubble is initially located completely outside
the closed field line region. Launching the plasma blob outside the closed magnetic
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Figure 6.5: Cuts along a latitude of 60◦ of (from left to right) the density, the radial
velocity and the temperature. The dashed line corresponds to the unperturbed back-
ground wind. Above: wind model 1, middle: wind model 2, below: wind model 3.
θcme = 60◦. t = 4h12min.

field line region may not seem to be realistic in the study of CME propagation. The
reason to do so, however, is to verify the effect on the CME on the surrounding mag-
netic field, and to see how the wind velocity affects the propagation of the plasma blob.
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(a) θcme = 0◦

(b) θcme = 60◦

Figure 6.6: Position of the shock front at (from left to right) 1h48min, 3h, 4h13min,
and 5h25min. Solid line: wind model 1, dotted line: wind model 2, dashed line: wind
model 3. The thick solid line marks the boundary of the simulation domain.

Table 6.1: Average propagation speed of the shock front along the direction of the
launch angle.

Model 1 Model 2 Model 3
θcme = 0◦ 865 km s−1 845 km s−1 835 km s−1

θcme = 60◦ 1030 km s−1 1355 km s−1 1160 km s−1

The pressure-density disturbance deforms the magnetic field lines and the bottom part
of the CME pushes the helmet streamer, which is deflected from the equator. This
is consistent with the observations of Sheeley et al. (2000) who reported the occur-
rence of kinks in streamers caused by disturbances (shocks) propagating away from
high-speed CMEs.
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(a) θcme = 0◦ (b) θcme = 60◦

Figure 6.7: Position of the CME front (in the direction of the launch angle) versus
time. Solid line: wind model 1, dotted line: wind model 2, dashed line: wind model 3.

Spread angle

From the simulations it can be derived that the chosen wind model does not only in-
fluence the propagation speed, but also the spread angle of the CME: two quantities
that are of importance for the geo-effectiveness of a CME event. Because these are
2.5D simulations, defining a spread angle only makes sense for the simulations in
the equatorial plane. To quantify the spread angle the relative density is used. The
mass released in a CME event is quite substantial and the relative density is a tool
to point out the position of the CME plasma in the simulations. The mass inside the
disturbance is called relevant when the total density is at least two times higher than
the steady state wind density. This is exactly what is shown in the second column of
Fig. 6.2 and Fig. 6.3. As such, the spread angle of the simulated CME can be deter-
mined. The evolution of the spread angle in time is plotted in Fig. 6.8. In background
wind model 1 the shock immediately spreads out over 180◦, while for the other mod-
els it stays more confined in space. The explanation for this effect is the lower density
profile in wind model 1, and so the higher impact of the disturbance.

6.3.2 Current sheet formation and reconnection effects

Concentrating on the simulation with θcme = 0◦, in the plots of the relative density
(Fig. 6.2) a small enhancement in density can be noticed around 10 R¯, lagging behind
the CME for all three wind models. This feature is better visible in Fig. 6.4 and at the
same position there is also an increase of velocity and temperature (the latter clearly
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Figure 6.8: Evolution of the
spread angle of the plasma
blob in time. Solid line: wind
model 1, dotted line: wind
model 2, dashed line: wind
model 3.

present in the second wind model). The same features are visible at about 5 R¯. The
eruption of the plasma blob causes the closed field lines of the helmet streamer to
be distorted and stretched out. Behind the ejected plasma blob, the field lines are
approaching each other, creating a current sheet and a X-type magnetic structure in
the equatorial plane. Reconnection processes detach the upper part of the helmet
streamer from the solar surface, giving rise to an outward moving flux rope and a
newly formed helmet streamer. Vertical components for the velocity are developing
just above and under the reconnection site, indicating the existence of flow in the
direction of the current sheet. As the magnetic field lines approach each other, the
density in between them rises, the plasma is heated and is finally squeezed out when
the reconnection occurs, giving massflows towards and away from the Sun (see also
Riley et al. 2002b), which are visualised in Fig. 6.9 and explain the features seen in
Fig. 6.4. The horizontal flow in these simulations reaches velocities up to 200 km/s.
Several authors report on observations of such back flows (e.g. McKenzie & Hudson
1999; Asai et al. 2004) and find speeds in the range of 100-250 km s−1. Although the
simulated outflow is in agreement with the observations, it should be kept in mind
that the reconnection process present in these simulations is a numerical effect due
to the inevitable presence of numerical dissipation. Figure 6.9 shows the magnetic
field lines, the velocity vectors, and a contour plot of the azimuthal component of the
current density along the reconnection site at 7h 48m after the onset of the eruption;
this is right after the shock has moved completely outside the simulation domain.
During the simulation, the helmet streamer slowly regains its original structure, in
agreement with reports of observational studies (e.g. Švestka et al. 1995), the back
flow decreases in magnitude, and at approximately 50h after the start of the simulation
the wind obtained again its original stationary configuration.

6.4 Effect of the initial magnetic polarity

In a theoretical model Low & Zhang (2002) explain the origin of fast and slow CMEs
in terms of the magnetic field structure of the associated prominence. Depending on



84 Evolution of CME associated shocks

Figure 6.9: Contour plot of the current density (Jϕ), overplotted with magnetic field
lines (black) and velocity vectors (white), at the position of the reconnection site.
Background wind model: polytropic with Alfvén waves. In order to enhance the con-
trast, the colour scale was reversed.

the orientation of the prominence magnetic field with respect to the underlying pho-
tospheric magnetic field, quiescent prominences can be categorised into two classes
(Leroy et al. 1984): normal and inverse polarity prominences. Normal polarity refers
to the case where the direction of the prominence magnetic field and underlying field
are the same and inverse polarity corresponds to the case in which the fields are op-
positely directed. In their theory, Low & Zhang (2002) suggest that slow CMEs arise
from inverse polarity prominences and that fast CMEs are associated with the normal
polarity configuration. A graphic of the expulsion of the two types of CMEs is de-
picted in Fig. 6.10. In case of the inverse flux rope configuration, the lift off of the
flux rope creates a current sheet behind the rising flux rope. The like-signed currents
in the current sheet and the flux rope attract each other resisting the outward motion of
the flux rope. When reconnections set in behind the flux rope, the attractive forces are
removed and the expulsion is facilitated. Low & Zhang (2002) claim that this type of
flux rope topology involves gradual acceleration profiles, and magnetic reconnections
do not necessarily play a principal role. This in contrast with the normal topology. In
the normal topology, the rise of the flux rope will form a horizontal current sheet at
the pre-existing X-type neutral point ahead of the flux rope. Magnetic reconnection
at this sheet removes the overlying flux, thus creating an unbalance in the magnetic
forces. The unbalanced outward pointing hoop force at the downside of the flux rope
accelerates the flux rope in a more explosive way, involving an impulsive acceleration
profile. The theoretical model of Low & Zhang (2002) was used by Zhang & Golub
(2003) to interpret their observations of the differences in morphology between flares
associated with fast and slow CMEs.

Inspired by the prediction of Low & Zhang (2002) that CMEs associated with
magnetised inverse flux ropes show a different evolution than those linked to magne-



6.4 Effect of the initial magnetic polarity 85

(a) magnetised inverse

(b) magnetised normal

Figure 6.10: Flux rope expulsion in a) inverse polarity and b) normal polarity mag-
netic topologies. (after Zhang & Golub 2003).

tised normal flux ropes, the plasma blob model described in Sect. 6.2 was fitted with a
flux rope model. The poloidal components BR and BZ of the flux rope can be written
as:

BR = −
1
R
∂Ψ

∂Z
, BZ =

1
R
∂Ψ

∂R
,

where the stream functionΨ(R,Z) is chosen in such a way that the additional magnetic
field of the flux rope connects smoothly to the magnetic field of the background solar
wind:

Ψ(R,Z) = Ψ∗

(

d − dcme

2π
sin

2πd
dcme

)

.

Depending of the sign of the constant Ψ∗, three different situations can occur:

1. Ψ∗ = 0: no additional magnetic field; the original unmagnetised plasma blob of
Sect. 6.2 is obtained.

2. Ψ∗ < 0: the additional magnetic field has the same polarity as the background
field; inverse topology.

3. Ψ∗ > 0: the additional magnetic field has the opposite polarity as the back-
ground field; normal topology.

The three possible cases for the initial magnetic field are demonstrated in Fig. 6.11.
Simulations of magnetised normal and inverse plasma blobs superposed on the three
different axisymmetric wind models were carried out and analysed. The author wants
to stress that the initial state was not designed to be an equilibrium configuration.
The maximal magnetic field strength considered in the initial plasma blob was for
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all simulations ∼ 3.7 Gauss. Even for such a small perturbation, the initial magnetic
polarity plays an important role in the evolution of the CME through the interplanetary
space, as will become clear in the next subsections.

Figure 6.11: Magnetic field vectors for the three possible configurations of the initial
magnetic field. Left: inverse polarity (Ψ∗ < 0); middle: unmagnetised (Ψ∗ = 0); right:
normal polarity (Ψ∗ > 0). The colour scale indicates the magnetic field strength.

6.4.1 CME propagation
Figure 6.12 shows the magnetic field lines and the relative density at 4h12min after the
launch of the plasma blob for the two different magnetic topologies. For comparison,
the unmagnetised case discussed in Sect. 6.3 is shown as well. The magnetic field
configuration is in agreement with the theoretical prediction of Low & Zhang (2002),
including the formation of the current sheet behind the flux rope in the inverse config-
uration. The evolution of the initially unmagnetised CME holds somewhat the middle
between the magnetised normal and magnetised inverse models, with the magnetic
field topology more similar to the inverse case while the density distribution resem-
bles better the normal case.

As can be noticed from Fig. 6.12, the density distribution, which is initially exactly
the same, evolves in a totally different manner for the three cases. For the inverse po-
larity flux rope the bulk of the CME plasma is trapped in the central flux rope and
more or less maintains its initially circular shape. Also, in this case the plasma blob
is clearly detached from the leading shock front. On the other hand, for the perturba-
tion with the normal magnetic polarity and for the initially unmagnetised perturbation,
the CME plasma does not maintain its circular shape. Instead, the mass in the initial
plasma blob spreads all over with a high concentration of density immediately follow-
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Figure 6.12: Plots of the relative density at t = 4h 12m, for a CME launched in the
equatorial plane (θcme = 0◦). Left: magnetised inverse; middle: unmagnetised, right:
magnetised normal. The black lines represent the magnetic field. Background wind:
model 1.

ing the leading shock front. This dissimilarity is an immediate consequence of the
initially different magnetic field configuration. For the inverse CME, the additional
plasma is initially completely surrounded by high magnetic field strength. In response
to the initial velocity, the CME propagates outward from the Sun, driving a shock
ahead of it. However, the inward pointing magnetic pressure and tension forces pre-
vent the plasma to escape from the flux rope and cause a progressive separation of the
leading shock front from the flux rope centre. In the case of the normal polarity, the
reconnections ahead of the flux rope remove flux from the overlying field and from
the flux rope, allowing the plasma in the flux rope to escape from it. The removal of
flux ahead of the flux rope makes the outward pointing magnetic pressure and ten-
sion forces beneath the flux rope to become more dominant, thus pushing the matter
towards the shock front.

CME speed

According to Low & Zhang (2002), the normal polarity case should produce a fast
CME event, while the inverse polarity case should correspond to a slow CME. It is
obvious that this statement can never be verified with the type of simulations carried
out in this numerical study, since the actual initiation mechanism is missing in this
model and the CMEs are generated by launching a plasma blob at an arbitrary speed.
However, the difference in distribution of the magnetic forces should result in a dif-
ferent propagation speed for the different initial magnetic configurations. This can be
verified by plotting the propagation speeds of the CMEs. In Fig. 6.13 the height-time



88 Evolution of CME associated shocks

curves of the leading front and of the centre of relative mass (CRM) are plotted, for
a CME launched at θcme = 0◦ on top of wind model 1. The position of the centre of
relative mass is defined as

CRM =

∫

V ρ̄rd3r
∫

V ρ̄d3r
,

and indicates where the bulk of the CME mass is located. In case the plasma blob is
launched along the equator, the CRM will be located along the equator as well due
to the up-down symmetry in the simulation. Figure 6.13 shows that the inverse CME

(a) location of the CME front vs. time (b) location of the CRM vs. time

Figure 6.13: a) Height-time plot of the CME front position and of b) the centre
of relative mass position along the equator (θcme = 0◦). Solid line: unmagnetised
CME; dash-dotted line: normal CME; dashed line: inverse CME. Background wind:
model 1.

propagates indeed slower than the normal CME. Especially for the position of the
centre of relative mass there is a clear distinction between the different CME models,
with the inverse CME propagating the slowest and the normal CME propagating the
fastest. The centre of relative mass of the initially unmagnetised CME propagates at
a velocity in between these two. The velocities of the leading shock fronts, however,
are approximately the same for the three cases. The leading shock front of the normal
CME propagates slightly faster than those of the inverse and the unmagnetised cases.
Table 6.2 summarises the average velocities of the leading shock front and of the
centre of relative mass.

Evolution path

The evolution path followed by a CME is a very important characteristic of its prop-
agation, because it is a crucial parameter for the space weather effects on Earth: a
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Table 6.2: Average velocity of the leading front and of the centre of relative mass, for
a CME launched at θcme = 0◦ on top of wind model 1.

inverse unmagnetised normal
front 845 km s−1 865 km s−1 935 km s−1

CRM 545 km s−1 630 km s−1 785 km s−1

different evolution path may mean that the CME does not affect the Earth at all, or
affects it in a less direct or substantial way. When a CME is launched exactly on the
equator, i.e. θcme = 0◦, no deviation is possible because of the up-down symmetry
in the simulation. In order to study the effect of the magnetic field polarity on the
evolution path of the CMEs, the CMEs are launched at θcme = 60◦, out of the closed
field lines of the streamer belt. Figure 6.14 shows a snapshot of this simulation, again
with wind model 1 as background. In Fig. 6.15 the path followed by the CRM is
plotted for the same three simulations. According to Figs. 6.14 and 6.15, the initial
polarity of the perturbation substantially affects the evolution path of the CMEs. The
magnetised CMEs are both deviated from the initial launch direction of θcme = 60◦,
while the unmagnetised CME follows more closely the initial launch direction. The
inverse CME is refracted towards the equator, while the normal CME moves towards
the pole. Again this difference is due to the difference in magnetic forces between the
two CME models. The interaction of the background magnetic field with the addi-
tional magnetic field of the plasma blob creates an initial situation in which, for the
inverse case, the magnetic pressure and tension forces are more dominant in the upper
part of the blob resulting in an equatorward pointing force. For the magnetised normal
case the situation is reversed, yielding a poleward pointing force, which explains the
difference in the evolution path.

Spread angle

Figure 6.16 shows the evolution of the spread angle in time, where the spread an-
gle is computed in the same way as before. Again, background wind model 1 was
considered for the plot. In case the polytropic wind model is used as background,
the spread angle does not differ a lot for the different CME models: the spread angle
quickly evolves to 180◦. For the inverse CME this evolution is slightly faster than for
an unmagnetised CME, while for a normal CME it is somewhat slower. However, in
Sect. 6.4.2 it will be shown that this effect is quite different for a different background
wind model. Generally, the inverse CMEs have a wider spread angle than the normal
CMEs, independent of the chosen model for the background. The spread angle of the
initially unmagnetised CME evolves in between the two magnetised cases.

Interaction with the background wind

The differences between the three CME models are further quantified by measuring
the plasma properties along the equator at a fixed distance of 15 R¯. The background
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Figure 6.14: Plots of the relative density at t = 4h12min for an initial launch angle
of θcme = 60◦. Left: magnetised inverse; middle: unmagnetised; right: magnetised
normal. The black lines represent magnetic field lines. Background wind: model 1.

Figure 6.15: Evolution path of the
centre of relative mass in space for a
CME launched at θcme = 60◦. The
dotted line shows the initial launch
direction. Solid line: unmagnetised
CME; dash-dotted line: normal CME;
dashed line: inverse CME. Back-
ground wind: model 1.

wind is again model 1 and θcme = 0◦. The measured variables are the vertical magnetic
field component BZ , the density ρ, and the radial velocity vr. The results are displayed
in Fig. 6.17. In this example, the signature of an inverse CME consists of an initial
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Figure 6.16: The evolu-
tion of the spread angle
of the CME in time.
Solid line: unmagnetised
CME; dash-dotted line:
normal CME; dashed
line: inverse CME.
θcme = 0◦. Background
wind model 1.

Figure 6.17: Evolution of the magnetic field, the density and the radial velocity in time
at a fixed position of 15 R¯ in the equatorial plane. Solid lines: unmagnetised CME;
dash-dotted lines: normal CME; dashed lines: inverse CME. θcme = 0◦. Background
wind: model 1.

rapid decrease of BZ followed by an equally rapid increase, and of two peaks for the
density profile corresponding with the passage of the leading shock front followed
by the plasma blob captured in the flux rope. The normal CME, on the other hand,
is characterised by a short increase of BZ and by a single sharp enhancement of the
density. The unmagnetised CME has also a sharp density peak. However, for this
CME model BZ has a negative peak, similar to the inverse CME case, but not as deep
and not as wide. After 36 hours, none of the three winds are in their original stationary
state. Hence, when a second CME erupts shortly after, the first CME will influence the
propagation of the second one. In this particular case, the second CME will propagate
on a higher speed wind, and will thus evolve faster than the first one, even if their
initial velocities are the same.
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6.4.2 Effect of the background wind

The present subsection gives an overview of all the CME-wind combinations simu-
lated. Both the inverse and normal CME models were superposed on all three axisym-
metric wind models described in Chap. 4. Figures. 6.18 and 6.19 give an overview

Figure 6.18: Snapshots
at t = 4h12min of the
relative density (colour
scale) and the magnetic
field lines (solid lines)
illustrating the influence
of the background wind
(rows) and the magnetic
polarity of the CME flux
rope (columns). Top
row: magnetised inverse
CME; middle row: un-
magnetised CME; bottom
row: magnetised normal
CME. Left column: wind
model 1; middle col-
umn: wind model 2; right
column: wind model 3.
θcme = 0◦.
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of all the simulations done. For comparison, the unmagnetised case is shown as well.
The figures show the contours of the relative density, overplotted with the magnetic
field lines at t = 4h12min.

Clearly, the background wind model used in the simulations has a substantial in-
fluence on the evolution of the CME. Nevertheless, all the conclusions about the im-

Figure 6.19: Snapshots
at t = 4h12min of the
relative density (colour
scale) and the magnetic
field lines (solid lines)
illustrating the influence
of the background wind
(rows) and the magnetic
polarity of the CME flux
rope (columns). Top
row: magnetised inverse
CME; middle row: un-
magnetised CME; bottom
row: magnetised normal
CME. Left column: wind
model 1; middle col-
umn: wind model 2; right
column: wind model 3.
θcme = 60◦.
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portance of the initial polarity seem to hold for each of the wind models. For each
background wind model, the magnetised CMEs evolve to a magnetic field configu-
ration that is in agreement with the picture of Low & Zhang (2002). For the three
winds, the inverse CME launched on the equator results in a flux rope detached from
the shock front. For each wind, a normal CME launched at an angle of 60◦ is deviated
to the pole and an inverse CME is deviated to the equator.

Figures 6.18 and 6.19 show that not only the CME model (the initial polarity)
is important, but also that the wind model plays an important role, as pointed out in
Sect. 6.3. The analysis of the evolution path and spread angle was carried out for
wind models 2 and 3 as well and, although the results are qualitatively the same,
quantitatively they can differ quite substantially. For example, Fig. 6.20 shows the
evolution path of the centre of relative mass for the three CMEs launched at an angle
of 60◦ on top of wind model 2. As for the polytropic wind (see Fig. 6.15) the normal
CME is deviated towards the pole (compared to the initial launch angle), while the
inverse CME is deviated towards the equator, but not as much as in the polytropic
wind.

Figure 6.20: Evolution path of the
centre of relative mass in space for a
CME launched at θcme = 60◦. The
dotted line shows the initial launch
direction. Solid line: unmagnetised
CME; dash-dotted line: normal CME;
dashed line: inverse CME. Back-
ground wind: model 2.

As already pointed out in Sect. 6.3, the background wind model substantially af-
fects the spread angle of the CMEs. The effect of the initial magnetic polarity of the
CME on the spread angle in wind model 2 is demonstrated in Fig. 6.21, which has to
be compared to Fig. 6.16 where the results of the same analysis were shown, but for
the polytropic background wind. It can be noticed that for wind model 2 the effect of
the initial magnetic field of the CME is much more outspoken than for the polytropic
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Figure 6.21: The evolu-
tion of the spread angle
of the CME in time.
Solid line: unmagnetised
CME; dash-dotted line:
normal CME; dashed
line: inverse CME.
θcme = 0◦. Background
wind model 2.

wind. The spread angle grows again the fastest for the inverse CME, but for the un-
magnetised and the normal CME it now reaches a maximum between 100◦ and 130◦

after about 2 hours and then, after about 3.5 hours, it decreases again. Also, for the
inverse CME the spread angle decreases again after 5 hours, which was not the case
for the polytropic wind model.

6.5 Shock topology
De Sterck (1999) verified with numerical simulations that in case of magnetically
dominated flow, the typical bow shock shape cannot exist, and the shock front has to
be dimpled with a rich variety of different shock types present. For the flow to be
magnetically dominated, two conditions have to be satisfied. First of all, the upstream
plasma-β has to satisfy βup < 2/γ, where γ is the adiabatic index and β is the ratio of
the thermal to the magnetic pressure, i.e. β = 2p/B2. Secondly, the upstream normal
velocity component (i.e. with respect to the shock normal) has to lie between the
upstream Alfvén velocity cA and a critical speed vcrit defined by

cA,up < vn,up < cA,up

√

γ(1 − βup) + 1
γ − 1

= vcrit.

A dimpled front can be observed in the simulations displayed in Fig. 6.18. The
question rises whether this dimpled structure of the propagating shock is of the same
origin as the complex steady shocks studied by De Sterck (1999). Therefore, a detailed
analysis was made of the shock front. Since the dimple is most strongly present in
the simulation on solar wind model 2, we focus for this analysis on the simulations
with the second solar wind model. The simulations were repeated on a grid with
resolution 644×205, this is more than double the resolution of the previous simulations
in both the radial and angular direction. This is done in order to have a less diffusive
reconstruction of the shock front. Moreover, the radial grid spacing was changed, so
that even at the end of the simulation domain the radial grid size was not greater than
∆r = 0.16 R¯. Crucial in the determination of the shock type is the calculation of
the shock normal and of the shock velocity. The procedure followed to obtain these
quantities is outlined below:
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1. Find the position of the CME front. This is done by defining a start position
in the unperturbed upstream flow region, and tracing down the magnetic field
line passing through the starting point, until certain thresholds in the relative
density, velocity, and entropy are exceeded.

2. Calculate the shock normal. When the location of the shock is found, the
shock normal is computed by calculating the gradients in density, velocity, and
entropy. The shock normal is then defined as an average of those three gradients.

3. Define the downstream region. The shock is characterised by a steep increase
of density, velocity, and entropy. The downstream region is defined as the loca-
tion where the profiles for those three quantities start flattening again. Unfortu-
nately, the shock is not infinitely thin due to the numerical dissipation. At the
outer part of the domain (r > 20 R¯) the distance between the shock front and
the downstream region was around 0.5 R¯.

4. Calculate the shock velocity. The up- and downstream velocities are projected
on the shock normal and the shock velocity is calculated from the Rankine-
Hugoniot relations. These relations describe the conservation of the fluxes
through the discontinuity and yield:

vS =
ρupvn,up − ρdownvn,down

ρup − ρdown
,

where vn is the velocity component normal to the shock, and vS denotes the
shock speed.

When these quantities are known, the flow variables in the reference frame of the
shock can be computed and the type of shock can be determined. Figure 6.22(a) shows
the velocity contours at t = 4h30min and θcme = 0◦. At this point of the simulation, the
dimple is well developed and the shock is still completely located in the simulation
domain. The plot shows several magnetic field lines, the location where they cross
the shock, and the corresponding normal directions. The same figure is made for the
θcme = 60◦ case (Fig. 6.22(b)). From the analysis of the flow variables, it turned out
that at all time and in all simulations the shock is of the fast type. Only close to the
Sun, at a distance of r < 5 R¯, the plasma-β of the wind is smaller than 2/γ and
intermediate shocks might occur. In this region, however, the CME speed is already
far above the critical speed. The dimple on the shock front is thus of a different nature
than the dimples in the steady shocks simulated by De Sterck (1999). The dimple here
is not of magnetic origin, but is purely caused by the sharp latitudinal variations in
density and velocity.

The algorithm described above makes it possible to determine the shock velocity
at each point of the shock front. Table 6.3 contains the calculated shock velocities at
the locations indicated in Fig. 6.22. These numbers quantify once more the differences
in propagation between the various CME models. Although some prudence is called
for in the interpretation of these numbers, since the algorithm is not infallible and the
shock is not infinitely thin, which does not facilitate a correct determination of the
downstream region.
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(a) θcme = 0◦ t = 4h30min (b) θcme = 60◦ t = 3h30min

Figure 6.22: Velocity contours and shock normals (dashed lines). The black lines
represent magnetic field lines. The red crosses indicate the calculated position of the
shock front. CME model: magnetised normal.

Table 6.3: Shock speeds (in km s−1) calculated from the Rankine-Hugoniot relations
at different angular positions (co-latitude), for a CME launched at a) θcme = 0◦ and
at b) θcme = 60◦ on top of solar wind model 2.

(a) θcme = 0◦ t = 4h30min

θ 15◦ 25◦ 35◦ 45◦ 55◦ 65◦ 75◦ 85◦

unmagnetised 970 920 935 930 860 735 695 750
inverse 975 970 960 935 870 680 740 750
normal 965 935 930 935 865 720 690 740

(b) θcme = 60◦ t = 3h30min

θ 15◦ 25◦ 35◦ 45◦ 55◦ 65◦ 75◦ 85◦

unmagnetised 1225 1160 1160 1050 740 610 - -
inverse 1130 1130 1135 1110 870 480 525 -
normal 1200 1185 1170 1055 740 555 500 -

6.6 Conclusions
The simplified 2.5D solar wind models presented here demonstrate the importance of
an accurate and reliable solar wind model in the framework of space weather predic-
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tions. By reconstructing three popular solar wind models on exactly the same grid,
with the same numerical technique, and same boundary conditions, we have demon-
strated that the use of different models for the pre-event solar atmosphere leads to
substantially different behaviour in CME propagation and evolution. Despite the lim-
ited simulation domain (up to 30 R¯) and the simple CME model invoked, differences
in the shock speed, the shock strength, the spread angle, and the mass distribution
were found and quantified. It was also demonstrated that the polarity of the flux rope
contained in the CME has an influence on the evolution of the CME. In particular,
depending on the magnetic orientation of the flux rope with respect to the background
magnetic field, a different magnetic topology for the CME was obtained (in agreement
with the predictions of Low & Zhang (2002)), but also a difference in the spread angle
of the CMEs, different speeds of the CME plasma, a totally different mass distribution,
and a considerably different evolution path were observed. The performed parameter
study proves that the initial conditions and the background solar wind have to be mod-
elled with care if space weather predictions are envisaged. This is because a change in
the magnetic field, the density, or the velocity of the background solar wind can make
a substantial difference in the geo-effectiveness and arrival time of the CME.



Chapter 7

Comparison between 2.5D and
3D simulations of coronal mass
ejections

The content of this chapter was published in Jacobs et al. (2007).

7.1 Introduction
In the previous two chapters, the numerical simulations were based on a mathemati-
cal model involving an axisymmetric configuration, thus considerably simplifying the
problem to be solved. The assumption of axial symmetry might be a good approach
for the solar corona and the solar wind under conditions of solar minimum, but for the
study of CMEs this assumption is definitely no longer valid as CMEs possess clearly
a fully three-dimensional (3D) structure. From this perspective, the previous kind of
simulations were repeated, but now in a three-dimensional set-up in order to point out
the differences between the axisymmetric (2.5D) and 3D simulations and to check the
quality and reliability of the 2.5D simulations.

7.2 Simulation set-up
The ideal MHD equations are solved in a spherical geometry (r, θ, ϕ-coordinates),
where the computational domain extends in the region 1−30 R¯ in the radial direction,
and it covers the whole region between the north and south pole of the Sun, i.e. 0 ≤
θ ≤ π. For the 3D simulation a full sphere is modelled, where the cells are equidistant
in the longitudinal direction (0 ≤ ϕ ≤ 2π). The grid resolution was taken to be
644 × 95 × 184, including 2 ghostcells at each end. The grid shows an accumulation
of cells towards the solar surface and towards the equator, where the grid size varies
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from ∆r = 0.005 R¯ near the solar base to ∆r = 0.16 R¯ at the outer boundary and
from ∆θ = 4◦ at the poles to ∆θ = 0.8◦ at the equator. For the 2.5D simulations the
grid is limited to a meridional plane of the 3D mesh. The high resolution in the radial
direction is necessary in order to capture the CME shock structure satisfactorily. The
magnetic field is kept divergence-free by using the vector potential on the nodal points
instead of the cell-centred magnetic field components.

To construct the background solar wind, the full set of MHD equations is solved
in a corotating frame along with an extra added gravitational force as well as an
additional heating/cooling term that mimics the combined effect of radiative losses,
thermal conduction and volumetric heating. The heating function is the same as de-
scribed in Chap. 5, and is very similar to the heating function used by Manchester
et al. (2004a).

The CME model is the same as described in the previous chapter (Sect. 6.2), and is
repeated here for convenience. The shocks are generated by launching a high-density
plasma blob on the wind at a certain speed vcme in a prescribed radial direction θcme.
The velocity and density profile in the initial disturbance both take the form:

f =
fcme

2

(

1 − cos π
dcme − d

dcme

)

,

where f describes either the added mass density ρ or radial velocity vr, fcme is the
maximum density ρcme or radial velocity vcme in the plasma bubble, dcme is the radius
of the bubble, and d is the distance to the centre of the blob. The centre of the plasma
blob is initially at a certain radial position rcme and latitude θcme. For the simulations
discussed here, rcme was taken to be 1.5R¯, dcme equals 0.29R¯, and the blob was
launched in the equatorial plane (θcme = 0◦). In case of the 3D simulation, a third
parameter is needed to fix the initial position of the plasma blob, namely ϕcme, indi-
cating the longitudinal position of the blob-centre. This parameter is taken to be equal
to ϕcme = π. The values taken for rcme, θcme, and ϕcme correspond with launching the
plasma blob along the negative X-axis. After the initiation, the CME was followed for
approximately 7 hours of physical time. To reach this physical time requires ≈50 000
iterations, which were made in about 47 hours of CPU time on 128 CPUs of the VIC-
cluster at the K.U.Leuven. For comparison: the axisymmetric cases required only
≈13 000 iterations (because of the larger time step), which were made in less than 10
minutes on 32 CPUs.

7.3 Results

7.3.1 3D CME simulation
In order to create fast shocks, the maximum radial velocity in the blob, vcme, was
set to about 1000 km s−1 in every simulation discussed here. In the case of the 3D
simulation, a maximum in density of ρcme = 10 ρ∗ is taken, i.e. the density in the
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Figure 7.1: Snapshot of the 3D sim-
ulation at t = 3h50min. Shown are
contours for the radial velocity in the
equatorial plane and in three different
slices parallel to the XZ-plane. Pink
lines visualise magnetic field lines.

centre of the blob is taken 10 times higher than the density at the solar base ρ∗. This
value for ρcme corresponds to a total mass in the blob of ≈ 1016 g, which is a realistic
amount of mass for a CME. Plots of a snapshot of this simulation are shown in Fig. 7.1
and Fig. 7.2. In Fig. 7.1, contours of the radial velocity are shown for different slices
parallel to the XZ-plane. This figure clearly shows that the background solar wind
possesses regions of fast flow, where the maximum speed is more than 700 km s−1,
and regions of slower flow (350 km s−1). In Fig. 7.2, contours and an isosurface of the
relative density ρ̄ are shown. The relative density expresses the excess or depletion in
density compared to the original steady state background wind. The white, transparent
isosurface corresponds to the position where the relative density has a value of ρ̄ =
0.1, i.e. where the density in the simulation is 10% higher than the density of the
background wind, indicating the spatial boundaries of the CME. Figure 7.3 shows a
plot of the position of the centre of relative mass during the time evolution of the 3D
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Figure 7.2: Two different points of view of a snapshot of the 3D simulation at
t = 3h50min. Shown are contours for the relative density ρ̄ in the equatorial plane
and an isosurface of ρ̄ = 0.1. Pink lines visualise magnetic field lines.

plasma blob. The centre of relative mass rCRM is defined as

rCRM =

∫

V rρ̄(r)d3r
∫

V ρ̄(r)d3r
.

Because of the up-down symmetry of the simulation, the centre of mass is positioned
in the equatorial plane (XY-plane). From the plot it can be seen how the rotation
of the Sun influences the propagation of the CME, as expected. However, since the
simulation domain extends to 30 R¯, this effect is only minor. The effect of solar
rotation can also be seen in the magnetic field line traces shown in pink on Figs. 7.1
and 7.2.

Figure 7.3: Position of
the centre of relative mass
in the equatorial plane.
The centre of mass deflects
from the X-axis due to the
rotation of the Sun.

7.3.2 3D versus 2.5D simulations
Next, the 3D simulation is compared to 2.5D simulations with three different values
for ρcme. The first axisymmetric simulation has ρcme = 10, just like the 3D simulation,
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(a) relative density

(b) radial velocity

Figure 7.4: Contour plots of a) the relative density and b) the radial velocity in the
different simulations at 3h50min after the onset of the CME. The frames on the far
right show the results for the 3D run.

but in the axisymmetric case the initial plasma blob corresponds to a torus of higher
density around the Sun, and so the total amount of mass in the torus is much larger than
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(a) density

(b) radial velocity

Figure 7.5: Cuts along the equator for a) the density and b) the radial velocity. The
dashed line indicates the value in the undisturbed background solar wind.

the total amount of mass in the 3D plasma blob, namely: 4 × 1017 g, which is higher
than the observational values. The second 2.5D simulation has ρcme = 0.27. With this
value for ρcme the total amount of mass in the torus is the same as for the 3D plasma
blob. Of course, it is not only the amount of mass in the blob that is important for the
CME evolution, but also the initial momentum. In a third axisymmetric simulation,
the parameters dcme and ρcme are adapted in such a way that, when only a part of the
torus is considered that has the same width as the 3D plasma bubble, then this part
of the torus has the same initial volume and the same amount of initial momentum in
the radial direction as the 3D plasma blob. This gives a value for the blob radius of
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dcme = 0.238 R¯ and a value of ρcme = 2.4 for the peak in density. Figure 7.4 shows
a snapshot of the relative density and the radial velocity for the three axisymmetric
simulations and for the full three-dimensional case. In order to be able to compare the
2.5D and 3D results, the 3D results are shown in the meridional plane that initially
contained the centre of the plasma blob, i.e. the XZ-plane. As the effect of solar
rotation is small, the CME will be more or less symmetric around this plane. In
Fig. 7.5 cuts for the density and radial velocity are shown in the equatorial plane,
along the X-axis. From these figures it can be noticed that the 2.5D run having the
same momentum (dcme = 0.24 and ρcme = 2.4) best agrees with the 3D simulation.

In order to quantify the differences in propagation speed between the different
simulations, Fig. 7.6 shows the position of the CME front in the XZ-plane at differ-
ent moments. As expected (since the initial velocity is always the same), the most
massive CME (case ρcme = 10) propagates the fastest and the low density CME (case
ρcme = 0.27) the slowest, while the 2.5D simulation with the same amount of initial
momentum propagates more or less at the same speed as the 3D case. Height-time

Figure 7.6: The position of the CME front at different times. Dash-dot line: 2.5D
and ρcme = 0.27, dash-dot-dot-dot line: 2.5D and ρcme = 10, dashed line: 2.5D and
ρcme = 2.4, solid line: 3D.

plots of the position of the CME front along the equatorial plane are shown in Fig. 7.7.
The average velocity of the CME propagation is given by the slope of the least-square
linear fit through the height-time curves, while the average acceleration is obtained by
a second-order polynomial fit through the height-time curves. These velocities and
accelerations are summarised in Table 7.1 and are comparable with typical observed
values for CME acceleration and velocity (Yashiro et al. 2004).

Sheeley et al. (1999) investigated the height-time curves of several CME events
and concluded that fast CMEs show clear evidence of deceleration. The observed
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Figure 7.7: The position
of the CME front along
the equator versus time.
Dash-dot line: 2.5D and
ρcme = 0.27, dash-dot-
dot-dot: 2.5D and ρcme =

10, dashed line: 2.5D and
ρcme = 2.4, solid line: 3D.

Table 7.1: Average speed and acceleration of the CME front and of the centre of
relative mass (CRM).

2.5D 3D
ρcme = 0.27 ρcme = 10 ρcme = 2.4 ρcme = 10

< v > 495 km s−1 1009 km s−1 680 km s−1 680 km s−1

< a > 4.5 m s−2 -9.3 m s−2 -4.3 m s−2 -7.7 m s−2

< vCRM > 383 km s−1 670 km s−1 478 km s−1 463 km s−1

< aCRM > 8.3 m s−2 -4.7 m s−2 -1.5 m s−2 -5.1 m s−2

height-time curves were fitted with the function:

r(t) = r0 + v1t + (1 − e−t/τ)(v0 − v1)τ. (7.1)

The corresponding velocity profile is then given by:

v(t) = v1 + (v0 − v1)e−t/τ, (7.2)

with v0 the initial speed of the CME, and v1 the final speed, reached asymptotically in
an e-folding time τ. This fitting technique is applied on the 3D simulation to both the
height-time plot of the CME front, as well as to the height-time curve of the centre of
relative mass. For the CME front, we find values of r0 = 1.65 R¯, v0 = 948 km s−1,
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v1 = 647 km s−1, and τ = 1.14h. The centre of relative mass moves more slowly with
an initial velocity v0 = 666 km s−1, and asymptotic speed v1 = 434 km s−1. Values for
r0 and τ are 1.57 R¯ and 1.28h respectively. The height-time curves and corresponding
fits with Eq. (7.1) are shown in Fig. 7.8(a). The bottom panel in Fig. 7.8, shows the
velocity versus height as derived from the height-time profiles. Both the front of the
CME and the centre of relative mass show a decreasing velocity profile, corresponding
to the findings of Sheeley et al. (1999) for fast CME events. The empirical result of
Sheeley et al. (1999) was also reproduced by Manchester et al. (2004a) in their 3D
MHD simulation of a flux rope driven CME.

(a) Height-Time plot (3D simulation)

(b) Velocity-Height plot (3D simulation)

Figure 7.8: a) Height-time curves for the CME front (+-signs) and the centre of rel-
ative mass (CRM) (4-signs) along the equator for the 3D simulation. The fits with
Eq. (7.1) are denoted with a solid line and a dashed line respectively. b) Velocity of
the front (+-signs) and centre of mass (4-signs) as function of height.
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Vršnak et al. (2004) carried out a statistical study of the kinematics of more than
5000 CMEs measured between 2 and 30 R¯. They found a distinct anticorrelation
between the average acceleration and the velocity of the CME, that can be represented
in the form a = −k1(v− v0), and interpreted the acceleration-velocity relation in terms
of aerodynamic drag. The reported values for v0 are systematically larger than the
solar wind speed by some 100-200 km s−1. The aerodynamic drag is proportional with
the difference between the solar wind speed and the CME speed: events faster than the
solar wind will decelerate, while events slower than the background wind will show
a positive acceleration. Although the average velocity of the slowest simulated event
is larger than the solar wind speed (vwind ≈ 350 km s−1 at 30 R¯), the acceleration is
positive, confirming the findings of Vršnak et al. (2004) that in the range between 2
and 30 solar radii a non-negligible propelling force is still acting on the CME. The drag
force does not only depend on the solar wind and CME speed, but also on the CME
size and density. According to Vršnak et al. (2004) the slope k1 of the a − v relation
is smaller for wider CMEs. This might explain the difference in acceleration between
the 3D simulation and the best corresponding axisymmetric simulation. In Fig. 7.9
the evolution of the spread angle with time is shown for the different simulations.
As criterion for the determination of the spread angle, the same as in the previous
chapter was taken, i.e. only the part of the CME with a relative density higher than one
(ρ̄ > 1) was considered. We have chosen this criterion since it expresses an excess in
density, like indirectly seen in coronagraph images. Whatever level in relative density
is chosen in the computation of the spread angle, the spreading of the 3D CME is
always less than that of the best corresponding 2.5D simulation. Figure 7.9 shows
that the angular variation of the CME remains more or less constant when travelling
through the high corona, which is consistent with observations (St. Cyr et al. 2000).
For the sake of completeness, also the spreading of the 3D CME in the equatorial
plane is shown in Fig. 7.9.

Figure 7.9: The time
evolution of the spread
angle in the XZ-plane.
Dash-dot line: 2.5D and
ρcme = 0.27, dash-dot-
dot-dot: 2.5D and ρcme =

10, dashed line: 2.5D and
ρcme = 2.4, solid line:
3D. The line with the tri-
angles gives the evolution
of the spread angle of the
3D simulation in the equa-
torial plane.

Although the position of the front of the 2.5D simulation with the same amount
of momentum (dcme = 0.238 and ρcme = 2.4) is comparable with the position of
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the CME front in the 3D simulation, it seems from Figs. 7.4(a) and 7.5(a) that the
distribution of the mass in the CME is slightly different. However, when plotting
the radial distance of the relative centre of mass rCRM in time (see Fig. 7.10), the
curves for the 3D simulation and the axisymmetric simulation with the same amount
of momentum almost coincide. Average values of the velocity and acceleration of
rCRM can be found in Table 7.1. The average acceleration of the centre of relative
mass is higher than that of the CME front, meaning that at larger distances the front
will get compressed.

Figure 7.10: The posi-
tion of the centre of rel-
ative mass versus time.
Dash-dot line: 2.5D and
ρcme = 0.27, dash-dot-do-
dot line: 2.5D and ρcme =

10, dashed line: 2.5D and
ρcme = 2.4, solid line: 3D.

7.4 Conclusions
Fully three-dimensional time dependent ideal MHD simulations of the evolution of
a plasma blob in a steady state background wind were performed and the result was
compared with similar simulations that considered an axisymmetric configuration. In
the range up to 30 R¯ it was found that the 3D simulation was best in agreement
with the 2.5D simulation having parameters ρcme = 2.4 and dcme = 0.238, this is
corresponding with a simulation having initially the same amount of radial momentum
in the plasma blob as the 3D case. For these two simulations, the position of the front
and of the centre of relative mass showed a similar evolution in time. Because the
2.5D simulation is spread over a wider area than the 3D simulation, the latter one is
subjected to a larger drag force. This would lead to a larger time of arrival when the
simulations would be extended up to 1 AU. Although in the axisymmetric simulation
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the plasma blob corresponds to a torus of high density around the Sun (which is clearly
an unrealistic situation), the kind of axisymmetric simulations presented here show
similar characteristics as observed CMEs and can be used to imitate CME events.
For example, by fine-tuning the initial parameters it turned out to be possible to fit
the velocity, density, and magnetic field profiles of the halo CME event of April 4,
2000 reasonably well (Chané et al. 2006). The axisymmetric simulations can be used
as a good first approach to estimate the time of arrival of the shock and the density
and velocity structure and correspond well with a fully 3D simulation, provided that
appropriate CME initiation parameters are chosen.



Chapter 8

Evolution of a
three-dimensional flux rope
CME from Sun to Earth

8.1 Introduction

It is generally accepted that CMEs originate from the so-called ‘closed’ magnetic
regions on the Sun. Such ‘closed’ magnetic fields can be found in active regions,
filaments, and transequatorial interconnecting loops. The latter are most likely to ap-
pear during solar minimum, when the active regions are on average much closer to
the equator. Cremades & Bothmer (2004) studied 124 structured CME events and
analysed the relation between the source region characteristics at the solar surface and
the morphology of the CME observed with LASCO. They concluded that structured
CMEs can be interpreted as three-dimensional magnetic field entities that arise in a
self-similar manner from pre-existing small-scale loop systems. Jing et al. (2004)
made a statistical study of more than 100 filament eruptions and found that 56% of the
investigated events corresponded with a CME. Gilbert et al. (2000) performed also a
statistical study of prominence activity and developed definitions of active and erup-
tive prominences. They came to the conclusion that eruptive prominences are more
strongly associated to CMEs (94% of the investigated events) than active prominences
(only 46%) and that probably all CMEs associated with eruptive prominences possess
the three-part front-cavity-core structure. In general, it is believed that the prominence
material is suspended in the corona by concave upward magnetic fields, possibly pos-
sessing some twisted topology (e.g. Kippenhahn & Schlüter 1957; Kuperus & Raadu
1974; Low & Zhang 2004). Helical patterns are often observed in coronagraph images
of structured CMEs and support the idea of the link between CMEs and erupting flux
ropes.

When travelling through IP space, CMEs often develop the structure of a magnetic
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cloud (MC), with or without a preceding shock wave, depending on the velocity of the
MC. The following criteria were used by Burlaga & Behannon (1982) to identify a
MC: 1) the magnetic field vector has to rotate parallel to a plane over a large angle
during a time interval of the order of one day; 2) the magnetic field strength inside
a MC is higher than in the average solar wind; and 3) the temperature in a MC is
lower than that of the ambient solar wind. MCs are regarded as the interplanetary
counterpart of an erupting flux rope (Bothmer & Schwenn 1994). They are especially
important when they carry southward oriented magnetic field, which may cause se-
vere geo-magnetic storms when they hit the Earth. The geo-effectiveness of MCs was
investigated by Wu et al. (2006b) who found that 89% of the MCs occuring between
1995 and 2003 induced a geo-magnetic storm. MCs are also often associated with in-
terplanetary shocks. Bothmer & Schwenn (1998) investigated 46 MCs observed with
the Helios spacecrafts between 0.3-1 AU, and they found that 85% of the events were
preceded by interplanetary shocks. There is a strong association between MCs and
CMEs. Half of the studied cases by Bothmer & Schwenn (1998) could intimately be
connected with CMEs.

Chané et al. (2006) demonstrated that the simple 2.5D blob model including a
magnetic flux rope presented in Chap. 6 can predict the flow variables at 1 AU for a
specific CME event reasonably well. However, it is straightforward to see that the
effect of the CME depends on the angular position of the observer and that the as-
sumption of axial symmetry poses severe restrictions on the possible magnetic field
configuration in the magnetic cloud. In this chapter, the 3D extension of this 2.5D
model is presented, and the evolution and the impact of the CME and the dependency
on the radial and angular position of the observer are investigated. The strategy fol-
lowed for simulating a CME event is the same as before, but instead of launching a
spherical plasma blob, a magnetic flux rope with enhanced density will be flung into
the interplanetary medium. The simulation was split into two parts: in a first part the
evolution of the flux rope up to 30 R¯ was investigated in detail; the second part of the
simulation contains the study of the propagation of the CME up to 1 AU. The initial
magnetic configuration in the flux rope is a modification of the Lundquist equilibrium
for constant α force-free fields in cylindrical geometry and will be presented in the
next section.

8.2 Flux rope model

The idea of fitting the magnetic cloud structures with some analytical formula is al-
ready more than 20 years old and through the years many different models have been
developed (see Riley et al. (2004) for a comparison between several flux-rope-fitting
techniques). Since magnetic clouds are low-β structures, a force-free field is often
used to approximate their magnetic configuration. The oldest models (e.g. Burlaga
1988) approximate the magnetic cloud as a cylinder and use Lundquist’s solution for
constant-α force-free magnetic fields inside a cylinder to derive information like the
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cloud’s orientation and radial extent.

Magnetic fields of the form:

∇ × B = αB,

with α a constant, obey the relation

J × B = 0,

where J = ∇×B, and are thus by definition force-free. Lundquist derived in the 1950’s
mathematical formulae for a constant-α force-free field inside a cylinder. His solution
reads:

BR = 0,
Bθ = −B0J1(αR),
BZ = B0J0(αR),

where (R, θ,Z) are cylindrical coordinates, J0 and J1 are the Bessel functions of the
first kind, and B0 gives the magnetic field magnitude in the centre of the cylinder. The
cylinder has a radius r0 and at the boundary of the flux rope the vertical component
BZ has to disappear, as such the amount of twist goes from zero in the centre of the
cylinder to infinity at the outer boundary. This constraint on the magnetic field deter-
mines the value for the constant α, namely αr0 has to be the first root of J0(αR), that
is α ≈ ±2.41/r0. The sign of α determines the chirality of the field.

Kahler & Reames (1991) used solar energetic particles (SEPs) to probe the mag-
netic topology of MCs. They argued that the rapid access of SEPs to the interiors of
many clouds indicates that the cloud field lines extend back to the Sun and, hence,
that they are not plasmoids. From this point of view, force-free magnetic field models
inside a toroid might be more suitable to model the magnetic topology of MCs. Miller
& Turner (1981) derived an approximate solution for a constant-α force-free field in
toroidal geometry. Their solution is given by:

Bρ =
B0

2αR0
J0(αρ) sin θ, (8.1a)

Bϕ = B0

(

1 − ρ

2R0
cos θ

)

J0(αρ), (8.1b)

Bθ = −B0

{

J1(αρ) − 1
2αR0

[

J0(αρ) + αρJ1(αρ)
]

cos θ
}

, (8.1c)

where (ρ, ϕ, θ) are toroidally curved cylindrical coordinates, which relate to Cartesian
coordinates (x, y, z) as:

x = (R0 + ρ cos θ) cosϕ,
y = (R0 + ρ cos θ) sinϕ,
z = ρ sin θ,
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and R0 is the major axis of the torus. The boundary of the torus is defined by ρ = r0,
with r0 the minor radius of the torus. The values for both θ and ϕ cover the inter-
val [0, 2π]. See Fig. 8.1 for an illustration. The constant α is again determined by

��

Z

X

Y

φ

θ

R

r

0

0 ρ

Figure 8.1: Relation between the toroidally curved cylindrical coordinates (ρ, ϕ, θ)
and Cartesian coordinates (x, y, z).

J0(αr0) = 0. In this way, the magnetic field lines are confined in the torus. In the
limit case R0 → ∞ the Miller-Turner solution tends to the Lundquist solution. How-
ever, for this solution the force-free condition is only fulfilled for large aspect ratios
(R0/r0 À 1). Above all, the solenoidal condition ∇ · B = 0 is not satisfied exactly,
but only approximately for large aspect ratios. Despite this serious deficit, the Miller-
Turner solution was used by Vandas et al. (2002) in a 3D MHD simulation to study
the evolution and propagation of a MC through IP space. Romashets & Vandas (2003)
modified the Miller-Turner solution to a divergence-free solution. For a constant-α
force-free field B the vector potential A can be expressed as A = B/α. The new
magnetic field is now defined by:

B = ∇ × A = ∇ × BMT

α
,

where BMT denotes the Miller-Turner solution defined in Eqs. (8.1). This yields as
components for A and B:

Aρ =
B0

2α2R0
J0(αρ) sin θ, (8.2a)

Aϕ =
B0

α

(

1 − ρ

2R0
cos θ

)

J0(αρ), (8.2b)

Aθ =
B0

2α2R0
J0(αρ) cos θ − B0

α

(

1 − ρ

2R0
cos θ

)

J1(αρ), (8.2c)
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Bρ = B0
R0 − 2ρ cos θ

2αR0(R0 + ρ cos θ)
J0(αρ) sin θ, (8.3a)

Bϕ = B0

(

1 − ρ

2R0
cos θ

)

J0(αρ), (8.3b)

Bθ = B0
R0 − 2ρ cos θ

2αR0(R0 + ρ cos θ)
J0(αρ) cos θ

−B0

(

1 − ρ

2R0
cos θ

)

J1(αρ). (8.3c)

This magnetic field is by definition divergence-free and approximates the force-free
condition for large aspect ratios. The magnetic field is fully confined in the torus and
B0 is related to the strength of the toroidal component in the centre of the torus. In
the work presented here, the modified Miller-Turner solution is used to represent the
initial magnetic field inside the plasma cloud, which serves as an imitation of a CME
event. In the next section, the initial set-up of the simulation is described.

8.3 Numerical model and initial conditions
The ideal MHD equations were solved in spherical coordinates (r, θ, ϕ) on a three-
dimensional spherical mesh, covering a complete sphere, i.e. θ ∈ [0, π] and ϕ ∈
[0, 2π]. The magnetic field is kept divergence-free by using the alternative formula-
tion of the constraint transport method in terms of the vector potential. In a first part
of the simulation, the computational domain covered the region between the lower
corona and 30 R¯, using a grid resolution of 324× 95× 184 cells, including two ghost
cells at each boundary. The grid shows an accumulation of cells both towards the solar
surface and towards the solar equator, where the grid size varies from ∆r = 0.02 R¯
near the solar surface to ∆r = 0.25 R¯ at the outer boundary and from ∆θ = 4◦ near
the poles to ∆θ = 0.8◦ at the equator. The grid was taken to be equidistant in the az-
imuthal direction. For a second simulation, the computational domain was extended
up to 220 R¯, where the amount of cells was increased in the radial direction to 1104.
For the first 30 R¯ the mesh size was left unchanged. From 30 R¯ outward, the mesh
was kept equidistant in the radial direction with at all times ∆r = 0.25 R¯. All simula-
tions were run on the VIC-cluster of the K.U.Leuven. The first part of the simulation
ran until a time of t = 10h was reached in the code. This was obtained after 35 382
iterations. The run was finalised in less than about 21.5h when using 120 processors.
The simulation up to 1 AU lasted until a time of t = 100h was reached. For this sim-
ulation 440 processors were used and the total duration of the run was of the order of
10 days.

To construct the solar wind, the full set of MHD equations is solved in a co-rotating
frame along with an extra added gravitational force as well as an additional heating
source term, very similar to what was used by Manchester et al. (2004a). In the case
the simulation domain is restricted to 30 R¯, the heating/cooling term is the same as
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the one described in Chap. 5. In the simulation where the domain is extended to 1 AU,
the critical angle θ0 in the formulation of the heating term is kept at a constant value of
θ0 = 90◦ at distances larger than 47 R¯. This wind model shows no dependence on the
azimuthal direction and provides a good approximation for the nearly axisymmetric
wind occuring at solar minimum.

8.3.1 CME generation
In the simulation, the CME is triggered by launching the modified Miller-Turner so-
lution in the stationary solar wind described above. The flux rope is subjected to the
transformation formulae described in Gibson & Low (1998), stretching it toward the
solar surface. The coordinate transformations involved are described below.

Denote with (X,Y,Z) the Cartesian coordinates related to the spherical coordinates
(r, θ, ϕ) in which the ideal MHD equations are solved. The local toroidally curved
cylindrical coordinates (r′, ϕ′, θ′) of the flux rope are defined with respect to a coordi-
nate system (X′,Y ′,Z′) with origin in the point r = R1, θ = π/2 − λ, and ϕ = l, where
λ is the latitude and l the longitude of the flux rope centre. To obtain the (X′,Y ′,Z′)
coordinates, the original (X,Y,Z)-coordinate system is first rotated such that in the ro-
tated (X1,Y1,Z1)-coordinate system the centre of the flux rope is situated on the newly
defined X1-axis. The new (X1,Y1,Z1)-coordinates are obtained by:
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Next, the (X′,Y ′,Z′) coordinates are obtained by first translating and then rotating
the (X1,Y1,Z1)-coordinate system and the relation between both coordinate systems
reads:

X′ = −Y1 sin β + Z1 cos β,
Y ′ = X1 − R1,

Z′ = Y1 cos β + Z1 sin β.

The angle β determines the tilt of the flux rope. The different coordinate systems are
illustrated in Fig. 8.2. For this choice of coordinate systems, the top of the flux rope
(i.e. the point with the largest radial coordinate in the XYZ-system) is located on the
Y ′-axis. Agreed, it all looks quite cumbersome, but it is the way it is.

Next, a stretching transformation r → r − a is applied to the flux rope solution
(Gibson & Low 1998). For a > 0, this transformation stretches space inward, towards
the origin. The transformation effectively contracts a sphere of radius a, centred at
the origin, to the point at the origin, and transforms the space outside this sphere
symmetrically in all directions, with the contractive deformation diminishing at larger
r. Switch to the new variable Λ = r + a and express the magnetic field and vector
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Figure 8.2: Location of the different coordinate systems with respect to each other.

potential with respect to this new variable. The relation between the magnetic field
vector b in (Λ, θ, ϕ) space relates to the field B in physical space by the relations:

Br(r, θ, ϕ) =

(

Λ

r

)2

bΛ(Λ, θ, ϕ),

Bθ(r, θ, ϕ) =
Λ

r
dΛ
r

bθ(Λ, θ, ϕ),

Bϕ(r, θ, ϕ) =
Λ

r
dΛ
r

bϕ(Λ, θ, ϕ).

Direct substitution shows that

∇ · B(r, θ, ϕ) =
(

Λ

r

)2 dΛ
dr
∇Λ · b(Λ, θ, ϕ),

where the new operator

∇Λ =
(

∂

∂Λ
,

1
Λ

∂

∂θ
,

1
Λ sin θ

∂

∂ϕ

)

,

is introduced. From this it follows that if b is solenoidal in (Λ, θ, ϕ)-space, so is B
in physical space. Since B = ∇ × A and b = ∇ × a, the relation between the vector
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potentials a(Λ, θ, ϕ) and A(r, θ, ϕ) can be derived:

Ar =
dΛ
dr

aΛ,

Aθ =
Λ

r
aθ,

Aϕ =
Λ

r
aϕ.

The reason for applying this transformation was our intention to resemble the ini-
tial condition of a rising prominence. The transformation allows a deformation of
the original flux rope into an expanding shape. Gibson & Low (1998) also provided
expressions for the density ρ and pressure p, in order to transform a magnetostatic so-
lution in (Λ, θ, ϕ) space to a magnetostatic solution in physical space. To balance the
Lorentz force, regions with convex magnetic field will have enhanced density, while
regions with concave magnetic field will show depletion in density. A numerical sim-
ulation of a Gibson & Low flux rope embedded in a solar wind was performed by
Manchester et al. (2004a). However, in the simulation presented here, we decided not
to use the density and pressure profiles derived in Gibson & Low (1998) and this for
the following two reasons: first of all, the Gibson & Low formulae do not guarantee
a positive density and pressure, and secondly, we are not interested in an equilibrium
state. Furthermore, we would like to keep the analogy with our previous simulations,
where the CMEs were triggered by launching plasma blobs, to facilitate comparison
with our earlier results obtained with simpler CME models. Therefore, an additional
density and radial velocity profile is posed inside the flux rope. When the torus is
sliced by a plane at a constant azimuthal position ϕ′, then the profile is similar in
shape as the profile in the 2.5D plasma bubble. Different from the 2.5D profiles is
the variation in the azimuthal direction. The additional density and velocity functions
take both the form:

f = fcme sin2
(

π

2
r0 − r′

r0

)

cosk
(

π

2
ϕ′′

∆ϕ′′

)

if |ϕ′′| ≤ ∆ϕ′′,

f = 0 elsewhere,

where ϕ′′ ∈ [−π, π] and is defined as:

ϕ′′ = ϕ′ − π
2
,

if ϕ′′ > π then ϕ′′ = ϕ′′ − 2π,

as such ϕ′′ = 0 corresponds to the top of the flux rope. For the density, the constant k
in the function f was set to a value k = 0.5, whereas for the velocity it was chosen as
k = 2, so that the additional velocity is more concentrated towards the top of the flux
rope. The maximum amount of added density ρcme and radial velocity vcme is reached
in the point X1 = R1 +R0, Y1 = 0, Z1 = 0. With this formula the extra amount of mass
added to the solar wind can be calculated as:

M ≈ 1.53ρcmer2
0
π2 − 4

2π
R0∆ϕ

′′.
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Note that no additional pressure is added to the flux rope. As a result, the temperature
inside the flux rope will be lower than the background temperature of the solar corona.

Prominences are always observed over regions where the magnetic field changes
sign. Since in the background coronal model for solar minimum the only polarity
inversion line coincides with the equator, the modified Miller-Turner solution is placed
over the solar equator (λ = 0, l = π). From observations it is known that filaments
lie in a highly sheared fashion over the inversion line, making an angle of ∼ 20◦

(Leroy et al. 1984). Therefore, the flux rope was rotated over an angle of β = −70◦.
The positive side of the flux rope is located in the northern hemisphere, where the
background magnetic field has a positive sign, and the negative side is located in the
southern hemisphere. According to Leroy et al. (1984), most quiescent prominences
are of inverse polarity. For this reason, the constant α is given a negative sign. The
magnetic field strength in a quiescent prominence is typically between 5 and 40 Gauss.
In the model, the value for the toroidal field in the centre of the flux rope was set to
B0 = 1.44 Gauss. This is lower than what is observed, but remember that the initial
condition represents a prominence that is already erupting. The stretch factor a is set to
a value of a = 0.3, and the centre of the flux rope is located at Λ = 1.2 (R1 = 1.2), the
major axis has a value of R0 = 0.8, and the minor axis equals r0 = 0.15. The parameter
ρcme for the additional density profile is set to a value of ρcme = 3, which corresponds
to a total mass in the flux rope of 4.3×1015 g if ∆ϕ′′ is taken to be 80◦. The maximum
velocity inside the flux rope was set to vcme = 4000 km s−1. The total amount of energy
added to the solar wind by the inclusion of the flux rope was 4.31× 1031 erg, of which
3×1030 erg magnetic energy and 4.01×1031 erg being kinetic energy. The initial state
is illustrated in Fig. 8.3.

Figure 8.3: The initial state seen from two different view points. The solar surface is
colour-coded with the radial magnetic field strength. Inside the flux rope the isosur-
face of ρ = 2ρ∗ is plotted, with ρ∗ the surface density. The isosurface is colour-coded
with the radial velocity.
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(a) t = 15 min

(b) t = 1h15min

(c) t = 2h15min

Figure 8.4: Three snapshots showing the magnetic field lines from two different view
points. The solar surface is colour-coded with the radial magnetic field strength. The
isosurface represents the location where the density is twice the background solar
wind density, and is colour-coded with the radial velocity.



8.4 Results 121

8.4 Results

8.4.1 CME evolution up to 30 R¯

In Fig. 8.4, a three-dimensional visualisation is shown of three snapshots with a time
difference of one hour. From these plots it can be noticed that the magnetic field lines
in the CME remain connected to the Sun. The shape and location of the CME are
represented by an isosurface of ρ̄ = 1, with ρ̄ being the relative density. The relative
density expresses the excess or depletion of density with respect to the density in the
steady state background wind. The isosurface represents the location in the corona
where the density equals twice the background solar wind density.

Figure 8.5 shows a contour plot of the radial velocity and the relative density at
t = 2h15min in three different meridional planes, namely the planes at ϕ = 150◦,
ϕ = 180◦, and ϕ = 210◦. This figure clearly shows how the velocity and mass in
the CME vary with the angular position. A plot of the density and radial velocity in
the cross-section of the three meridional planes and the equatorial plane is given in
Fig. 8.6, showing in more detail the velocity and density profiles. Since the CME is
launched along the negative X-axis, the part of the CME in the plane ϕ = 180◦ moves
faster than the part in the planes ϕ = 150◦ or ϕ = 210◦. From the plots in Fig. 8.5
it can also be noticed that the CME is not symmetric around the ϕ = 180◦-plane.
Most of the mass is located around the ϕ = 180◦-plane, at least initially. As the CME
progresses, the effect of solar rotation becomes stronger and the CME deviates from
the ϕ = 180◦-plane, but in the first 30 R¯ the effect of the Coriolis force is only minor.
This is demonstrated in Fig. 8.7, which shows the XY and XZ-coordinates of the centre
of relative mass rCRM, being defined as

rCRM =

∫

V rρ̄(r)d3r
∫

V ρ̄(r)d3r
,

where only the locations with an increment in density of at least 10% with respect
to the background density were considered in the calculation. The position of rCRM
shows a slight increase in the vertical component, most probably due to the fact that
the flux rope is not exactly point mirrored around (θ = 90◦, ϕ = 180◦), because of the
discretisation.

Gopalswamy et al. (2005b) studied the arrival times of several historical fast events
and they argued that the maximum initial speed of a CME may not be much higher
than ∼3000 km s−1. In the present simulation, the plasma blob was given an initial
speed in order to mimic the eruption. Since no initiation mechanism was considered,
the mechanism for accelerating the CME is not captured well in this simulation and
the plasma cloud will experience a strong deceleration in the initial stages. Therefore,
the vcme parameter is set to a quite high velocity of 4000 km s−1. However, this high
velocity is only reached in one point of the flux rope and the average amount of extra
velocity added corresponds to a value of only ∼600 km s−1. The deceleration of the
CME is made clear in Fig. 8.8, where the position of the CME front in the equatorial
plane is plotted versus time. The figure shows the height-time plots for the CME front
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(a) radial velocity

(b) relative density

Figure 8.5: Contour plots of a) the radial velocity and b) the relative density in three
meridional planes at 2h15min after the launch of the CME.

in the three meridional planes discussed above, as well as the height-time plot for
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(a) radial velocity

(b) density

Figure 8.6: Cut along the equator of a) the radial velocity and b) the density at three
azimuthal positions at 2h15min after the launch of the CME. The dashed line indicates
the steady state solar wind value.

rCRM. The height-time curves were fitted with first- and second-order polynomials to
obtain the average velocity and acceleration. The measured quantities for the average
velocity and acceleration are summarised in Table 8.1. The extensive statistical study
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(a) XY-plane (b) XZ-plane

Figure 8.7: Projection of rCRM in a) the equatorial plane and b) in the XZ-plane.

Figure 8.8: Height-time curves for the position of the CME front along the equator in
three meridional planes and for the centre of relative mass (CRM).

Table 8.1: Average velocity and acceleration of the CME front and of the centre of
relative mass (CRM).

ϕ = 150◦ ϕ = 180◦ ϕ = 210◦ CRM
< v > 1059 km s−1 1594 km s−1 931 km s−1 965 km s−1

< a > -21.3 m s−2 -78.8 m s−2 -29.5 m s−2 -48.6 m s−2
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of Yashiro et al. (2004) pointed out that, on average, the acceleration of CMEs with an
average velocity < v >≥ 900 km s−1 is -15 m s−2. The strong deceleration of 79 m s−2

of the CME front along the ϕ = 180◦-plane is rare, but not unoccuring. The height-
time profiles are fitted with the empirical relation

r(t) = r0 + v1t + (1 − e−t/τ)(v0 − v1)τ, (8.4)

defined by Sheeley et al. (1999) for impulsive CME events showing clear evidence of
deceleration. The corresponding velocity profile is then given by

v(t) = v1 + (v0 − v1)e−t/τ, (8.5)

where v0 is the velocity at t = 0 and v1 is the final speed reached in an e-folding time
τ. Figure 8.9 shows the measured velocities derived from the height-time profiles,
overplotted with the velocity profile given in Eq. (8.5). The values for the parameters
in the fitting model are displayed in Table 8.2 and can be compared with Table 2 in
Sheeley et al. (1999). The height-time curves for the rCRM and for the CME front in
the ϕ = 180◦ meridional plane, fit best the model of Sheeley et al. (1999). This is not
surprising since Eq. (8.4) was defined for the leading edge of the CME.

Table 8.2: Parameters for the fits with Eq. (8.4) and Eq. (8.5).

ϕ = 150◦ ϕ = 180◦ ϕ = 210◦ CRM
r0 2.65 R¯ 2.03 R¯ 2.73 R¯ 3.90 R¯
v0 1351 km s−1 2362 km s−1 1481 km s−1 1333 km s−1

v1 950 km s−1 1208 km s−1 778 km s−1 643 km s−1

τ 1.52h 1.27h 1.45h 1.77h

8.4.2 CME evolution up to 1 AU
Next, the simulation domain was extended up to 1 AU and the run was stopped at a
physical time of t = 100h. The CME reached the outer boundary of the simulation
domain after approximately 48h of physical time. A three-dimensional visualisation
of the field lines is found in Fig. 8.10, where snapshots of the simulation at t = 12h and
t = 48h are shown. The magnetic field topology inside the CME is very complex with
a strongly wounded magnetic field in the core of the CME. After 12h the CME is at a
distance of ≈ 70 R¯ and many of the field lines of the CME are still connected to the
Sun. Observations of bidirectional flows of supra-thermal electrons and of energetic
solar flare particles in magnetic clouds favour the hypothesis that some part of the
cloud’s magnetic field remains connected to the solar surface (e.g. Malandraki et al.
2000, and references therein). In the present simulation, we also find field lines in the
CME that are at one end rooted in the Sun, and with the other end expanding in the
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Figure 8.9: Velocity versus height for the CME front in three meridional planes and
for the centre of relative mass (CRM). Symbols indicate the velocity as derived from
the height-time profiles, whereas the lines are the fits with Eq. (8.5).

heliosphere. This is the result of reconnection between a closed and an open field line.
This process is called interchange reconnection and provides a mechanism to prevent
continuous build-up of magnetic flux in the heliosphere (Crooker et al. 2002).

The influence of the solar rotation is clearly witnessed in Fig. 8.11, where contour
plots of the radial velocity and the density in the equatorial plane are shown at t = 46h.
Since the simulation is performed in a reference frame fixed to the solar surface, the
position of the Earth changes as the simulation progresses. The triangle in Fig. 8.11
indicates the location of a spacecraft at 1 AU observing the CME as a halo CME at
t = 0, while the square marks the location of the spacecraft 46h later. Figure 8.11 also
contains a plot of the density and radial velocity along the Sun-Earth line. From this
plot it is clear that even at 1 AU the CME is preceded by a shock. Behind the shock,
a region with enhanced density and velocity can be noticed, which is referred to as
the plasma sheath. The shock arrives at the orbit of the Earth 47.5h after the flux rope
is flung into space. The empirical shock arrival model (ESA) of Gopalswamy et al.
(2005a) predicts the travel time of CME driven shocks at 1 AU by taking the average
CME speed near the Sun as input parameter. The ESA model can be approximated by
the functional form:

T = abV + c; a = 151.002; b = 0.998625; c = 11.5981, (8.6)

where T is the travel time from CME onset at the Sun to the shock arrival at 1 AU
and V is the average CME speed near the Sun. When the average velocity of the
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(a) t = 12h. Isosurfaces of ρ̄ = −0.5 and of ρ̄ = 5.

(b) t = 48h. Isosurfaces of ρ̄ = −0.5 and of ρ̄ = 2.5.

Figure 8.10: Two snapshots showing the magnetic field in the flux rope (black lines)
and some open solar wind field lines (pink). The equatorial plane is colour-coded
with the radial velocity. Two isosurfaces of relative density are plotted. Left: top
view; right: oblique view.

simulated CME in the first 30 R¯ (< v >= 1594 km s−1) is substituted in Eq. (8.6),
a shock arrival time of ≈ 28h is obtained; this is 20h earlier than the arrival time in
our model. According to the ESA model, an arrival time of 47.5h corresponds to an
average speed of V ≈1050 km s−1. However, when looking at Fig. 4 in Gopalswamy
et al. (2005a), it can be noticed that the ESA model is overestimating the shock arrival
times of most CMEs having velocities below 700 km s−1, and underestimating the
shock arrival times of most CMEs with V more than 700 km s−1. The arrival time of
the simulated event corresponds better to the linear fit through the Gopalswamy et al.
(2005a) data set:

T = 84.25 − 0.03V,
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(a) density (b) radial velocity

Figure 8.11: Contour plots of a) the density and b) the radial velocity in the equatorial
plane at 46h after launch of the CME. The lower part of the figure shows a cut with
the Sun-Earth line. The location of the Earth at t = 0 and at t = 46h is indicated with
a 4 and a ♦, respectively.

yielding an arrival time of T ≈ 36.5h. The average error for the ESA model is ∼ 12h.
By taking this into account, and the fact that the observed CME speeds are susceptible
to projection effects underestimating the true CME velocity, it can be concluded that
the arrival time of the simulated event is a realistic value.

The location of the centre of relative mass rCRM is plotted in Fig. 8.12, where
the same definition as before is used (increment in density of at least 10%). The
CRM shows a tendency to be located under the equatorial plane, but the Z-component
remains very small at all times (max |Z| ≈ 0.01R¯). Figure 8.12 shows the centre
of relative mass in the reference frame co-rotating with the Sun. When plotted in
a heliocentric coordinate system with x-axis coinciding with the Sun-Earth line, the
centre of relative mass is only showing a slight deviation (< 2◦) of this line due to the
orbital motion of the Earth. The motion of the CME is mainly radial. This is made
clear in Fig. 8.13, where the location of the front of the CME in the equatorial plane is
plotted at different time levels. In this plot, the x-axis corresponds with the Sun-Earth
line. The front is defined as the outer most part of the CME, where the density is at
least 10% higher than the background density. Inspection of the shape of observed
CMEs by coronagraphs, shows that the shape of the CME is usually well maintained
in the coronagraph field of view. Most limb CMEs show a constant angular width,
with an average spread angle of 50◦ (St. Cyr et al. 2000). Many CMEs seem to evolve
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(a) XY-plane (b) XZ-plane

Figure 8.12: Projection of rCRM in a) the equatorial plane and b) in the XZ-plane.

Figure 8.13: The front of the CME,
plotted with respect to a heliocentric
reference frame, with the x-axis corre-
sponding to the Sun-Earth line. The
time interval between the successive
plots equals to ∆t = 4h.

in a self-similar way. From the plot in Fig. 8.13 it can be noticed that this self-similar
behaviour also continues when the CME propagates farther out in the heliosphere.
The front of the CME shows in the equatorial plane a constant spread angle of 252◦.
Furthermore, it appears that halo CMEs exhibit generally a smooth and circular shape,
which inspired several researchers to apply a ‘cone’ model for representing the shape
of a CME (Schwenn et al. 2005, and references therein). Figure 8.14 shows contours
of the radial velocity when the CME passes at a distance of 0.3 AU and at 1 AU. The
angular extent of the simulated CME remained approximately constant, again proving
the self-similar behaviour.

A height-time plot of the centre of relative mass is given in Fig. 8.15(a). Besides
the height-time curve for the centre of mass, this plot is also showing the height-time
profiles for the leading edge of the CME and of the position of maximum radial ve-
locity (which can be considered as the location of the CME driver). The average
radial velocity and acceleration derived from those three height-time profiles are sum-
marised in Table 8.3. The corresponding velocity profiles are plotted in Fig. 8.15(b).
The strong deceleration of the leading edge and of the centre of mass in the first 30R¯
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Figure 8.14: Contours of radial velocity when the maximum radial velocity of the
CME passes a distance of 0.33 AU (dashed lines) and 1 AU (solid lines). The latitude
and longitude are with respect to the reference frame co-rotating with the Sun.

Table 8.3: Average velocity and acceleration of the centre of relative mass (CRM),
the leading edge of the CME (rfront), and of the driver (rvmax).

CRM rfront rvmax

< v > 493 km s−1 803 km s−1 711 km s−1

< a > -1.3 m s−2 -2.8 m s−2 -2.3 m s−2

of the simulation gradually fades away, and the centre of relative mass is evolving to
a velocity of the same order as the slow solar wind speed. From the height-time plot
it can be noticed that the distance between the leading edge of the CME, the driver,
and the centre of relative mass becomes larger as time proceeds. This points to a con-
tinuous expansion of the CME. This is consistent with the observations of Burlaga
& Behannon (1982) who investigated MCs in the outer heliosphere using Voyager
data. They concluded that MCs are continuing to expand, even at distances larger
than 2 AU. From about 36h after the launch of the CME, the difference in propagation
speed between the leading edge and the driver remains constant (exactly). When the
driver has passed 0.75 AU, the CME in our simulation expands with a constant speed
of 70 km s−1, which is higher, but still in a similar order of magnitude as the 45 km s−1

found by Burlaga & Behannon (1982). The Alfvén speed in the ejecta following the
driver amounts to about 120 km s−1. An expansion speed of 70 km s−1 is consistent
with the result of Klein & Burlaga (1982), who estimated the characteristic expansion
speed between the Sun and the Earth of the order of half of the Alfvén speed.
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(a) (b)

Figure 8.15: a) Height-time curves for the centre of relative mass (CRM), the leading
edge of the CME (rfront), and the position of maximum radial velocity (rvmax). b)
Velocity of the CRM, the leading edge, and of rvmax as a function of time.

8.4.3 Comparison with observations

Most knowledge about the shape and structure of CMEs comes from observations
made by means of coronagraphs. During the last decade, since the time when the
SOHO spacecraft became operational, the number of reported CME events raised
drastically. The light from the solar disk undergoes Thomson scattering due to the
free electrons in the corona. In Fig. 8.16, artificial white light images of the simulated
CME are presented, simulating the images obtained from the LASCO C2 corona-
graph. The plots in Fig. 8.16 are the white light counterparts of the plots in Fig. 8.4.
The field of view is limited to 6 R¯, and the light coming from the inner 1.5 R¯ is
blocked. To obtain the total line-of-sight brightness, the radiation scattered by all the
electrons along the line-of-sight has to be integrated. The total intensity Ktot received
by the observer is the sum of the intensity of the light scattered towards the Earth
vibrating tangentially to the solar surface Kt and of the light vibrating radially Kr.
These formulae are well known (Minnaert 1930) and are written down below, where
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(a) t = 15min

(b) t = 1h15min

(c) t = 2h15min

Figure 8.16: White light images of the simulated CME at three different times. The
field of view is limited to 6 R¯. The point of view is similar to that in Fig. 8.4.
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the same notation as in Wang et al. (1997) is used:

Ktot =
π

2
σT I0

∫ +∞

−∞
ne

{

2 [(1 − u)C + uD] − sin2 χ [(1 − u)A + uB]
}

ds,

A = sin2 γ cos γ,
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8

[
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)]

,
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3
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3
cos3 γ,

D =
1
8

[

5 + sin2 γ − cos2 γ

sin γ
(5 − sin2 γ) ln

(

1 + sin γ
cos γ

)]

,

where σT is the Thomson scattering cross section, I0 is the intensity of the solar radi-
ation at the disk centre, ne is the electron density, u is the limb darkening coefficient,
χ is the angle between a radial vector through the scattering point P and the line-of-
sight, γ is the angle between a radial vector through P and a tangent from P to the
solar surface, and ds is a path element along the line-of-sight. A value of u = 0.6 was
chosen for the limb darkening coefficient.

The white light images of the simulated CME, are clearly missing the three part
front-cavity-core structure which is often thought of as the typical CME morphology.
The three-part CME structure is most often associated with quiescent prominence
eruptions, and is often already present in the rising streamer, before the eruption takes
place. The artificial white light images show clearly a lot of structure, but it is not sur-
prising that they do not show the three part structure, since the CME model used here
is missing the initiation phase. However, CMEs can appear in different shapes and
sizes, from amorphous blobs, to narrow jet-like structures, up to highly structured en-
tities. Gopalswamy et al. (2006) claimed that only 30% of the CMEs show a three-part
structure. Many of the structured CMEs have rather a two-part instead of a three-part
structure, being composed of only a bright leading edge and a cavity. Hori & Culhane
(2002) report in their statistical study that only in 60% of the prominence eruptions
related to CMEs, the eruptive filament became the bright core of the associated CME.

From Fig. 8.4 it is clear that a lot of field line reconnections take place in the wake
of the CME. Closed magnetic field lines of the overlying arcade reconnect with the
closed field of the flux rope to form a new helmet streamer. This new structure can
be identified as a Post Eruptive Arcade (PEA, also referred to as post flare loops).
Tripathi et al. (2004) investigated more than 200 PEAs identified in EIT images over
the period of 1997 until 2002. They found an almost one to one correspondence
between the presence of PEAs in EUV and the appearance of CMEs in white light
images, with the PEA forming in the wake of the CME, most likely as a consequence
of magnetic restructuring. They also found that PEAs are always overlying polarity
inversion lines of the magnetic field. In that sense, this simulation is consistent with
observations.
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(a) solar equator

(b) above the solar equator

Figure 8.17: Satellite data measured by three spacecrafts in the orbit of the Earth.
The satellites are observing the CME as a W30 event (blue line), a central event (green
line), or an E30 event (red line). The vertical solid and dashed lines indicate respec-
tively the passage of the shock and the start of the MC for the central observer. a)
Central satellite is in the solar equatorial plane; b) Central satellite is 7.25◦ above
the solar equator.
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Another way of obtaining information about a CME is by in-situ space probe mea-
surements. Signatures of interplanetary CMEs (ICMEs) can be very complicated and
sometimes hard to recognise. An overview of the typical signatures used to identify an
ICME is given in Zurbuchen & Richarson (2006). When the speed of a CME is greater
than 400 km s−1, it will most likely be preceded by a shock, which can be detected by
the spacecraft, provided it is in the angular extent of the shock. The shock is followed
by a turbulent region of compressed plasma and magnetic field called the sheath. The
magnetic field in the plasma sheath can be considerably higher than that of the am-
bient solar wind. In Fig. 8.17(a), the profiles for density, velocity and magnetic field
measured by a satellite in the orbit of the Earth are shown, and this for three different
positions of observation, namely when seeing the CME as a 30◦ west event (W30), a
central event (C), or a 30◦ east (E30) event1. The observer seeing the CME as a central
halo event was at t = 0 in the solar equatorial plane and got hit by the frontal part of
the CME. For this observer, the shock, the sheath and the ejecta can be clearly distin-
guished and are indicated on the plots. The ejecta are characterised by the relatively
smooth magnetic field compared to the more variable field in the plasma sheath. Only
a subset of all the ICMEs observed, shows the structure of a MC. Depending on the
author, the association of ICMEs with magnetic clouds ranges from 15% to > 60%,
with a dependency on the solar cycle (Zurbuchen & Richarson 2006, and references
therein). Because of the set-up of our simulation, we expect to find magnetic cloud
signatures in the satellite data, with a strong negative magnetic field component. For
a feature to be identified as an MC there has to be a smooth rotation of the magnetic
field vector over a time span of the order of one day, a higher than average magnetic
field strength, and a clear decrease in density. In general, MCs at 1 AU show a smaller
density than the ambient solar wind (Bothmer & Schwenn 1998). The typical MC
features are present in the plots of Fig. 8.17(a) for the observer located in the frontal
part of the CME. The cloud arrives about 7h30min after the shock. This is consistent
with observations of Bothmer & Schwenn (1998) that shock-associated MCs lagged
the shocks by 5–25h. After t = 100h, it appears that the MC has still not completely
passed by and so the duration of the MC is more than 45h, which is rather long com-
pared to the observed duration of typically between 10 and 48h at 1 AU (Lepping et al.
2005). When the satellites are located at a maximal inclination of 7.25◦ above the so-
lar equatorial plane, they will not be hit by the core of the ICME and the identification
of the sheath and the ejecta is not that clear (see Fig. 8.17(b)). For the central observer
the MC signatures start at ∼ 77h, which is about 28h after the shock has arrived. It is
clear that even a small shift in latitude can cause a quite different ICME profile. The
dependence on the longitude is even more straightforward. An observer seeing the
CME as a W30 or E30 event will be hit by the flanks of the CME. From observations
with multiple spacecrafts it is known that the angular extent of the shock can be up
to 180◦ (Zurbuchen & Richarson 2006). In this particular simulation, the profiles of
velocity or density do not seem to contain a discontinuity for the W30 and E30 ob-
server. The explanation for this might be twofold. First of all, the CME front hits the
observers in a very oblique way, i.e. the normal direction makes a large angle with

1When observing the Sun, east is defined as the left side of the Sun, and west as the right side.
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the radial direction. Secondly, there is numerical dissipation that weakens the shock.
Since the mesh is spherical, the volume of the cells becomes larger with the distance.
Although the resolution is sufficiently high in the radial direction, definitely higher
resolution is needed in the azimuthal direction in order to obtain a sharper boundary
for the flanks of the CME.

On April 6, 2000 the Advanced Composition Explorer (ACE) spacecraft measured
the clear signatures of an interplanetary shock. This shock was presumably caused by
the CME event of April 4, 2000. A C9 flare was observed by EIT in AR 8933 (N18
W58) at 15:24 UT, and was most probably related to this CME event. The CME
was only observed by the LASCO C3 coronagraph and had an average velocity of
1188 km s−1. Its mass was estimated to be 4.5 × 1015 g and the kinetic energy was
determined to 3.2 × 1031 erg. Although we did not have the intention to perform an
event study of this specific CME, it turns out that the choice of the initial parameters
reproduces in good agreement the measured average speed, mass, and energy of the
April 4, 2000 event. By adjusting the initiation parameters of the 2.5D plasma blob
model presented in Sect. 6.4, Chané et al. (2006) attempted to fit the simulated profiles
to the ACE data for this event. Contrary to the 3D simulation presented here, the 2.5D
simulations did not show the alternating magnetic field in front of the cloud, as is
normally observed. It would be interesting to compare the artificial satellite data of
our 3D simulation with the measured profiles by the ACE spacecraft. This comparison
is shown in Fig. 8.18, where the measured ACE data are overplotted with the simulated
profiles for an observer being hit by the nose of the CME. The shock arrival time of the
simulated event differs only one hour from the observed arrival time. Moreover, the
jump in velocity is almost exactly the same! From Chané et al. (2006) we know that
the background wind model has a too high density at 1 AU, so we did not expect to
reproduce the correct density. However, qualitatively the curves for the density look
quite similar. The pre-event solar wind had on average a density of around 8 cm−3

compared to 40 cm−3 in the simulation. During the ICME event, the solar wind density
increased with a factor 5.5 and the same is true for the simulated event. Also the Bz-
profile of both the measured and simulated data show a similar behaviour: a strong
decrease in magnitude is followed by a strong increase. However, the magnitude of the
simulated field is too weak compared to the observed field. All the plots in Fig. 8.18
have in common that the observed time interval of strong variation of the solar wind
parameters with respect to the ambient wind takes longer than in the simulation. This
might be due to the fact that the Earth was probably hit by one of the flanks of the CME
and not by its frontal part, as the source origin was at W58. It might be interesting to
investigate how the initial mass, energy, and magnetic field strength of the flux rope
influence its propagation. This can be the subject of further research.

8.5 Remarks and conclusions

A three-dimensional time dependent MHD simulation of a CME event has been per-
formed, where the simulation domain ranged from the lower corona up to the orbit of
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Figure 8.18: Profiles of the velocity, density, and magnetic field as measured by ACE
for the April 4, 2000 event (black curve) and simulated profiles (red curve).

the Earth. The CME was mimicked by launching a high density flux rope in the solar
wind, where the used model for the background wind represents solar minimum con-
ditions. The magnetic field topology of the flux rope was the modified Miller-Turner
solution (Romashets & Vandas 2003) in toroidal geometry. By applying the transfor-
mations of Gibson & Low (1998), the flux rope was stretched towards the solar sur-
face, thus resembling a rising prominence. The simulation presented in this chapter
is the 3D generalisation of the 2.5D models described earlier in this thesis. Three-
dimensional CME simulations provide the ability to investigate the three-dimensional
nature of CMEs. With the recent launch of the STEREO mission, it will become pos-
sible to check the outcome of the models with the multiple view point observations
made by STEREO.
The simulated CME event showed quite some similarities with the observed CME
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characteristics. The empirical model of Sheeley et al. (1999) is applicable to the
height-time profiles of the simulated event, and the shock arrival time fits within the
errors of the ESA model of Gopalswamy et al. (2005a). Clear evidence of PEA struc-
tures is present in the simulation and the CME conserves its shape throughout the
simulation, confirming the self-similar behaviour often observed in coronagraph im-
ages. The expansion speed of the associated magnetic cloud is of the order of half the
cloud’s Alfvén speed, in agreement with the observations of Klein & Burlaga (1982).
The shock preceding the ICME had an arrival time and shock strength similar to the
April 4, 2000 event.

The model presented here is different from the simulations of e.g. Roussev et al.
(2003a); Manchester et al. (2004a) in the sense that we added an extra amount of mo-
mentum and energy to the flux rope in order to have more control over its propagation.
Roussev et al. (2003a) used the flux rope model of Titov & Démoulin (1999) and by
removing the overlying line current, the flux rope became unstable, causing an erup-
tion. In case no extra density or velocity is added, the magnetic field of the flux rope
in our model simply reconnects with the overlying coronal field, not causing a violent
eruption. This might be due to the low magnetic field strength inside the flux rope and
a higher magnetic field strength might be desireable. However, the used numerical
technique poses some restrictions to the flux rope model. An advantage of the VAC
code is that it can guarantee a ∇ ·B-free solution, since it works with the vector poten-
tial. Taking a look at the vector potential of the flux rope model (Eqs.(8.2)), it can be
noticed that the Aθ component does not vanish at the outer boundary of the flux rope,
but instead takes a value equal to:

Aθ(r0, ϕ, θ) = −
B0

α

(

1 − r0

2R0
cos θ

)

J1(αr0).

The discontinuity in the vector potential will create an erroneous magnetic field at the
boundary of the flux rope. We were not able to find a functional form of a flux rope’s
vector potential not having a discontinuity at the boundary of the rope, or a singularity
in the centre at ρ = 0. The discontinuity in the vector potential can be kept small by
choosing the values of B0, and r0 small, which puts serious limitations on the model.

Another weakness of the simulation is the background wind model. The medium
in which the CME is propagating influences the evolution of the CME, as was demon-
strated in the previous chapters. A more realistic wind model with input from magne-
tograms and/or empirical laws (e.g. Wang & Sheeley 1990) for the solar wind is then
also necessary if the model wants to be used to simulate specific CME events. For
future studies it might be interesting to investigate the effect of the initial parameters
like the amount of added velocity, density, and magnetic field on the CME evolution
an how they modify the artificial satellite data at 1 AU.

The analysis of the simulated data also showed the need for higher spatial resolu-
tion in order to better resolve the flanks of the CME. The recent upgrade of the AMR
code with an MPI implementation will make this achievable in future simulations.
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Summary and conclusions

The results reported in this thesis are the outcome of four years of doctoral research.
Mathematical models were developed for the initiation and propagation of coronal
mass ejections (CMEs) and numerical simulations were performed on the basis of
these models, with the objective to obtain a clearer view of the evolution and structure
of these massive and violent solar eruptions. The simulations were carried out in the
framework of ideal magnetohydrodynamics (MHD), where the Versatile Advection
Code was used to advance the ideal MHD equations in time. At the beginning of this
doctoral research, only little experience in simulating the solar wind and CMEs was
available at the Centre for Plasma-Astrophysics and the computer facilities were very
limited. Due to these limitations, the simulations were performed in axial symmetry
and we only considered simple CME models, such that the simulations could be exe-
cuted on desktop PCs in a reasonable time span. At present, a high performance cluster
named VIC, with more than 800 computational cores is available at the K.U.Leuven.
During the last months of the research, CPU time was allocated to us on ‘Mare Nos-
trum’, the most powerful supercomputer in Europe with more than 10 000 processors.
The enlarged computer facilities made it possible to simulate the evolution of a CME
event from the Sun to the orbit of the Earth in a fully three-dimensional configuration
using massive parallel computations.

Several models for the solar wind often encountered in the literature were recon-
structed and used as a background model for the medium in which the CMEs were
studied. The models differ in the manner the heating and acceleration of the solar
wind plasma is taken into account. In total, three solar wind models applicable for
solar minimum conditions were reproduced. In a first model the energy equation was
simplified by assuming a polytropic relation between the pressure and density. Be-
cause of its simplicity, this wind model is fairly popular in the literature, in spite of
its clear shortcomings. For example, this model does not reproduce very well the
observed velocity difference between wind from coronal holes and closed magnetic
field line regions. Improvement can be obtained by adding heating and/or momentum
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source terms to the ideal MHD equations. The second wind model is similar to the
model developed by Groth et al. (2000) and contains an additional volumetric heat-
ing/cooling term that mimics the heating and cooling mechanisms present in the solar
atmosphere. In a third wind model, the effect of Alfvén waves was taken into account,
yielding an extra pressure term in the momentum equation, and as such causing ad-
ditional acceleration of the solar wind plasma. Important is the fact that those three
wind models were all reconstructed with the same numerical technique, on the same
mesh, and by using the same initial and boundary conditions. As a result, the only
difference between the models concerns the physics included in the equations and an
objective comparison of the different simulations is thus possible.

In Chap. 5, we studied the effect of the background wind model on the CME
initiation. The CMEs were driven by shearing motions of the magnetic foot points
and a parameter study was carried out in order to investigate the effect of the shear
velocity on the initiation and evolution of the CME and its associated flux rope. We
came to the conclusion that it is not the shear velocity, but rather the accumulated
amount of shear that determines when exactly the flux rope is formed, in agreement
with the findings of Mikić & Linker (1994). In spite of the fact that in the simulations
we assumed axial symmetry, realistic amounts for the released magnetic energy were
obtained. The amount of energy stored in the magnetic field and the time of the CME
onset are both dependent on the background solar wind model. This dependence has
been quantified. The CME velocity profile has the typical profile of a slow CME,
where the final velocity of the flux rope is of the same order as the slow wind speed.
Logically, the velocity and acceleration of the flux rope depend on the used model
for the background solar wind. The shear velocity too has an influence on the CME
velocity: the faster the shearing, the faster the propagation of the flux rope. This is
due to a more efficient conversion of magnetic energy to kinetic energy. Depending
on the width of the shear region with respect to the width of the closed field line
region, the flux rope is created faster or slower, or not at all in the case when the
shear region is too narrow. The amount of helicity injected in the coronal volume was
also calculated. It turned out that a certain threshold in helicity has to be exceeded so
that the instability leading to the formation of the flux rope could occur and that this
threshold is dependent on the background medium. We concluded that the determining
factor in the onset of the instability is not the amount of helicity injected through the
boundary, but rather the total amount of helicity in the coronal volume.

Next, we presented the results of a study in which we investigated the influence of
the background solar wind on the evolution of a fast CME. For this purpose, a simple
density blob model was used to initiate the CME. In the blob model, we have free
control over the amount of added density and velocity, and as such over the amount
of momentum and energy included in the CME. The different velocity and density
structures of the background solar wind models lead to different average propagation
velocities of the CMEs. But also the shock strength and the spread angle of the CME
are influenced by the background wind model. The front of the CME is shaped by the
density and velocity structure of the background medium, and as such it differs from
wind model to wind model. These simple simulations were able to reproduce typi-



Summary and conclusions 141

cal CME associated observations, like the refraction of the helmet streamer and the
occurrence of post-flare loops. The associated reconnection down-flows were of the
same order of magnitude as the observed ones. Simulations with a magnetised blob
were performed as well, and the effect of the polarity of the flux rope (included in the
plasma blob) on the CME evolution was investigated. Depending on the polarity of
the flux rope, we referred to these different CME models as magnetised inverse (for a
flux rope magnetic field in the same direction as the overlying field) and magnetised
normal (for a flux rope magnetic field in the opposite direction as the overlying field)
according to the terminology used by Low & Zhang (2002). Depending on the mag-
netic field inside the flux rope, the magnetic forces are distributed differently and, as
a consequence, the evolution of the CME is different as well. The normal CME prop-
agates slightly faster than the inverse one, but also the distribution of the mass and the
spread angle of the CME depend on the polarity in the flux rope. The evolution path
of the two types of CMEs was investigated and it was found that the inverse CMEs
have the tendency to be refracted towards the equatorial region, whereas the normal
CMEs are refracted towards the polar region. The differences in magnetic polarity,
the mass distribution, the spread angle, and the evolution path, yield a different geo-
effectiveness for the two types of CMEs. The shock topology was investigated as well.
We concluded that the plasma is in the pressure dominated regime, and that in these
simulations only shocks of the fast magnetosonic type are present.

The previous two studies were both performed under the assumption of axial sym-
metry, which considerably reduces the computational cost, but also puts serious re-
strictions on the validity of the results. Since real CMEs on the Sun possess a clear
three-dimensional (3D) structure, the assumption of axial symmetry is apparently not
realistic. Therefore, a fully three-dimensional simulation was performed, where the
three-dimensional counterpart of the blob model was used to generate the CME. In
this way, we were able to compare the output of the three-dimensional simulation
with analogous axisymmetric (2.5D) simulations, in order to point out the differences
and check the reliability of the axisymmetric results. Three different axisymmetric
simulations were set up: one simulation with exactly the same initiation parameters
as in the 3D simulation, a second simulation where the same amount of mass was
provided in the plasma blob as in the 3D case, and a third simulation where the size
and density in the plasma blob were adjusted in order to obtain the same amount of
momentum as in the 3D blob. It turned out that the latter one is in best agreement
with the 3D simulation. The 2.5D simulation with the similar amount of momentum
showed a similar evolution of the CME front and the centre of mass in time as the 3D
simulation. We concluded that the axisymmetric simulations can be used as a simple
first approach to estimate the time of arrival and the density structure of the CME and
that they correspond well with the 3D result, provided that appropriate CME initiation
parameters are chosen.

In a final 3D simulation, a fast CME was modelled and followed up to the orbit
of the Earth. As initial condition, a flux rope was superposed on top of a stationary
background solar wind, where the wind was an approximation of the solar wind under
solar minimum conditions. The modified Miller-Turner solution (Romashets & Van-
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das 2003) was used to describe the magnetic field inside the initial flux rope. To keep
the analogy with the previous 2.5D solutions, extra density and velocity was added to
the flux rope. The flux rope was subjected to the stretching transformations of Gibson
& Low (1998) in order to imitate a rising prominence by the initial configuration. The
CME was followed during more than 100h and the simulation used 440 compute cores
of the VIC cluster for about 10 days. The simulated height-time profiles showed the
typical strong deceleration observed in fast CME events, and the arrival time at 1 AU
fitted within the error boundaries of the empirical shock arrival model of Gopalswamy
et al. (2005a). Images similar to coronagraph pictures were produced. Clear evi-
dence of post eruption arcade structures were present in the simulation. The simulated
CME conserved its shape throughout the simulation, in agreement with the self-similar
CME behaviour often observed in coronagraph images. A constant expansion speed
of 70 km s−1 was found for the CME when travelling through interplanetary space. For
an observer hit by the nose of the CME, the typical characteristics of a magnetic cloud
are present in the simulation. The measured plasma parameters are strongly dependent
on the position of the observer. Even a change of a few degrees can already yield a
strong change in the geo-effectiveness of the CME. The added amount of energy and
mass in the initial flux rope was close to the estimated amount of mass and energy
present in the April 4, 2000 CME event. The measured ACE profiles for this event
were compared to the simulated plasma properties and it turned out that the shock
arrival time and shock strength of the simulated event were in quite good agreement
with the April 4, 2000 event. This simulation demonstrated that, although the CME
initiation mechanism was missing in the simulation, by fine-tuning the initial param-
eters the measured ICME profiles of real events can, to some extent, be approximated
by numerical MHD simulations.

Although the presented simulations are definitely susceptible to further improve-
ments, they showed realistic CME behaviour and provided essential knowledge about
the CME propagation. The simulations also demonstrated the need for stable, accu-
rate, and fast numerical schemes, and the continuous improvement of numerical tech-
niques. The recent change in the AMR version of the code, makes it an attractive tool
for future simulations of the Sun-Earth system. The simulations also demonstrated the
need for a reliable and accurate model for the background solar wind. Even a small
change in the density, velocity, or magnetic field structure might lead to a change
in the geo-effectiveness of the superimposed CME. The recently launched STEREO
and Hinode missions, and the future planned missions (e.g. SDO, Solar Orbiter) will
provide a plethora of new and more detailed observations. This stream of new in-
formation will be used to drive the initial and boundary conditions of the numerical
models, which will yield substantial improvements over the existing simulations.



Hoofdstuk 10

Nederlandstalige samenvatting

Met haar doctoraatsonderzoek tracht Carla Jacobs een beter inzicht te krijgen in de
structuur en de interplanetaire evolutie van coronale massa-ejecties (CME’s).

De buitenste laag van de atmosfeer van de zon is meer dan een miljoen graden
Kelvin heet en vertoont een duidelijke structuur ten gevolge van het aanwezige mag-
neetveld. Wanneer de magnetische energie toeneemt, door bijvoorbeeld schuifelende
bewegingen van de magnetische voetpunten of door opwelling van nieuwe magneti-
sche flux, kan er een instabiliteit van het magneetveld optreden, met als resultaat de
opening van de magnetische veldlijnen en het vrijgeven van een enorme hoeveelheid
zonnemateriaal en energie. Deze zonnefenomenen noemt men zonne-uitbarstingen of
ook wel coronale massa-ejecties. Vooral de zeer energetische uitbarstingen zijn in-
teressant om te bestuderen, omdat ze dikwijls voorafgegaan worden door een sterke
schok. In deze schok kunnen geladen deeltjes versneld worden tot zeer hoge snelhe-
den. Wanneer deze wolken van coronaal materiaal uitgestoten worden in de richting
van de Aarde, kunnen de schok, de geladen deeltjes die ze voortbrengen en de bijho-
rende magnetische wolk interageren met het magneetveld van de Aarde. Dit kan een
geo-magnetische storm veroorzaken met mogelijk negatieve gevolgen, onder andere
voor communicatie- en navigatiesystemen. Het correct kunnen voorspellen van de
impact van dergelijke coronale massa-ejecties op de Aarde is dan ook van uitermate
groot belang voor onze hoog-technologische samenleving. Numerieke simulaties zijn
een mogelijk middel om een beter begrip te krijgen van de structuur en evolutie van
deze impressionante zonne-uitbarstingen.

De coronale massa-ejecties planten zich voort in de zonnewind. Dit is een con-
tinue stroom van geladen deeltjes afkomstig van de Zon die het medium tussen Zon
en Aarde vult. De zonnewind en de zonne-uitbarstingen werden bestudeerd in het ka-
der van het mathematisch model van de magnetohydrodynamica (MHD), waarbij de
vergelijkingen voor ideale MHD werden opgelost met behulp van de eindige-volume
code VAC. Voor deze simulaties werd er extensief gebruikt gemaakt van parallelle
berekeningen op de K.U.Leuven cluster VIC. Verschillende modellen voor de zonne-
wind, die vaak gebruikt worden in de literatuur, werden gereconstrueerd waarbij elk
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model werd gesimuleerd met hetzelfde numerieke schema, gebruik makend van het-
zelfde grid, en met identieke begin- en randvoorwaarden, zodat de enige verschillen
tussen de modellen volledig te wijten zijn aan de verschillen in fysica vervat in de
vergelijkingen. De verschillende simulaties tonen aan dat zowel het model voor het
achtergrond medium als de initiatieparameters een effect hebben op de evolutie van
de CME’s. Zo is gebleken dat de hoeveelheid magnetische heliciteit aanwezig in het
coronale volume een belangrijke factor is in de aanzet van de instabiliteit in het mag-
neetveld. Anderzijds zorgt een verschil in dichtheids- en snelheidsstructuur van de
zonnewind voor een verschil in voortplantingssnelheid van de CME, een verschil in
schoksterkte en een verschil in uitspreiding van het coronaal materiaal.

Ondanks het feit dat deze simulaties een sterke vereenvoudiging van de werke-
lijkheid inhouden, was het mogelijk om vele typische observationele kenmerken van
CME’s te reproduceren. Deze simulaties hebben het potentieel om de gemeten plas-
mavariabelen tijdens het voorbijtrekken van een CME op een kwalitatieve manier te
reproduceren en in zekere mate te voorspellen.
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